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Structure

Two sessions from 14:15-15:45 and 16:15-17:45 on Wednesday
Blocks of lectures, exercises and seminar according to the detailed schedule

Exercises: Two groups

e first group: 12:00-15:00, tutor: Judy Chebly

* second group: 15:00-18:00, tutor: Harry Dawson

* (third group: 12:00-15:00 online, Judy Chebly)
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Exam: 13:30-14:30: 2.27.0.01




Structure

Requirements to reach the final exam

* Hand in the exercises in time and reach more than 50% of the points (groups
of two persons)

* Give a talk about a modern topic related to stellar astrophysics in the seminar
and actively contribute to the discussion

Final exam

* written exam of one hour duration on Wednesday 23.02.2020?, 13:30-14:30
* Grade on this exam combined with part Il will be grade of Modul 750




Seminar topics

Based on recent review papers on modern topics. Up to two speakers per topic,
about 20 minutes per individual talk

* Stellar Dynamics and Stellar Phenomena Near a Massive Black Hole
* Near-Field Cosmology with Extremely Metal-Poor Stars

* Hypervelocity Stars

e Hot Subluminous Stars

* Observational Clues to the Progenitors of Type la Supernovae

* Multiple Stellar Populations in Globular Clusters

* Red Clump Stars

 Asteroseismology of Solar-Type and Red-Giant Stars

* Mass Loss: lts Effect on the Evolution and Fate of High-Mass Stars
* The Most Luminous Supernovae

* Masses, Radii, and the Equation of State of Neutron Stars

* Microarcsecond Astrometry: Science Highlights from Gaia
 Evolution and Mass Loss of Cool Aging Stars: A Daedalean Story
* Astrochemistry During the Formation of Stars

* Probing the interior physics of stars through asteroseismology
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Seminar talks

Audience: Members of the class

— Basics can be expected, but no in-depth knowledge about details
Talk should be as simple and easy to understand as possible!

— Of course not all topics are simple ... this is the challenge here
Stay in time!

— Talk must be practised several times before delivering it in class

Use material from the review papers, references therein, textbooks, the internet
(always with proper citations)

Papers can be downloaded using a UP account from the SAO/NASA Astro-
physics Data System (ADS) webpage

http://adsabs.harvard.edu/abstract_service.htm

Using the HTML version allows to download all the images and plots in high-
resolution



http://adsabs.harvard.edu/abstract_service.html

Seminar talks

Basic structure:

* Introduction should be sufficient for the audience to get the context (about
one third of the time)

* Methods should be described in a general way avoiding too many details

* Results must be clearly summarized and put into context — the abstract and
conclusions session of a paper are very helpful here, also press releases re-
lated to the articles

Each talk needs to tell a story, which is self-contained!




Seminar talks

Common mistakes

* Too many details — People who really get interested in the topic of their talk
sometimes forget who is listening

* Showing off — Some people think, they can impress the lecturer and the other
students with an extra complicated talk (lots of formulae, unexplained jargon
etc.)

* Trying to show off — See above, but for the reason that they don’t understand
the topic and try to hide that. This never works!

* Underestimating the effort — Compared to other tasks, giving such a talk
might look easy and doable within a day or so. It is not and requires prepara-
tion and practice!




Literature

 Kippenhahn, R., Weigert, D., & Weiss, A., Stellar Structure and Evolution,
2012

* de Boer, K. S., & Seggewiss, W., Stars and Stellar Evolution, 2008

* Prialnik, D., An Introduction to the Theory of Stellar Structure and Evolution,
2010

Slides of the lecture, seminar topics and exercise sheet and solution can be
found on Moodle.UP
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Why study stars?

Gravitational waves Exoplanet

NASA Ames/SETI Institute/JPL-Caltech

NASA/SXS Nucleosynthesis

Cosmology

4

NASA, Harvard CfA, lllustris Collaboration NASA/CXC/SAQ/STScl/JPL-Caltech




gravitational_waves.mp4
Media File (video/mp4)


Illustris.mp4
Media File (video/mp4)


Why study stars?

Studied by effects on host stars

Massive binary star progenitors

ESA/ATG medialab

nuclear processes, stellar evolution

ESO

Stars needed to understand galaxies
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Relevance for astrophysics

 Stars are an important constituent of visible matter in the universe
— 10" stars per galaxy x 100 galaxies in the observable universe
— 0.5% of the mass of the universe
 Stars synthesise all heavy elements
» Stars are well-studied and can be used to calibrate distance and to unravel
structures
 Stars host planetary systems and dominate their evolution
— Sun is crucial for life on Earth
» Stars are laboratories to study all kinds of physics
— Thermodynamics, general relativity, nuclear and particle physics




Relevance for astrophysics
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What is a star?

A star can be defined as a body that satisfies two conditions:

* It is bound by self-gravity.
* It radiates energy supplied by an internal source.

There is a certain range of masses stars can have:

* Objects below ~ 0.08 M, are no longer stars but brown dwarfs or planets
because they shine (mostly) by reflection of stellar light instead of radiating it
on their own.

« Stars with more than several hundred M., are not possible because their
strong radiation-driven stellar winds prevent them from accumulating more
material.




Parameters of the sun

radius R. 696 000 km

mass Ms 1.989 x 1030 kg

luminosity L. 3.86 x 10%° W
Our sun @ as reference star te(;];ﬁg[é\;:ture T.. 5780 K

central

temperature T, 15 x 10° K

age t, 4.5x10%yr

Sunspot

Penumbra — N Solar wind
Umbra —_

zone

Photosphere

Temperature
minimum

Chromosphere
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All features drawn to scale
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Historical overview




History

Ancient times E.g., Anaxagoras, Aristotle: Stars are "flaming stones"

1600

1695

~ 1800

1814

1838

Pre-1848

Heliocentric models identify the Sun as gigantic heat source in
space

Christiaan Huygens compared the brightness of stars with the
Sun to calculate their distances

William Herschel speculated, that the Sun might be inhabitated
under a thick mat of clouds

Joseph von Fraunhofer discovers absorption lines in the Sun and
some stars

— Spectral classification in the early 20th century

Friedrich Bessel, Friedrich Struve and Thomas Henderson
measure the first parallax distances of stars

— Distinction between giant and dwarf stars

E.g., Kant, Laplace: Stars are "fire balls"




History

1842/43

1848

1854 + 1861

1861

1865

1869

1878
~ 1880

Julius Robert Mayer (surgeon!) and James Prescott Joule
propose conservation of energy as physical law (thermodynamics)
Mayer: First proposal of a specific heat mechanism for the power
supply of stars, namely the infall of meteors

Helmholtz & Kelvin: Power supply by contraction (gravity)

— Lifetime of less than 100 million years

<+ Charles Darwin and geologists (billions of years)

Lane: Stars get hotter as they radiate and shrink ("Lane’s law")
Herve Faye suggested that sunspots are regions, where the
glowing surface is blown aside

Lane: Theory of polytropic gas spheres

Ritter: First theory of stellar evolution based on Lane’s law
Assuming that stars derive energy from contraction, A. Ritter
calculated the lifetime of the Sun to less than 6 million years,
after which contraction should cease and cooling start




History

1880 Norman Lockyer proposes that stars are formed by
gravitational contraction of meteoritic particles
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History

1911 Eijnar Hertzsprung
.~ — apparent magnitude against color for

stars in the Pleiades and Hyades
« — No giants or supergiants in Pleiades

and only a few in the Hyades
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Fig. 7. Hyaden.
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History
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1913 Henry Norris Russell
o Ly — Giant stars are contracting to-
: \,z\ wards the main sequence
D — Main sequence stars stop con-
. .\i " tracting and cool down along the
X | i \\ sequence

Figure 8.10 Henry Norris Russell’s first diagram, with spectral types
listed along the top and absolute magnitudes on the left-hand side. (Figure
from Russell, Nature, 93, 252, 1914.)




History

1907

1926

1926

1925

Emden: Systematic work on polytropes, i.e., stellar models

where heat is transported solely by convection (book: Gaskugeln)

F. J. M. Stratton: Spectroscopic similarities between early-type stars and
planetary nebula, late-type stars and spiral nebula

— O, B stars and planetary nebula come from diffusive nebulosity

— M giants come from condensations in the arms of spiral nebula
Eddington: The Internal Constitution of Stars

Perfect gas, uniform terrestrial () composition, constant opacity, constant
energy generation, Theory of radiative heat transport (first suggested by
Sampson in 1895 & K. Schwarzschild in 1906)

— Prediction of the mass-luminosity relation, opacity problem (debated)
Cecilia Payne, PhD thesis: Stellar Atmospheres, A Contribution to the
Observational Study of High Temperature in the Reversing Layers of Stars
— First application of Sahas ionization theory to specitral lines of stars
Strength and presence of lines depends more on temp. than on abundance
— Stars consist mainly of hydrogen (highly debated)




History

Ca Fe,Ca
Ca H Ca |HFe Fe H Fe Mg Fe Na

| |
400 450 500 550 600 650 700
Wavelength (nm)

Metal lines are more abundant and stronger in the solar spectrum + Meteroids
consist of rock and metals

Modern philosophy: Law of nature are universal
— Stars have terrestrial composition

History 7



1 January 14, 1925.

My dear Miss Payne:

Here, at last, are your notes on relative abundance which you were so good
as to send me some time ago....

You have some very striking results which appear to me, in general, to be
remarkably consistent. Several of the apparent discrepancies can be easily
cleared up. [Here Russell discusses Mg, Mg+, and K in some detail.]

There remains one very much more serious discrepancy, namely, that for |

hydrogen, helium and ozygen. Here I am convinced that there is something
seriously wrong with the present theory. It is clearly impossible that hydro-
gen should be a million times more abundant than the metals, and I have
no doubt that the number of hydrogen atoms in the two quantum state is
enormously greater than is indicated by the theory of Fowler and Milne.
Compton and I sent a little note to "Nature’ about metastable states, which
may help to explain the difficulty....

Very sincerely yours, ™

Henry Norris Russell

Gingerich 1995

History

U

b )

Harvard College Observatory, Wikipedia

1932 Eddington and Bengt Strdmgren resolve opacity problem with
hydrogen-rich stellar models
1937 Stromgren: Determination of hydrogen content in stellar core




History

1904
1920s
1928
1929

1931

1938-39

1940/50s

Rutherford: radioactive energy to resolve age issue

Quantum mechanics becomes the standard in atomic physics
Gamow: Theory of Coulomb barrier penetration (major breakthrough
for considering nuclear reactions as energy source in stars)

Atkinson and Houtermans apply Gamows theory of the tunnel effect to
stellar interiors — Most effective interactions by light elements
Theory of nucleosynthesis of heavy elements in stars

— fusion of hydrogen to helium as energy source for the sun

— Quadruple collision of hydrogen atoms unlikely

— Successive absorption of protons

Bethe and von Weizsacker find the proper channels for the fusion of
hydrogen to helium (p-p chain and CNO-cycle)

— Nuclear fusion as energy source of stars confirmed

Nuclear reaction rates could finally be computed due to intensive
laboratory work in nuclear physics




History

1916

1926

1930
1934

1952

1951-54

Ernst Opik derives the density of the recently discovered new luminosity
class of white dwarfs to be 25000 times higher than the one of the Sun
— "Impossible", Eddington: "Shut up. Don’t talk nonsense."

Fowler applies quantum mechanics and explains the high densities as
degenerate matter

Chandrasekhar derives a limiting mass for white dwarfs

Baade and Zwicky: propose existence of neutron stars

— Binding energy powers the newly identified class of supernova explosic
Sandage and Schwarzschild show that the contraction of the core due to
hydrogen exhaustion leads to an expansion of the envelope

— Red giants are evolved stars

— Explanation for connection between giants and dwarfs in cluster HRD
Opik, Salpeter and Hoyle show that carbon fusion by the triple-alpha
process occurs in red giant cores
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Unsdld 1942, ZA, 21, 10
1939 Unsold performs the first detailed spectroscopic analysis of a star other

than the Sun — Quantitative spectral analysis
1980s Multi-mode pulsating stars are studied for the frist time
— Helio- and asteroseismology
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DR Rl s Lo

1950s
1958

1967
1972

2014

2017

History

1f . ,
Stellar evolution modelling became a field of computational astrophysics
Schwarzschild: Presentation of numerical models (based on hand
integration techniques) that consistently account for energy production
and energy transfer; breakthrough in model building

Jocelyn Bell and Anthony Hewish discover the first pulsar

Bolton, Luise Webster and Murdin discover the first stellar mass black hole
in an X-ray binary

LIGO detector discovers merging black holes from their gravitational

wave signal

LIGO and VIRGO detect neutron star merger, prove the connection to

gamma ray bursts and the synthesis of heavy elements in this process



Observables of stars




Observables of stars

 Stars are observed as point sources (except our Sun)
* Electromagnetic radiation of very different wavelengths is emitted by stars

* The intensity /y of this radiation is transformed to the signal S measured by
several wavelength dependent functions

S(A) = (M)A OV F(N)Q(A) (4.1)
A()) Extinction by the interstellar medium and the Earth atmosphere
O()\) Absorption by the telescope optics
F () Transmission function of the filter
Q()\) Quantum efficiency of the detector




Photometric filters

Johnson-
Cousins

* measured brightness in a certain filter
X is given as apparent magnitude

Fx
Fxo
Fx flux density using filter X Fx g ref-
erence flux (zero-point) for this filter
(Vega or AB-system)
* Magnitudes in different filters can be
combined to determine colours

my—my=X-Y (4.3)

O» OO . n i I
3000 4000

6000 7000 8000 9000 10000

Wavelength (&)

Bessell, MS. 2005
Annu. Rev. Astron. Astrophys. 43: 293-336



Photometric filters

Johnson-
Cousins

Hipparcos-Tycho

o

@

S
LILILN UL

OOO . n i I

3000 4000 6000 7000 8000 9000
Wavelength (&)

Bessell, MS. 2005
Annu. Rev. Astron. Astrophys. 43: 293-336

10000

* system bases on the flux of Vega,
Myega = O at all wavelengths

* AB system: object with constant flux
per unit frequency interval has zero
color

mag = —2.5log(f()\)) — 48.6 (4.4)

mag = V for a flat-spectrum source.




Abolute magnitude

* Absolute magnitude My can be calcu-
lated from the apparent magnitude, if
the distance d is known

distance modulus
 most direct distance measurement is
using the parallax m

d=1/x (4.6)

d in pc, 7 in arcsec

ESA




Bolometric magnitude and luminosity

"3 N\ e 3 e polometric magnitude My, is the in-
W[ i tegrated absolute magnitude over all
P 3 wavelengths

1‘005 E OO

ZZ: : Mpor = —2.510g4, / Lhdx  (4.7)
°k o

WF 3« to transform to bolometric magnitude
i 3 abolometric correction is necessary,
&l 1 which is calculated from stellar model

;  fluxes for each stellar type

ij%: :% Mbo/ = MX — B.C. (4.8)
3« luminosity of a star is related to the

o» i bolometric magnitude

- L oMM} 25 4 )

Lo

3000 4000 6000 7000 8000 9000 10000

Wavelength (A)

Bessell, MS. 2005
Annu. Rev. Astron. Astrophys. 43: 293-336



Interstellar Reddening

Extinction Ay

 absorption and scattering of electromagnetic
radiation by dust and gas between an emit-
ting astronomical object and the observer

* shorter wavelengths (blue) are more heavily
reddened than longer (red) wavelengths

Reddening and Extinction

L on g wavelength
(redder light)
less intensity

» measure colour index B — V /\M WA
EB-V)=(B-V)-(B-V) (410) /\/\WM_' ot et v
Ay =3.2E(B— V) (4.11) S

short wavelength
(bluer light)

 true distance

d — 1 OOZ(m—M+5—A\/) (41 2) Wlost of the short wavelength

lightis scartered avwray from
itz origingl direcdon.




Atmospheric extinction

X is the air mass
X(z) ~cos™ 'z

* extinction greater for
blue than for red

eV = Vo + k(N)X(2)
1 S k()) is the extinction
% coefficient
i Z is the zenith dis-
§ tance

| | | |
1 2 3 4

Airmass (X)

Standard stars to correct for atmospheric extinction and calibrate the sensitivity
of the instrument




Eetinction [mogfair moas)]
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Mauna Kea
Extinction Curve

Atmospheric extinction

Jooo S000 a000 SOOT

WAVE ENGTH [ Angatroms)

V = Vo + k(N)X(2) k() is
the extinction coefficient
Z is the zenith distance
X is the air mass
X(z) ~cos™ 'z

* extinction wavelength-
dependent

* blue stars are getting weaker
compared to red stars




Spectral radiant emittance, W/(m? um)

10 Black-body spectrum

Wavelength, um

Black body radiation

Spectral radiance, W/(m? um sr)

Definition
* in thermal equilibrium with its sur-
roundings
* emits a continuous spectrum whose
spectral shape is defined solely by its
temperature — Planck function
Realisation in nature
* well recovered if photons are fre-
quently absorbed and emitted, i.e.,
iIf the photons’ mean free paths are
short
* fulfilled in the stellar interior due to
the high densities
* not fulfilled in stellar atmospheres
where the densities are low
* useful first approximation




Derivation of the Planck function

closed box coupled to a heat bath
— photon gas inside is in thermal equilibrium

— energy density U of photons of frequency v (h is the Planck constant, ¢
speed of light, kK Boltzmann constant)

. 8rhy3 1

e exp(hv/(kT))) — 1

To derive Planck function B(v) compute energy per unit area and unit time es-
caping through a tiny hole at, e.g., the bottom of the box:

u(v)

(4.13)

~ escaping energy _€(v)

" perunitareaandunittime = dAt

e(v, 0)do is the energy of photons with frequency v escaping through the hole in

unit time from all directions inclined at angle 6

Fig u27T sinf
47

n(0) fraction of photons in prescribed cone, V() volume occupied by those pho-

B(v) (4.14)

e(v,0)d0 = un(0) V(6)

dAcdtcosé (4.15)

tons capable of passing through the hole in unit time



Derivation of the Planck function

Integration over angle yields the Planck function B(v):

/2
1 ~ 21 hy3 1

B(v) = / (v, 0)do /(dAdt) = ZCU(V) 2 exp(hw J(KT)) — 1

(4.16)
0




Properties of the Planck function

» B(v) is energy per unit area per unit time per unit frequency interval. Often
Planck function per wavelength interval is useful. — B(\)d\ = B(v)dv:

dv| av=c c\ ¢ 2r7hc? 1
B(\) =B —| =" B |- = 417
() ¥) d\ ()\> A2 N> exp(hc/(AKT)) — 1 417)
* Integration over all wavelengths gives us the luminosity per area
L sphere L I 4
— = = [ BINXAA=S =0T 4.1
A A7 R? / Wdr =5 =0 (4-18)
0
o = 1257;% = 5.6705 x 10~°ergcm—2s~'K~* is the Stefan-Boltzmann con-
stant

* Wien’s displacement law states that the blackbody radiation curve for different
temperatures peaks at a wavelength inversely proportional to the temperature

dd—)\B( Amax) = 0 — Amax T = 2.898 x 107 AK (4.19)




Planck function

‘ { I

I~

(\9

B(1) (107ergecm=2s~1 A1)

-

| | | |
2000 4000 6000 8000 10000 12000 14000 16000 18000
A(A)

Wien approximation 2% > 1 — B,(T) ~ 2’7” exp(—hv /(KT))
Rayleigh-Jeans approximation 7% < 1 — B (T) ~ 224T

c2




Planck function

| | ‘ ‘
1 —— Solar model |

—— Blackbody with 5775 K

F,(107ergecm™2s~ 1 A1)

0 -
\ \ \ \ \

\ \ \ \
2000 4000 6000 8000 10000 12000 14000 16000 18000
A(A)
Definition of the effective temperature:

The effective temperature of a star is defined as the temperature of a blackbody
having the same radiated power per unit area.

/F A)dA = O'T (4.20)




Wavelength (nm)

B 1000 100
A - [ [
100 Infrared | Ultraviolet
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Color-temperature relation

Pecaut & Mamajek (2013)

Dwarf color—temperature sequence

= FO

log T, = a, + a, (B-V) + a, (B-V)?_]
+ ay (B-V)® + a, (B-V)*
= +3.98832406

—-0.55755550

= +0.49840255

—0.32413323
+0.07809480
(B-V) < 1.43

B9 < SpT < MO

0

0.5

B-V [mag]
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Observed quantities

Spectroscopy

" Stellar Properties

y
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Fundamental Parameters

Mass M,: Except for massive stars with strong stellar winds or stars in
Interacting multiple systems, the stellar mass is constant
throughout a star’s lifetime.

Possible range: 0.08 to several hundred M,
Radius R,: stellar radius is a probe for the evolutionary status.

Possible range: 0.5-1000 R

Luminosity L,: total power radiated by the star: L, = 47R*F = 47 R%0 T’
Possible range: 1072 — 107 L,

Age T,: age of the star. More massive stars have shorter lifetimes because

Typical range: millions to billions of years

Mass and radius linked via the surface gravity g = GM,J?;Z — spectroscopy




Determination of fundamental parameters: Mass

Direct measurements of masses are only possible when stars occur in binary
systems and when their orbital motion is known

s2 - Mass of component 1 and 2

P . Orbital period (measured)

d . distance to the system (somehow known)
i . Orbital inclination against the line of sight

(somehow known).

a2 Semimajor axis of the two stars’ angular

motion relative to center of mass

(measured) — Agpsery = real SINI

» Keplers’s third law with a = a1 + ap:
G(M; + Ms) a’

e (4.21)

e center-of-mass law
M;a; = Mbas (4.22)




Determination of fundamental parameters: Mass

double-lined spectroscopic

>N
9 I = binary in circular orbit:
S B 2ra
> ¢ 7T L
© K; 2= 1/2 sin/ (4.23)
S P
o . N Kj 2 is the radial velocity
Time amplitude
. — three unknowns: /,
< —\/\/— M, M>; two equations !
._.—Zf — inclination can be de-
V > rived for eclipsing binaries
Observer Wavelength (i ~ 90°)
* momentum conservation:
MKy = MbK> (4.24)
» Keplers’s third law with a = a1 + ap:
. 3. P
(M + M) sin®i = ——(K; + Ko)® (4.25)

271G




Determination of fundamental parameters: Radius

dp+ 0 = V(ts — bo)
dpr — O = V(s — 1)

da g is the stars’ diameter,
w \—/_ v is the orbital velocity, {;

are the times of the eclipse

Brightness

>

1 2 3 4 5 6 7 8 9 10




—— Determination of fundamental parameters: Radius and luminosity —

Background with distant stars

T

« e
. F = F(Tg) is the surface flux of the star, f
is the flux arriving on Earth
Near St W LAU 4nd*f = 47R°F = R =d+\/f/F
Luminosity L using Stefan-Boltzmann law
d L = 47R%0 T:'ff

* Earth @l Earth
Tn

parallax w(arcsec) = 1/d(pc)




Determination of stellar parameters: Mass & age

3.2
3.4

~ 3.6

log(g (cm s>
»
P

.
o

. o %
_ZOM@ 12M,, OM 7

.
'

0 1
Mo  sMy am,

g
=)

| | | |
3500030000 25000 20000 15000 10000
T eff (K)

evolution tracks: circles give the age in Myr — (model dependent) mass and age
from position in spectroscopic HRD




Hertzsprung-Russell diagram
Observational:

Colour-Magnitude diagram (CMD) Theoretical: Temperature-Luminosity
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* Why are the stars dis-
tributed in that way?

* How can we learn about
the temporal evolution
of stars from such snap-
shots?

Siegel et al. 2007, Apd, 667, L57



Stellar classification

108 -

106 -

F,(ergecm=2s 1 A1)

4 1
10

4000 4500 5000 5500 6000 6500 7000
A(A)
Angelo Secchi (1863): Stars have different spectra emitted from the visible stel-
lar surface layers — Stellar atmosphere.

Annie Cannon introduced the Harvard classification scheme with seven spectral
types (O, B, A, F, G, K, M) in 1901.




Stellar atmosphere

Energy from the stellar interior flows outward and leaves the star as radiation

* Hydrostatic equation
— Pressure/temperature distribution in the surface layers
* Radiation transport equation
— Emergence of radiative energy at the surface
— Temperature distribution in the surface layers
= Stellar atmosphere model
= Model spectrum compared to observed spectrum

Main model parameters

* Effective temperature T
* Surface gravity g = %, usually used log g

* Chemical composition: abundance of hydrogen X, helium Y and the other el-
ements (metals) Z




Radiation theory

Radiative intensity /,
dE,

dw W6, 0) = cos fdtdrdwdo

Energy dE, within a frequency interval dv pass-
ing per unit time dt through a surface do and
being directed into solid angle dw

Integrated radiative intensity
— integrated over all frequencies

do cos O 16, 6) = | 1,
0

de Boer & Seggewiss 2008
Mean intensity J — average of /, over all solid angles w

T 27

Jy=l/ / l,(0, ¢) cos d sin qu§d9=l/ly(w)dw
47 4

0=0 =0




Radiation theory
Radiative flux F,
= / |,dv cos 0dw

— net energy in the interval dv passing each second through a unit area in the
direction of the vertical axis

— F,=F'+ F,, F} outward flux, F
— Spherical star J, = %Fy

— Isotropic radiation field F, =0 = F! = —F

U, = / — / |, dw
C

— Radiation energy dE, passes in a time interval df through a volume element
dV = dods, where ds = cdt. Energy density found by integrating over all solid
angles dw

— Isotropic radiation U, = %21,

— Total radiation density U = [ U,dv=22]

inward flux

Radiation density U,




Equation of radiative transport

dS | Intensity per volume element dV of length ds
M can change
dO. * Emission — emission coefficient j,
p - dE,
10 b= dtdvdudw
V Energy emitted per volume element dV in a
do Boer & Seqgewiss 2008 unit of time dt and frequency dv into a solid
* Optical depth 7, angle dw
s * Absorption — absorption coefficient k,,
T, = /liyds (4.26) dl, = —x,l,ds
0 Change in intensity due to absorption in the
the mean free path of pho- material over the path ds

tons is A7, =1




Equation of radiative transport

Solving the differential equation

as I dl, = —x,lds = —1,dr,

V
= I, = e = g /s

dg r=1=1,=0e
0 p Large optical depth 7 > 1:
IV — Material opaque I, < [I°
Small optical depth 7 < 1:

— Material transparent [, ~ [°
Total change in intensity gives the radiative transport equation

dl, = —«,l,ds +j,ds (4.27)
dl, d/, I
= =—IV+—=—IV+SV
k,ds dr, Ky
Source function S, dependent on material: S, < 0 more absorption than emis-

sion, S, > 0 more emission than absorption

de Boer & Seggewiss 2008




Equation of radiative transport
Solution for constant S,
l,=Pe ™ +S,(1-e™)

V intensity entering the volume and intensity pro-
duced inside the box are diluted by the optical

as

do depth
0 P * no background intensity /° = 0
IV = ,=5,(1-e™)
* no background intensity I =0 and 7, < 1
de Boer & Seggewiss 2008 = IV =T, SV
* no background intensity All produced radiation can be seen by an
l; =0and 7, — oo observer
=1, ~ B, * no background intensity /2 =0 and 7, > 1

Source function equals the =~ | ~8,

Planck function No photons can escape (they are immedi-

ately scattered or absorbed)




Equation of radiative transport

* background intensity /9 = 0
= 1,=5, + (IS —S,))e
dS I Applicable to stellar atmospheres
V « background intensity P+40and 7, < 1
=l =1)=71()=8S)
IS > S, — spectral absorption of an existing
0, P continuum
IV IS < S, — spectral emission superimposed
on an existing continuum
* background intensity /9 # 0 and 7, > 1
=, ~S,

do

de Boer & Seggewiss 2008




General equation of radiative transport

In a stellar atmosphere, effects of geometry
have to be considered

di,(r,0) = —r,I(r,0)ds + j,ds

dr =dscosf and rdf = —dssin 6:
General equation of radiative transport

a—’”cos@ B dl,sin 6
or o0 r

= —ryl, +J, (4.28)

de Boer & Seggewiss 2008




Continuity equation

) . —>
radiative flux F,

= / l,(r,0)dv cos 6dw

1 dF,
= - = 1% IV — SV
47 dr & )
Energy transport only by radiation — %’f 0
Continuity equation
1 0@ 0@
k,Fdv = | k,S,dv (4.29)
4
0 0

connection between the frequency dependent
transport equations and the total radiative en-
ergy transport

de Boer & Seggewiss 2008




Local Thermal Equilibrium

Thermodynamic equilibrium (TE)

* radiation is isotropic and in balance with the material

« all processes (absorption, emission) in balance

* no changes in time

[, =S, = B, Black-body continuum — does not exist in the real universe

Local thermal equilibrium (LTE)
* locally, in small regions of the star TE (almost) fullfilled
* if the gas is not in LTE — non-LTE (NLTE)
*S,=B,and§:=0= B, = jv/k,
* LTE can be assumed for some stellar atmospheres (high density, low temper-
ature — radiation-matter interactions in balance)




Plane parallel atmosphere

R ---_. Atmosphere with large radius
r+ar AR o — Plane parallel atmosphere approximation
r XO& dd =0anddr, = —k,dr
‘. — General energy transport equation
do \ q/
“cosf=1,—S,
dr,

— total radiative flux F does not depend on the
depth r (F = const = energy conservation)

4 4
de Boer & Seggewiss 2008 F =0 T (r) =0 Teff




Limb darkening

Edge of stellar atmosphere
— Radiation field not isotropic
— Angular aspect 6 relevant (secf = 1/ cos )

3 T=0 le—TSGC(9 _ / Se—T’secedT/ secd
T T
Outward component
(/jT
el T="T, 1,(0,0) = /S r,)e " ¢ secd

de Boer & Seggewiss 2008
approximation for the source — Edge of V|S|ble disk: 0 = 5,s€ct/ — oo

function: } (O,z) _0

S,(r,) = a, + b,r, A
— Center of visible disk: § = 0,secf = 1
— 1,(0,0) = a, + b,cos b

1,(0,0) = / S,(r,)e dr,




4-39

Gray atmosphere

Simplified expression for the absorption coefficient k, ~ &

= kdS)

F = [ F,dv,dr

(

weighted mean opacity

— Rosseland opacity: flux

Y AN
D | Q
Y
I~
wde
1_nu
g |
<ol
Il
— 1

((,_8 ;urd)x)30]

log(p/Tg(gem™ K™))
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 (http://cdsweb.u-strasbg.fr/topbase/OpacityTables.html) 

Gray atmosphere

— Simplified equation of radiation transport

cos 02" _ iz 9y — s
dr
— Simplified continuity equation
S(r) = - F(r) — 8(r) = = F - (7 + q(r)
47 47

q(7) ~ 0.7104 — 0.1331e344887 humerical function
— Simple limb darkening law can be derived

10,6) 2/. 3
_Z(1+2coso
10, 0) 5( tp 008 )




Gray atmosphere

Temperature structure

* LTE (S, = B,) using Stefan-Boltzmann law
7S(1) = o T4(7)

* gray atmosphere

3
T4 = 3 T (7 + @)

e at the surface (7 — 0) with g, = 2/3

1

TO=W ef

( — To. = 4860 K




/T _eff

nd
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Gray atmosphere
T vs. log(7)
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Gray atmosphere

pressure structure
* ideal gas Pyas = NKT, gas pressure dPyss = —pgds
dPgaS _ g

dr Km

rm(T, P, XYZ) mass absorption coefficient — Numerical solution
* gray atmosphere and approximation Pyas = (9/km)T

— Geometric structure

dPgaS df
P =dIn Pyss = o

with Hp = g—g the pressure scale height and (T, P, XYZ) the mean molecu-
lar weight




Opacity B

Opacity = ability of stellar material to absorb radiation

-

Ryges = Rubbt Ry pbf + Ky ff+ 0y, Cc+0p e+ Oy R (4.30)

— True absorption is dominant in most stellar gases

Stellar Atmospheres 19



Sources of opacity — bound-bound transitions

atom absorbs a photon and becomes excited

- @

- @

http://spiff.rit.edu/classes/physé4

O

O

0/lectures/opacity/opacity.html



http://spiff.rit.edu/classes/phys440/lectures/opacity/opacity.html

Sources of opacity — bound-free transitions

lonizing absorption: if a photon has enough energy, its absorption can knock an
electron free from an atom and send it off with the leftover energy in kinetic form

+®

http://spiff.rit.edu/classes/phys440/lectures/opacity/opacity.html



http://spiff.rit.edu/classes/phys440/lectures/opacity/opacity.html

Sources of opacity — free-free transitions

When a free electron happens to be passing by a nucleus, it may absorb a pho-
ton (as opposed to scattering it). We call this a "free-free” or bremsstrahlung
process.

® e | , @

http://spiff.rit.edu/classes/phys440/lectures/opacity/opacity.html



http://spiff.rit.edu/classes/phys440/lectures/opacity/opacity.html

Sources of opacity — (Thomson) scattering

A single, isolated electron cannot absorb a passing photon, but it can scat-
ter it into some other direction. Scattering can also happen at atoms, ions and
molecules.

W / PR
- s l'll'f'_
o

http://spiff.rit.edu/classes/phys440/lectures/opacity/opacity.html



http://spiff.rit.edu/classes/phys440/lectures/opacity/opacity.html

de Boer & Seggewiss 2008
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Excitation energy (eV)
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Balmer series: .
wavelengths between 3700-6500 A (optical)

Lyman series: wavelengths between 900—1200 A (ultraviolett)

Absorption due to ionization

* Atoms are ionized by photons with
Ef}/ == hl/ > Eion

1 2 1 2
— Efy —_ Eion + zmeve + zmion ‘/ion

| — Ejon depends on excitation state of

atom
— bound-free (b-f) transition

* reverse process: recombination (f-b),
photon produced

* ionization takes place for
v > Vion = Eion/h
— sharp depression of continuum:
lonization edge




Absorption due to ionization

‘ — * ionization takes place for

V > Vion = Eion/h

— sharp depression of continuum:
lonization edge

AN
rg
=
Ooll—

He -——=
Cll+0OIl—

He | —
Fe ll
——Mgll

g 22 | — Hydrogen-like atoms:
Tz A 2
- Vedge = RZ >
- R Rydberg constant, Z nuclear
‘ . . | | | | charge
Corti et al. 2013, IBVS, a0 — Helium: vggge =~ %

— Hydrogen: vedge =~ -

T > 20000 K : hydrogen fully ionized, ionization edges disappear
T < 6000K : hydrogen not ionized to level n = 2 Balmer and higher n absorp-

tion edges not present

Metals are less abundant in most stars and have lots of transitions and excitation
stages — ionization edges weaker




Absorption due to H~ dissociation

||||||||||||||||||

5+ 7o=1.0

| At temperature of 5000 to 6000 K most

log P. = 1.80

| of the metals singly ionized

* Lots of electrons freed

 H™ anions created: n(H™) ~ 3 x
10-8n(H)

* binding energy 0.75 eV — easily
dissociated

x/P. cm?H atom per dyn/cm? x 10720

5000 10000 15000 20000
A (Angstrom)

— Important source of absorption in the infrared range (around 16500 A)




Absorption due to molecule dissociation

24

N
o

logarithmic abundance
>

121

—

2.0

Aller 1963

dwarf stars with
[O/H] > [C/H]

M8 Me M4 M2 MO K8 K6

I

U IS E—T— L l

1.6 1.2
© (=5040/Ty)

At low temperatures < 5000 K

3 molecules (Ho, CO, TiO, ..) present

in the stellar atmospheres

* molecules are dissociated by pho-
tons with E7 = hv > Ejiss

* molecule AB is dissociated into
atoms A and B: AB+ hygiss — A+B

* Energy is taken up to dissociate and
Kinetic energy as well as excitation
energy: E, = Egiss + Exin + Eexc

* Probability given by the dissociation
constant

Nang
Kag =

PATE _ kT
Pas Nag

assuming ideal gas PV = nkT




Absorption due to free-free transitions

At higher temperatures and higher electron densities, electrons passing by ions
are accelerated in the Coulomb field and then radiate Coulomb-Bremsstrahlung

* Free-free (f-f) transition — free-free radiation
* energy can also be absorbed from the photon-field leading to acceleration
(free-free absorption)
* Absorption coefficient (fully ionized gas (stellar interior), solar composition):
n2 1

b = 1.82 x 1072 g

g ~ 1 Gaunt correction factor




Opacity due to scattering

Resonant scattering on atoms and ions: absorption and instantaneous re-
emission of the photon around the frequency of an transition v (absorption line)

8re* [ v\*
7rR = 3meca (uo) N
Photon scattered by electrons (Thomson scattering) or molecules (Rayleigh
scattering)

- 8ret
- 3m2ch
— Thomson scattering important in hot atmospheres because of the higher
electron density ne

Ne = 6.65 x 107%°n,

Oe

Compton scattering: Photons scattered by relativistic electrons gain energy
— important in stellar interiors




Total opacity

- | /
% Free-free transitions

- @0 N Electron scattering

6 6.5 7 7.5
log(T (K))




Total opacity

Opacity «

/[

—— bound-bound

—— bound-free

— free-free

—— Thomson scattering

Y

T

Frequency v




Total opacity
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de Boer & Seggewiss 2008




Emission

Radiation continuum emitted by hot gas, can be described by Planck function in-
side the star as gasis in LTE

Further sources:

* Free-free transitions or Coulomb-Bremsstrahlung
— Electrons are accelerated and emit radiation
* Free-bound transitions or recombination radiation

Emission only significant, if the gas deviates from LTE




Excitation energy (eV)

06.5
BO
B6
A1
A5
FO
F5
GO
G5
KO
K5
MO
M5

F4 metal poor
M4.5 emission
B1 emission
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Spectral lines

Paschen series: wavelengths between 8200-18 700 A (infrared)

%

T 11

Balmer series:

wavelengths between 3700-6500 A (optical)

Lyman series: wavelengths between 900—-1200 A (ultraviolett)
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HD 10032
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HD 23524
SAO 76803
HD 260655
Yale 1755

HD 94028
SAO 81292
HD 13256

NOAO/AURA/NSF



https://reddwarfs.wordpress.com/tag/spectra/

flux F, (arbitrary units)

4000 5000 6000 7000
wavelength (A)

The shape of speciral lines is determined
by quantum mechanics and the bulk

properties of the gas

Spectral lines

de Boer & Seggewiss 2008
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https://reddwarfs.wordpress.com/tag/spectra/

Line broadening mechanisms — Natural broadening

1

—— (Gaussian
—— Lorentzian

Intensity

Wikipedia
Natural broadening: Lifetime of an excited state related to the uncertainty of

the energy (uncertainty principle AEAt = hAvAt > 1)
— Lorentzian line profile with very small width A\ ~ 104 A




Line broadening mechanisms — Pressure broadening

1

—— (Gaussian
—— Lorentzian

Intensity

Wikipedia

Pressure broadening: Interaction of the emitting atom with the electric field of
the surrounding plasma. Transition changed due to the Stark effect

— Lorentzian line profile width depends on pressure A\ ~< 0.1... > 1000 A




Line broadening mechanisms — Pressure broadening

1 \
0.8
0.6
0.4

0.2 |

Niemczura, Smalley & Pych 2014

H 3 for

Tt = 7000, 10 000,
250000 K and

log g = 2.0 (black), 3.0 (red),
4.0 (green), 5.0 (blue)

o
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Dependent on the surface gravity of the stars
— Distinction between dwarfs and giants possible




Line broadening mechanisms — thermal Doppler broadening
1

— (Faussian
—— Lorentzian

o

Intensity
B[

N

Wikipedia
Thermal Doppler broadening: Emitting atoms have a velocity distribution de-
pendent on the plasma conditions

— Doppler effect causes Gaussian line broadening mostly dependent on tem-
perature




Line profile

Voigt profile («, w) : Convolution of Gaussian (thermal) function ¢(Ar) and
Lorentzian (pressure) function V(v)
so) = e (&)
V) = v
AVDﬁ

1 v/ 4T

vv) =;(I/—Vo (v/47)?

/ Y(vAv) ® o(Av)d(Av)

1| /OO o (&5) 1
(

= d A - H
Avpy/m | 472 v — 1 — Av)? + (v/47)? (Av) Avpy/T (o, w)
) _ _7 V=1
“= 47TAVD W= AVD
2kt

~v damping constant (pressure dependent), Avp = %

e\ Doppler broadening




Line profile

0.30 . .
B o-—1.53,+=0.00
B o —1.30,7=0.50
0.25 B o-0.01,v=1.80
B o—1.00,v=1.00

0.20

0.15

0.10

0.05

Wikipedia



Line shape and strength

shape due to frequency dependent absorption coefficient of the absorption line

H(c, w)

n; number density of atoms in the lower state /
fi, probability for a transition from the lower state / to the upper state u
with AE = E, — E; = hv — oscillator strength

Continuum intensity /°°™ is absorbed
I, = I°"e™™ 7~ H(a, w) £a \ /
A
Strength of spectral lines measured as

equivalent width \/
Icont . /)\
W, = / d\

lCOﬂt 1
0
Ww., W Ao A
= s W,= [ 1 —eTvdy =
A % line 2

Open University



Line shape and strength

small optical depth in the line (7 < 1 and/or a < 1)

— 41 Avp > v:
Doppler- broadening is much more important than the effect of the damping
— absorption profile shows, only the central part, the Doppler core of the line

+00 So

W, = 1 — e dv = (for small 7) = /Tde = //IidedV
line
0 sq

— assuming material doing the absorption to be constant over the line of sight

| nds = n,L = N, column density of the material, wavelength A = ¢/v

W, e2
)\ mc2N/f'”)\




Line shape and strength

very large optical depth in the line (7 > 1 and/or o > 1)

— damping more important than Doppler broadening
— shape shows wide damping wings: H(a, w) ~ VT

— Separating integration over line of sight and frequency

mcz \/ v/ Nifu) (4.31)

Equivalent width proportlonal to square root of the amount of material and the
line constant f\

W)\

Intermediate = and/or o« — Numerical integration: 52 =~ log N,fi,\

— Equivalent width proportional to logarithm of the amount of material and the
line constant f\




Curve of growth
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de Boer & Seggewiss 2008 l O g N .f A

b= 2\/§AVD(C/V0) half width half maximum of Doppler broadening




Boltzmann equation

In (local) thermodynamic equilibrium all processes are in balance

— Population of energy levels determined by statistics
— Distribution of particles in the possible energetic states A and B given by
Boltzmann equation

n AE
A _ 9A 538 (4.32)
Ns 0B

Na,g number density, ga g statistical weight, AEag = Ea — Eg

Ratio of particles in a given state to all particles of that kind

N _AEp _AEg
ntota| = Z = a . (91 + QZe kT 4 g3e kT 4 )

i

Q(T) =" gie E/*T partition function
j

n Ey
= —Q(T)er
g1 ()

Ni . E;
i__9 4

n- Q)

population number of a given state J relative to total population




Saha equation

Distribution of particles in two different ionization stages a and b is given by
Saha equation

L Qo(T) (27kaT>g e 4.33)
Ny Qa(T) h?2
Xab IOnization energy, Ne electron number density
* equivalent width of a spectral lines depends on N,fj, A
* fraction of the strength of two spectral lines with similar fi,\ in different excita-
tion/ionization stages depends (mostly) on T
— Excitation/lonization temperature can be determined
* Curve of growth (COG) analysis




Molecular bands

rotation vibration

Copynght & 2004 Pearson Education, publiabing as Addison Waeaksy,




Molecular bands

* In cool stellar atmospheres atoms can form molecules, which contribute to
the continuous (dissociation) and line opacity

* Molecules have additional energy levels due to vibration and rotation and
form bands instead of single lines (e.g. G-band of CH molecule)

* In dense atmospheres, atoms can continuously form short-lived quasi-
molecules, which quickly dissolve (e.g. Ho,H%,He»), but cause spectral fea-
tures




Molecular bands

CO
C,
\ _
CN
L=
N P | | PR S : l‘ L :
0.5 1.0 1.5 2.0 2.5

wavelength m
Loidi et al. 2001 Garbon-rich AGB star J [/.L ]
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Magnetic fields

" In stellar atmospheres with

strong magnetic fields, spectral
lines split based on interaction
of the field and the electron spin
(Zeeman effect)

e)?
O\ = g47rmc2H (4.34)

H magnetic field strength

Magnetic white dwarfs with
strong magnetic fields
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Rotation

Stellar rotation leads to Doppler-shifts of the specitral lines across the stellar sur-
face

— Integration over the entire visible surface leads to rotational broadening of

the spectral lines

b= 2Rusini— 22 Yotgin
C A C

b maximum FWHM broadening, w angular rotational velocity, V;ot rotational ve-
locity at equator, / inclination angle of the rotation axis
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Figure 4. H-alpha profiles of P Cygni from Oak
Ridge Observatory.

» Characteristic P Cygni profiles caused by
optically thick stellar winds

* AX\/)Ag = V/C, terminal wind velocity Vi

» Mass loss rate M determined with detailed
models




Model atmosphere calculation

* temperature and density stratification of a model atmosphere is calculated
by solving the basic equations of radiative transfer, hydrostatic equilibrium, ra-
diative equilibrium, statistical equilibrium, charge and particle conservation it-
eratively

* Approximations have to be made dependent on the type of atmosphere (ge-
ometry, LTE/NLTE, static/wind, opacity sources)

* spectrum synthesis code take a previously computed atmospheric structure
and solve, frequency-by-frequency, the radiative transfer equation, with a suf-
ficiently high resolution in the frequency space to provide a reliable predicted
spectrum to be compared with observations.

« Extended line lists containing of the order of 107 — 10° of spectral line data
are necessary




T (x10° K)

log n,

Model atmosphere calculation

4—-85

log n,

log 7x

b|IIa et al. 2011, A&A, 445, 1099
del atmosphere calculation
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Model atmosphere calculation
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Model atmosphere calculation
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Model atmosphere calculation
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Model atmosphere calculation

| Models are fitted to observed

Hy 4

1 spectra
| Multidimensional model grids or

— individual models

Spectroscopic parame-

— ters (model dependent):

Test Effective temperature

log g Surface gravity

n(X)/n(H) Elemental abundances
[M/H] Scaled metallicity (w.r.t Sun)
ViotSin i Projected rotational velocity
Voo Projected rotational velocity
M Mass loss rate

H Magnetic field strength

Naslim et al. 2012, MNRAS, 423, 3031



Stellar classification

10% | | | | | | | |
4000 4500 5000 5500 6000 6500 7000

A(A)
Annie Cannon introduced the Harvard classification scheme with seven spectral
types (O, B, A, F, G, K, M) in 1901.




Harvard classification

The Harvard classification is based on the presence/absence and strength of
absorption lines in low-resolution optical spectra:

A

Hydrogen lonized Neutral Molecules
metals metals

lonized Neutral
helium helium

Relative strength of lines

Y

Spectral class




Harvard classification = temperature sequence

It turned out later that the spectral classes are actually a temperature sequence:

Class|Most prominent specitral features| Temperature

lonized helium 45000 - 25000K
Neutral helium lines 25000 - 11 000K
Hydrogen lines 11000 - 7500K
lonized metals /7500 — 6000K

lonized and neutral metals 6000 — 5000K
Neutral metals and molecules 5000 — 3500K
Molecular bands 3500 - 2200K

= X 6O T> WO

The ordering of the letters is due to historic reasons. Also for historic reasons,
the hotter stars are sometimes called “early-type stars” while the cooler ones are
called “late-type stars”. This has nothing to do with age.




Link between spectral class and temperature

» Spectral classes based on absorption lines in optical spectra

* atom in ionization stage r and absorption line from transition from lower state
€r,| 10 upper state ¢,
— strength S of line scales with number of absorbers ny: S o ny

* likelihood to find an atom in state given by Boltzmann distribution ¢, :
Ny o< Npexp(—er/(kT))

* degree of ionization given by the Saha equation:

NeNr, 21 mekT)3/2 Erel—€r)\ o
enrm o | 3 ) exp(—( r/lT )) > Nr = Ne(T)

S x n(T)exp(—e/(KT)) (4.35)

— interplay between excitation and ionization effect




— Link between spectral class and temperature — Hydrogen as example —

151 Paschen series: wavelengths between 820018 700 A (infrared)

>
Q
= 107 Balmer series: o
E wavelengths between 3700-6500 A (optical)
()
(-
2 5
©
(s
x
n

0{ _ : ,

Lyman series: wavelengths between 900-1200 A (ultraviolett)

 Optical transitions only if first excited state is populated

* low temperatures, most atoms are in the ground state (Lyman series, UV)

* with increasing temperature first excited state gets populated (Balmer series,
optical)

* for high temperatures hydrogen atoms get ionized, less atoms in first excited
state




Luminosity classes

Stellar Classification
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Stellar structure equations




Gradient of scalar field

Scalar field: scalar value to every point
In a space (e.g. temperature,
gravitational potential)

Mathematical preliminaries

Divergence of a vector field

V-v<0 V-v>0 V- v=0
Nl ANz
71N /1\ e

vector field: vector to each point in a
subset of space (e.g. velocity field in
a fluid)




Mathematical preliminaries

Spherical polar coordinates: scalar field V' and vector field F
F=Fa,+ Fay+ Fsa,

gradient of V
vv_ﬂa lﬂa 1 8\/3
= or T 0 T rsing oo

divergence of F

19, 19 1 oF,
AVF = o )+ Teingae SO+ eing O
Laplacian of V: V2V = div(V V)

10 oV 1 0 oV 1 02V
2y _ 2~ " : s
viV= r2or (r 6r> * r2sing 09 (Slneagb) " r2 sin® 9 0¢?

horizontal component of vector F

F. = Fhay + F¢a¢

(5.1)

(5.2)

(5.3)

(5.4)

(5.5)




Coordinates and symmetries

Stars are clumps of gas, which are stabilized by the equilibrium of self-gravity
and pressure

— Spherically symmetric configuration
— 3D problem reduces to 1D problem

— To characterize the full star and its evolution, one needs a temporal coordi-
nate f and a spatial coordinate




dr

Coordinates and symmetries

m—k' dm

Eulerian description

m  Spatial coordinate is distance r from the
stellarcenter =0 <r < R

« m(r, t) mass of sphere of radius r at the
time {

= dm = 4rnrépdr — 4nrépvdt

p(r, t) density, v radial velocity
Conservation of mass




dr

m—k' dm

Coordinates and symmetries

* Mass in sphere r + dr at constant ¢

om 5

* Mass flow out of sphere r + dr due to ra-
dial velocity v within dt

om 5
W = —47Tr pV (57)

Conservation of mass (basic equation)




Coordinates and symmetries

0 (Om 84 ;2
caram ot\or ) "ot "
0 (Om 5
- or ( ar) ) 5[_4” pV]
Symmetry
0 (Oom\ J (dm
ot\ or ) Or\ ot
0 2 0 -
A :>47Tatf p = —47Tarl’ pV

r independent of ¢

0p 10(prév) ~
= 5= g =V (v) (58

Continuity equation of hydrodynamics




Coordinates and symmetries

\’ﬂ“'dm Lagrangian description

 Spatial coordinate is mass m contained
In a concentric sphere

m
= m(r,t),0<r<R
* m(0, t) = 0 mass at the center,
b's m(R, t) = M total mass
r Coordinate transformation from (r, t) to
(m, t)
0 9 or
dr om Or om
0 0 [(or 0
Advantageous as the mass of a ot) ~ or \ ot _ "\ ot i

star varies much less than the transformation between operators
radius during stellar evolution or 1 P 1 9

Mma Rmax = —_— =
e~ 2-10, = ~ 10°-10° om~ 4xrZp  om_ 4nr2por




Gravitational field

dr

m—k dm

Inside a spherically symmetric body, the ab-
solute value of gravitational acceleration g
at r does not depend on the mass elements
outside r

The gravitational potential ® is a solution of
the Poisson equation

10 )0,
2 2

g o®  Gm
I=or =
with G the gravitational constant
r
Gm
= ®(r) = /7dr + constant
0

® = 0forr —




Hydrostatic equilibrium

PE

Gravitational force acting on shell at r with
thickness dr inward

FG dm

fa = dA = _gdA —gpdr

Balanced by buoyancy force due to pres-

sure difference outward

Fg = PcdA — PdA = —dA(?;dr

In equilibrium, the sum of the two forces has
|
to be zero (Fg + Fg = 0)
OP oP g

T T T o™ ez B9

Equation of hydrostatic equilibrium (ba-
sic equation)




Equation of motion

Star undergoes accelerated radial motion

OP g
0 — _
7 om 4rr?
Mass shell will be accelerated

dm 9°r OP dm

a2 = letle=—50dm =g 5

1 0°r OP g

47202~ Om  4nr?
Equation of motion

(5.10)




Free-fall timescale

Reaction of the star to vanishing pressure
1 0°r g
Amr2 o2 4nr?

Exercise sheet |l
Calculation of free-fall timescale 4




Explosive timescale

Reaction of the star to vanishing gravity

1 &r 0P

47r20t2 ~  Om
Lagrangian/Eulerian transformation

0P OP1 E
om~ drp Rp

Ar

N ?r P
otz Rp
Defining the characteristic explosion time-
scale Tgyp)
o°r|
or|

4>

dr -\ 1/2

Texpl of the order of the time a sound wave needs to travel from center to surface




Hydrostatic time-scale

»)

e

In near hydrostatic equilibrium

Texpl ~ Tt = Thydr

Thydr hydrostatic time-scale typical time in
which a (dynamically stable) star reacts on

a slight perturbation of hydrostatic equilib-
rium

RN 1 - 1)
Thydr ~ (le> ~ E(Gp)

Much shorter than stellar evolution times
108 — 1010 yr

see Exercise sheet Il




Virial theorem

Integrating the basic equation of hydrostatic equilibrium gr’; = _Fgrz over dm
from center to surface and multlplylng by the Volume V = 4/3rr3

/ —dm=3 / —dm (5.11)
Derivation Exercise sheet lll

Ec gravitational energy: Potential energy of all mass elements dm of the star
due to the gravitational field

EG = —/?dm
0

Energy needed to expand all mass shells to infinity




Virial theorem

P
What is the meaning of 3 [ Zdm?
0

Assuming an ideal gas with equation of state

P—nkT = 2,7

L4
with p = numy, N number of particles per volume, 1 mean molecular weight, my

atomic mass unit, K Boltzmann constant, R = miu universal gas constant

S A T = - HeyT
p M

with oy p specific heat capacities for constant V or P, g =Cp— Cy,7 = % for
monoatomic gas: v=3

with u = ¢y T internal energy per unit mass




Virial theorem

Virial theorem for monoatomic gas

M G M
m
/Tdm - 2 / Udm
0 0
Ec = —2E; (5.12)
M
E; internal energy := [ udm
0
M
Eq gravitational energy ;= — f @dm
0
General virial theorem
CEE+ Eg =0 (5.13)

where (U = 3%
Ideal gas ( = 3(y — 1), monoatomic ( = 2




Virial theorem

W Total energy
W = E + Eg

for gravitationally bound systems W < O

W=<1—¢>E=CE1EG

All energy forms are coupled!
Energy loss via radiation with luminosity L

dW
—+ L =
T + 0
dE ¢ —1dEg
[ = 1 _
=== a
Contraction % < 0 and ideal monoatmoic gas L = ;dc’ftG = %’:;i

— Half of the energy radiated away, half heats the star
— Stars in hydrostatic equilibrium have a negative heat capacity, become hotter
upon losing energy




Kelvin-Helmholtz/ thermal timescale

Evolutionary time for a contracting and cooling star
- |Ec| _ Ei
KH " L L

Gm? . GM?
r 7 2R

Rough estimate for |Eg| ~

GM?
2RL

TKH ~

For the Sun 7xy ~ 1.6 x 107 yr




Thermodynamic relations

First law of thermodynamics
dg=du+ PdV (5.14)

q heat per unit mass, U internal energy per unit mass, V' = 1/p specific volume
per unit mass

General equations of state p = p(P, T, (X)), u = u(p, T, (X))
—dp/p=adP/P —06dT/T
Derivatives with respect to P, T, other quantity stays constant

a1 p P (OV
O‘=<a|nP>T=_v<aP>T
5_(a|np) __T(E)V)

onT)," V\aT),

Cp, Cy specific heats
iovspectienenty_(da) _ () Lp(2Y) 515
P

dar or




Thermodynamic relations

0 0
du = (aﬁ) dV + (a?) dT
— change of the specific entropy ds =dq/ T
d 1 ou 1 /0u
ds = 7":7 KW)TJrP] dV +— <5’T>VdT
Symmetry of total derivative: 92s/0TOV = 0?s/0VOT
o [1 [(0ou Pl 1 o%u ou oP
oT [T (av) +T] S TaTov (av) =7 <6’T) -F

analogue you can derive (g%) p and use it for calculating the specific heats:

c—c—@+P0V _ (U _ (9 @T
T aT oT oT ), \oT),\oT/,

using the definitions for o and 0

Total derivative

oP (5%)p PS (@ V) Ps P& R
) = _ — — cp—Cy =T | — = = — (perfect gas)
(ar) v (2. Ta T VT \OT)pTa pTa u




Thermodynamic relations

rewrite the first law of thermodynamics in Terms of T and P

ou ou ou oP
dq=du+PdV=(aT> dT+K8V> +P]dV=<aT> dT+T(6‘T> dV

using the previous relations and use p = 1/V instead of V (Kippenhahn &
Weigert 2012 for more details) 5
dg=cpdl — —dP (5.16)
0

next we define the adiabatic temperature gradient V 4q:

U oinT
= \anP)/,

valid for constant entropy — ds=dq/T =0

0=dqg-= cpdT—ddP:><dT> _ 0

dP pCp
PdT Ps
= | ——— = A7
Vad (TdP)S Tocp (5.17)




Mean molecular weight and perfect gas

Equation of state for perfect gas consisting of n particles per unit volume with

molecular weight 1 having a density of p = numy (R = miu)
R
P=nkl =—pT
]

Gas in stellar interiors is usually fully ionized — Mixture of nuclei and free elec-
tron gas, can be treated like a one-component gas, if all gases are perfect

Mixture of / kinds of fully ionized nuclei with weight fractions X;, molecular

weight 11;, charge number Z;, number of nuclei per volume n;, and partial density
pi (Mass of the electrons is neglected here)

pi P X

oMy My
Total pressure P is sum of the partial pressures due to the nuclei P; and the

electrons P
P=Pe+) Pi= (ne+Zn,-> KT
] i

Xi=pi/lp N




Mean molecular weight and perfect gas

Contribution of one completely ionized atom to the total number of particles is
one nucleus and Z; electrons

=n=n+Y m=Y (1+Z)n=> (1 Lz P
]

m .
i i u

— Equation of state

' pl =—pT (5.18)
1

1
= <Z Xi(1 +Z/)> (5.19)




Thermodynamic quantities for perfect, monoatomic gas

Internal energy is kinetic energy of translational motion of the particles only

3 _n
U_EkT;
2R _3H
T2 VT 2y
R 2
Vad ucp 5 Q

adiabatic changes

_ (0P 1 5 5.20
Jad = S_Cv_a—5vad_3 '




dr

\+d\

Conservation of energy

Net energy /(r) per second passing outward
through a sphere with radius r

I(0) = O at center, /(R) = L at surface

— in between dependent of distribution of
sources and sinks of energy

Stationary case d/ due to release of nu-
clear energy only, € nuclear energy per unit

mass and second

ol
dl = 4nrépedr = edm = — =¢
om
Non-Stationary case d/ can change its
internal energy and exchange mechanical

work Ny
dq = (6 — (9[77) dt

dqg heat per unit mass added to shell in dt




Conservation of energy

du+ PAV % dg = (e — 2 ) at 528 cpdT - 2dP
m p

0
ol ou OV v=1/p ou Pop
“om= "ot Tar T T at Rot
o oT 00P (5.21)
om~ < “Pot T ot '

Conservation of energy (basic equation)

terms containing the time derivatives combined in a source function

0S ds=dq/T OT 00P 517 (15’T Vadf?P)
= = —CPT

‘0 ot “Por t ot Tot P ot




Conservation of energy

Neutrino losses have to be considered. Formed by nuclear energy reactions or
other reactions, but do not interact with stellar material and act as energy sink.
Complete energy equation:

ol
o € — €, + €g (5.22)

The energy per second carried away from the star by neutrinos is often called
the neutrino luminosity:
M
L, = /eydm
0




Nuclear timescale

Star balances its energy loss L essentially by release of nuclear energy. If L is
constant this can go on for a nuclear timescale 7:

Th == — (5.23)

E, total nuclear energy

Example Sun completely consisting of hydrogen:
E,= QM. =6.3 x 10"ergg= "M, = 1.25 x 10%erg, L = 4 x 10%3erg/s
= 7,=10" yr

For stars with stable nuclear burning of hydrogen or helium
Tn 2> TKH =2 Thydr
In this case, the equation of energy conservation simplifies to

ol

—NE
om




Transport of energy

* energy the star radiates away replenished from reservoirs situated in the very
hot central region — effective transfer of energy through the stellar material

* possible due to a non-vanishing temperature gradient in the star

* Depending on the local physical situation, transfer can occur mainly via radia-
tion, conduction, and convection

* "particles” (photons, atoms, electrons, "blobs” of matter) are exchanged be-
tween hotter and cooler parts

* their mean free path together with the temperature gradient of the surround-
iIngs will play a decisive role




Energy transport by radiation

Mean free path ly, of a photon in the stellar interior

1
Rp

k average absorption coefficient

For sun: k ~ 1cm2g~', po ~ 3M,/47R2 = |, ~ 2 cm
Stellar interiors are extremely opaque

Mean free path of photons is much smaller than stellar radius
— Energy transport can be simplified as diffusion process

typical Temperature gradient

AT Teenter — Tsurace 107K —10°K ~1.4x10*Kem '  (5.25)
Ar R R

differences of temperature very small — in stellar interiors very close to thermal
equilibrium, radiation very close to black body

energy density of radiations u ~ T*

— relative anisotropy 4AT /T ~ 10719: carrier of the stars’ huge luminosity




Energy transport by radiation

diffusive flux | of particles (per unit area and time) between different particle

densities n
j=—-DVn (5.26)

Coefficient of diffusion D = %v/p with v mean velocity and |, mean free path of
the particles
transition from particles to radiation

n— U=aT?
j — F
/p — /ph
v — C
Energy density of radiation U (a radiation density constant), F radiative flux

Spherical symmetry F=|Fl=F
r= —_—

ou
VU—>W




Energy transport by radiation

ou or
= —— =4al°’—
or or
with 5.24 and 5.26 follows for the flux:
4acT30T
F=— (5.27)
3 kp Or
using the local luminosity / = 47r?F we can solve for the temperature gradient
or 3 kpl @ﬂ 3 Kkl (5.28)
dr ~ 16racr2T3 ~ Om  64rnacr*T3 |

Basic equation for radiative transport of energy
Only valid in the stellar interior!
Kk needs to be a mean over all frequencies (e g. Rosseland mean)

OT oT/om %—2% 3 &l

OP  0P/Oom 16wmacGmT3
dinT 3 kP
Vied = (d in P) = 16nacGmT? (5:29)

Gradient describing the temperature variation with depth



Energy transport by conduction

Heat conduction: Energy transfer via collisions of particles (electrons, nuclei or
atoms, molecules) in random thermal motion

— mean free paths and velocities several orders of magnitude less than for pho-
tons

— in "ordinary” stellar matter negligible

— Important for degenerate matter(high densities), e.g. interiors of white dwarfs:
increases velocities and mean free path of electrons

— Diffusion approximation can be used as well

o ~dac T3 oT 5.30)
cond = 3 Keondp OF |

= F - Frad + ch




Stability against convection

Heat and mass transfer occurs via streams of stellar gas

— Hot gas bubbles rise, while cooler material sinks down

— Whether or not convection is driven in certain regions of the star depends
on the stability of the material against small perturbations and give rise to
macroscopic local (non- spherical) motions that are also statistically dis-
tributed over the sphere




Upward displacement
Adiabatic expansion

Stability against convection

p(r 4 dr),
T(r +dr),
P(r+dr)

Dynamic instability

— No heat exchange of moving ele-
ments: adiabatic

— pressure equilibrium with surround-
ing

Change of property of mass element

e with respect to surrounding s for any

quantity A:

DA = Ag — Ag




Stability against convection

oir+dr), Slightly hotter element

T(r +dr),
P(r +dr) DT >0
No increase in pressure, because ele-
ments will expand immediately
DP =0
Upward displacement
Adiabatic expansion perfect gas with P~ P / T:
Dp <0
= Element is lighter than surrounding

material
plr), T(r), P(r) = Buoyancy force will lift it upward




p(r 4 dr),
T(r +dr),
P(r+dr)
Upward displacement
Adiabatic expansion
p(r), T(r), P(r)

Stability against convection

Density difference at new position

o= (&),~ ().

For Dp < O:

Boyancy force K, = —gDp > Qs di-
rected upward

— perturbation is increased

Unstable!

For Dp > O:

Boyancy force K, = —gDp > Qs di-
rected downward

— perturbation is removed

Stable!




Stability against convection

Stability criterion

(o), (&),
dr/., \dr/,

p(r +dr),
T(r+dr), Density gradient not part of basic equa-
P(r+dr) :
tions
— Transformation to temperature gradi-
ents:
Equation of state p(P, T, 1) in differen-
Upward displacement tial form
Adiabatic expansion d 0 d P d T d "
— == — 00—+ p—
p P T [
Perfectgasa =0 =p =1
g(?“), - Y dlnp 5 dlnp
P((Z))’ p<7n)7 (T)7 (T) 8 In P T,ILL a In T |

P,u
(5.31)

S
C _(dInp
o (alnﬂ)P,T



Stability against convection

dp _ 0P AT dy
p P T

dp (ozdP 6odT gpd,u)

____—+__

Pdr Tdr pdr
dp dp
(@), (@), >
adP odT edu adP odT odu
%<Pdr>e (Tdr>e+<udr> (Pdr>s+(Tdr> (,wlr) >0
* di. change in chemical composition: dje = 0 for moving element
*DP =0 — (29) = (&%)

Pdr/e Pdr/s
Introducing the scale height of pressure Hp
dr dr
H = —P— 5.32
T dinP dP (5.32)

o0 =—gp=Hp="

with hydrostatic equilibrium 7 0




Stability against convection
Hp

_ (29T (29T (el | Or 4
rdr/), \Tdr pdr) ] dinP
N o dr 0 dT v dp
I'dinP TdInP MdInP
o 5d In T d In T
dinP/, ¥
Condition for stability
N dinT _ dinT L ¢ dinpu £ 33
dinP/, din P 5 dinP/, (5:33)
. (dInT . (dInT . (dinp
V= (dlnP)S Ve S (dlnP)e Vi = (dlnP)S
V, V, variation of T and p in the surrounding material with depth (P taken as

measure of depth)
Ve variation of T in the moving element, position is measured by P




Stability against convection

V < Ve + %Vﬂ (5.34)

Stability of radiative layer V. = V(54 with adiabatic change of elements: Vg =

Vad
] o

0
Ledoux criterion for dynamical stability (A,, > 0 is stabilizing)

region with homogeneous chemical composition: V,, = 0

Vrad < Vad + V,u (535)

Schwarzschild criterion for dynamical stability

Dynamically stable layers with different chemical compositions can become un-
stable under nonadiabatic conditions (DT # 0, Dy # 0,V ,, = 0)
— Specific weight is temperature dependent

Secular or thermal instability




Stability against convection

- - - Radiative stable
—— Adiabatic

—— Convective equilibrium
—— Radiative unstable

—
-
-
—
L
—
—
—
—
—
—
—
—
B
i~

—
oy
-
_— e
_—oe
B —
—

r
oT TOP _
o = vadﬁﬁ (convection)

oT - 3 kpl

A = 16racr2iT (Radiation)




Energy transport by convection

Theoretical treatment of convective motions and transport of energy is extremely
difficult

* Hydrodynamic equations cannot be solved easily
* Conditions in stellar interiors are unfavorable: turbulent motion transports
enormous fluxes of energy in a very compressible gas (differences in proper-
ties over many orders of magnitude)
* Full 3D numerical simulations are demanding in terms of computer power
— Mixing-length theory provides a simple model, which is still used today




Energy transport by convection

Herwig 2018, Youtube




Core convection in a massive star, horizontal velocity.mp4
Media File (video/mp4)


Energy transport by convection

Mixing length theory:
e Convective element with

;((7" i%?“)), DT >0and DP =0
p(r+dr)  * Local convective flux

Fcon —_ pVCPDT

 Average convective flux: vDT must
be replaced by mean value over
ng;fa‘iifizigjgjf the full concentric sphere and all
elements
* All elements started as small pertur-
bations
Dlp=0and vy =0
p(r), T(r), P(r) * Due to differences in temperature
gradients and buoyancy force DT
and Vv increase




Energy transport by convection

* After a distance I, the elements

;<(7“ i %m), dissolves and mixes with the sur-
P(r + dr) roundings (h, mixing length)

* Assuming that the average element
moved I, /2 in the sphere

DT 10(DT) Iy I 1
T = - (V - Ve)——
Upward displacement T r or 2 2 HP
Adiabatic expansion * Density difference (DP = Dy = 0)
& _ _5 DT
0 T

* Buyoncy force

p(r), T(r), P(r) Dp
k= —g—-
' p




Energy transport by convection

* Half of the buoyancy force may have
acted on the element over its motion

—work done is
p(r +dr),

?((7“4—(317“;, 1k / 5(V v ) /2
r—+dr —K,—
55 =9 *)8Hp
* Half of the work goes into kinetic energy
2 I
oV -V
Upward .displacen.lent g ( e)8HP
Adiabatic expansion . convective flux
3/2
Fcon = pCcp T/ 90 H / (V— Ve)?’/2
S, (), Py Im OF mixing-length parameter ap 1 = L,—”;D

are free parameters estimated by plau-
sible assumptions and comparison with
observations




Chemical composition

The chemical composition of stellar matter is very important, since it directly in-
fluences basic properties

* absorption by radiation
* generation of energy by nuclear reactions
— reactions also alter the composition: record of the nuclear history
e composition is extremely simple compared to that of terrestrial bodies: no
chemical compounds, atoms mostly ionized because of high temperature and
pressure — sufficient to count different types of nuclei




Chemical composition

« X; fraction of a unit mass which consists of nuclei of type /
|
SRS
i

 chemical composition of a star at time t: Xj = Xi(m,t),0 <m< M
* particle number n; in a volume of nuclei with mass m; is related to mass

abundance
m;n;

P
* only few X to consider: most elements too rare, not important or constant

* sufficient to specify mass fraction of hydrogen, helium, "rest” (metals)

X = Xy Y = Xue Z=1-X-Y

X; =

* relative distribution of the elements Z necessary (especially C,N and O)
* most stars in their envelopes, contain an overwhelming amount of hydrogen
and helium:

X =0.65...0.75 Y =0.30..0.25 Z=0.05...0.0001




Chemical composition

In radiative regions, no exchange of matter between different mass shells, if we
can neglect diffusion

— frequency of a certain reaction is described by the reaction rate rj,: number
of reactions per unit volume and time that transform nuclei from type / into m

8X,-=m,- ij/—zr,‘k ; i=1...1
ot p /, p

ri; reaction rates for creation and change of n; per second
I reaction rates for destruction and change of n; per second

reaction p — q may release energy €pq: energy generation rate ¢ per unit mass

1
€= Zﬁp,q = ;erqepq
p.q P.q

energy generated when one mass unit of type p nuclei is transformed to type Q:

e
_ €pq
g mp




Chemical composition

oXi m; i €ik
— =
ot P Z dji Z Qik

| different nuclei simultaneously subject to nuclear transformatlons form a set of
| differential equations, called a "nuclear reactions network”

For hydrogen burning:
% eH c‘?Y %
ot qH ot~ ot

Reaction rates and energies are calculated or measured

(5.37)




Chemical composition

Diffusion:
microscopic effects can also change the chemical composition in a star

* concentration diffusion tends to smooth out the differences

* heavier atoms can migrate towards the regions of higher temperature due to
temperature diffusion

* Heavier nuclei diffuse towards higher pressure due to pressure diffusion
(gravitational settling, sedimentation)

jp=Ccwp=—-DVeCc= vp= —%D(Vc+ krViInT + kpV In P)

Vvp diffusion velocity
* In the the outer regions, where atoms are formed, radiative levitation can lead
to enrichment of heavy elements




Chemical composition

mixing due to turbulent convective motion very rapid compared to change of
the chemical composition by nuclear reactions

— composition in a convective region remains homogeneous

OX;
am =0

* Boundaries of convective layers can be different and change with time
— composition can still change if the boundaries move into a region of inho-
mogeneous composition, e.g. "ashes” of earlier nuclear burnings may be
brought to the surface, fresh fuel may be carried into a zone of nuclear burn-
ing, or discontinuities can be produced that drastically influence the later evo-
lution. A

5
-




Mass loss

Due to interaction of photons emitted from the photosphere with atoms (radia-
tion driven wind), molecules, or dust grains (dust-driven wind) in the atmosphere
stellar winds are formed and lead to mass loss

* mass loss of the sun: 10714 M, /yr
* AGB stars: 1074 M, /yr
* Evidence for mass loss and estimates of its size from direct detection of cir-
cumstellar matter and from spectral signatures, such as Doppler shifts and
spectral line shapes
* wind velocities: few km/s up to a few thousand km/s
* Complicated radiation-hydrodynamics problem
— Only empirical formulations, e.g. Reimers law
L goRe
gR Lg
parameter 7) varies between 0.2...1, lower for metal-poor stars

MR _ _4—1377




Full set of stellar structure equations
om 5 or 1

Mass conservation: Erie 4rrep o irr2, (5.38)
. . 0P Gmp 0P Gm
Hydrostatic equilibrium: Er o= A (5.39)
Ener roduction ol C or + 0P (5.40)
; —=€y— €, — Cp— + ——— .
gy p om - P(f)p ) ot
Energy transport: ﬂ — GmTV ﬂ GmT —V (5.41)
gy P 97 P p2p Y conv/rad am - dnrAp Y conv/rad
temperature gradient: V = din 7
P JATE- Y = \dinpP
3 kIP
Viad = 167acGmT? Veonv & Vag = (V)s

c‘?X rI:/ (Z i — Z rlk) = ,___,I (5.42)

change in chem|cal composition




Full set of stellar structure equations

Equations 5.38 to 5.42 contain functions which describe properties of the stellar
material such as p, €n, €, K, Cp, Vad, 0 and reaction rates i

If we assume them to be known functions of P, T and the chemical composition
by functions Xj(m, t), we have the equations of state:

p=p(P, T,X) (5.43)
and equations for the other thermodynamic properties of the stellar matter
cp = cp(P, T, Xj) (5.44)
dlnp
0=0(P, T,X) = <8In T) o) (5.45)
vad = vad('Ds Ta X/) (5.46)

as well as the Rosseland mean of the opacity (including conduction)

k=r(P, T, X (5.47)




Full set of stellar structure equations

and nuclear reaction rates and the energy production and energy loss via neutri-
nos:

e = (P, T, X) (5.48)
En - En(P, T, )(I) (549)
e, = €,(P, T, X)) (5.50)

X; stand for all types of nuclei (/ =1, ..., /)

| different types of nuclei being affected by reactions form a set of 4 + [ differen-
tial equations for the 4 + [ variables r, P, T, I, Xy, ..., X|.

Independent variables m and t. If total mass of the star M is constant and time
of start of evolution t = f: solutions in the interval 0 < m< M, t >

set of non-linear, partial differential equations — Boundary conditions necessary
For full problem: specification of r(m, ty), r(m, ty), s(m, ty) and Xi(m, )

Stellar model: solution r(m), P(m), ..., Xj(m) for given time t in interval [0, M]




Boundary conditions

Central conditions
em=0:r=0/=0
em—0
d 3y _ 3 d _ 3 1/3 1/3
— (r)_mm%r_(m) m
— [ = (en — €, + €g)cM
dP _ G (4mpe 4/3 m—1/3 3G 4/3 _2/3
ap (*g5) MR P Po= =38 (4p0) " m

—dm = " 4rn 3

a7 _ 3 Kl
— radiative case: g m — 64220 T3

2/3 4/3
— T4 — T4 Zac (43) / Kelen — €, + Eg)cpc/ m?/3

— convective case: IN T —In T, = — (%) GVadlng " mR/3

Numerical approaches needed to solve the system of equations: e.g. Shooting
method, Henyey method




Boundary conditions

Surface conditions

* naive “zero conditons"-m—- M :P —-0,T — 0

* more real: extended transition to the finite values of P, T of the diffuse inter-
stellar medium

« find "surface” that defines total stellar radius r = R: photosphere from where

the bulk of the radiation is emitted into space: 7 := f kpdr = k f pdr=2/3
R

o0 o0 7=2/3
*Pr.gp [ gpdr = go [ pdr =~ SY21
R R

* temperature of the photosphere equal to effective temperature T,_g = Tt
— L=47R?c T}, 0 = ac/4

* temperature dependency of «: Eddington approximation — grey atmosphere
T(1) = %(L/47TR20') (7’ + %) = T = T forT=2/3

edr/dr=—-1/(kp) dP/dr=—gp » g’:= ?2’:

* generally: interior solution should fit smoothly to solution of the stellar-
atmosphere problem




Properties of stellar matter




Properties of stellar matter

* basic variables: m,r, P, T, |
* differential equations also contain density, nuclear energy generation, or
opacity — describe properties of stellar matter for given P, T and chemical
composition, do not depend on m, r, | at given point in the star, could be de-
termined in a laboratory
— position in the star not necessary to describe them
— dependence of density p on P, T: equation of state
* simple if we have a perfect gas
* but! radiation and ionization also influence the pressure and the internal en-
ergy — have to be included




Perfect gas with radiation

Radiation pressure

* pressure in a star not only given by that if the gas but photons in the stellar in-
terior contribute significantly
* radiation is practically that of a black body

1 a R a
Prag = gU =3T" = P = Pyas + Prag = ks 3T
* importance of the radiation pressure
Pgas Prad

6:=P, 1-08=

%5=1:>Prad=o,B=O:>Pgas=O

P




Perfect gas with radiation

Thermodynamic Quantities

5.31

4 _
= o = ) = 30

1
5 g #=]

internal energy per unit mass
3R ar* ~ RT [3 3(1 — 6)]

=——1T + = o
2 p p po2 0

_15/:1’[3 3(4 + B)(1 — ) 4—36]
T w2’ 32 Nz

specific heat

Cp

adiabatic gradient

V. 7 (1 U —/3)(4+/3)> / <5+4(1 —5)(4+5)>

3 2 32
perfect gas without radiation see 5.20 = Yad — 3’ Vag — 5
4
gas dominated by pressure = Yad — Vad = —

3’ 4




Perfect gas with radiation
Adiabatic coefficients (Chandrasekkar)

dinP
Iy o= (d” ) —eg (6.1)

InP 1 F1 r2
6.2 -
2—1 ) SV P T a1 o1
( ) 63)
1 5
_______________________ S
1.6 |
~ 14
I ﬁ_é_ _______________________
3
1.2 {

0 01 02 03 04 05 06 07 08 09 1
«— Radiation dominates B Particles dominate —

cores of massive stars: ionized, ideal gas plus photon field



Perfect gas with radiation

Adiabatic coefficients (Chandrasekkar)
dinP
M= ( ) =%d  (6.4)
ad

dinp
[ dinP 1 [ [ 5
= = 6.5 =
[o — 1 (dlnT)ad Vad (6:5) $F3—1 [o — 1

log(T'(K))

log(P/T*(dynes cm~> K=))

Perfect gas with radiation



lonization

* complete ionization of all atoms good approximation in the very deep interior,
where T and P sufficiently large

* in outer regions and stellar atmospheres atoms can only be partially ionized

* mean molecular weight and thermodynamic properties such as Cp, [ » depend

on degree of ionization

* lonization fraction given by Saha equation

a

o
———

© o 2o .
~ o o™
T T B

o
(X}
]

Degree of lonization

0

) 4
Kippenhahn, Weigert & Weiss 2012




lonization

Adiabatic coefficients (Chandrasekkar)

~ (dInP
Iy = (dlnp>ad_%d (6.7)

[ . (d In P) 1 (6.8) [ [ 5
ad

0 01 02 03 04 05 06 07 08 09 1
«— Neutral X lonized —

stellar envelopes of low-mass stars: ['» dominated by ionization effects on H



Pressure ionization

Continuum of an isolated ion

Effective continuum

ATAIAYS

Position

Limitation of Saha formula for high pressure, when pressure ionization sets in
— Saha equation will underestimate the degree of ionization once this effect be-
comes important enough




Degenerate electron gas

* gas with sufficiently high density in volume d V: fully pressure ionized

* free electrons of number density ng

* velocity distribution given by Boltzmann statistics — Exjnmean = 3/2kT

* in momentum space Py, Py, P each electron in a given volume dV repre-
sented by a point, points forming a spherical symmetric "cloud” around the
origin

* pis the absolute value of the momentum (p° = p% + p3 + P3)

* number of electrons in spherical shell [p, p + dp] given by Boltzmann distribu-
tion function

3 A1 p? p?
f(p)dpdV = ne(27rmekT)3/2 exp (_2mekT) dpdV

« for constant electron density: Pmax = (2mMekT)1/2
— smaller T, maximum of distribution pmax at smaller p, maximum of f(p)

nigher (ns ~ | f(p)dp)
0




Degenerate electron gas

f(p)
i

i 107"9

Kippenhahn, Weigert & Weiss 2012




Degenerate electron gas

Pauli principle

* electrons are fermions
— Pauli’s exclusion principle: each quantum cell of the six-dimensional phase
space (X, Y, Z, Px; Py; Pz ) cannot contain more than two electrons
* X;V; Z are the space coordinates of the electrons with dV = dxdydz
» volume of quantum cell is dpydp,dp,dV = h* (his Planck’s constant)
— in shell [p, p + dp] are 47p>dpdV /A3 quantum cells with two electrons per
cell
* quantum mechanics demands:

f(p)dpdV < 8rp*dpdV /h?

* Boltzmann distribution is in contradiction with quantum mechanics for too low
temperatures or too high densities
* electrons become degenerate




Degenerate electron gas

Completely degenerate electron gas:

* all electrons have the lowest energy without violating Pauli’s principle
* all phase cells up to pr are filled, all other phase cells above pr empty

fgp)

L6 2
10" 8
_ f(p) = hf for p < pr
f(p) =0 forp > pr

L Total number of electrons in dV

PF
8rp’dp 87
nedV=dV/ = 5 aPidV
0

(6.10)

. 1/3
Fermi momentum pg ~ ne/

|
10" — Er = pE/Zme ~ n§/3 Fermi energy

1

Kippenhahn, Weigert & Weiss 2012 p




Completely degenerate electron gas:
* temperature of electron gas is zero
* but, electrons have energies up to finite

fgp)

‘01.6 .

-

Kippenhahn, Weigert & Weiss 2012

Degenerate electron gas

Energies Ef

* for sufficiently large electron densities:

Pr so high that fastest electrons have
V~C

b MeV
/1= v2/c?
MeC 2 p?
Eioi = = MxC4/ 1
T A T e
(6.11)
1 (9Etot B p/(meC) "4

cop [1+p2/(mcd]'/2 ™ ¢
Kinetic energy E = Eiot — MeC?




Degenerate electron gas

Derive equation of state

Completely degenerate electron — pressure needed: flux of momentum

gas: through a unit surface per second

— Number of electrons with momentum
between [p,p + dp] per second go-
ing through do into solid angle df2g
around direction S

— f(p)dpdQ2s/(47) electrons per unit
volume at the location of the sur-
face element with right momentum
[P, p+dp]

— f(p)dpdQsv(p) cos Ido /(47) elec-
trons per second move through the
surface element do into the solid-angle
element df)g

— momentum in direction n : pcos v




Completely degenerate electron gas

Electron pressure by integration over all directions $ and all values of p

PF
o= | / {(p)v{p)peosidpdas (an) = 25 [ pPovip)dp/(4m)

27 0 0
8rc 3 p/(MeC)
d
Fe = 3h3/ pv(p)dp = 3h30/ P+ p2/(mRea) 2P

with € = 2= andx—n’fgC

8rmic? /X £4d¢ TCcomg
(

Pe =31 1+¢2)1/2°  3p3

=f(x)

0
f(x) = x(2x2 — 3)(1 + x3)"/2 + 3In[x + (1 + x?)1/?]

3 A3

6.10 8rmgc

V=L = == x°
ey 3h




Completely degenerate electron gas

100

30

25

20 -

23 28 33

Kippenhahn, Weigert & Weiss 2012 3 lg ne




Completely degenerate electron gas

Internal energy:

PF
7Tm4C5
Us = [ HPIE(P dp—hS/E 2ap ' 7o g(x)
0

g(x) = 8x%[(x* +1)1/2 — 1] — f(x)
numerical values of f(x), g(x) can be found in Chandrasekhar 1939, Table 23.

X: importance of relativistic effects for electrons with the highest momentum

X — PF 3 VF/C or VE_ X2
= e (1 —VE/CZ)VZ c2 1+ x2
For x < 1 = vg/c < 1 : Non-relativistic case

For x > 1 = vg/c =~ 1 : Relativistic case




Completely degenerate electron gas

Non-relativistic case

x>, g(x) — %XS

o1 0o

x—0:f(x)—

8rm?cd

equation of state for a completely degenerate non-relativistic electron gas:

5 _l § 2/3h_2n5/3_l E 2/3 h2 P 5/3
° 20 \ 7 Me © 20\« rnernﬁ/3 e

degeneracy pressure:

5/3
P, =1.0036 x 10" (;) (cgs)
e




Completely degenerate electron gas

Extreme relativistic case
see exercise sheet I
equation of state for a completely degenerate extreme relativistic electron gas:

4/3
P, = 1.2435 x 105 (;) (cgs)
e




For finite temperatures, degeneracy not complete
— transition to Boltzmann distribution
Fermi-Dirac statistics

f(p)dpdV =

1

R 1+ eE/RT—0

e 87r >~ pPdp
Jo 1+ eE/KT—

dp 3
Fe = 3h3 ,0 vip 1 + @E/kT—vy L

8rp2dpd V 1 810" |

Partial Degeneracy of the Electron Gas

f(p)

Ue = / ¥ __Epdp 10
€T Rp3 o 1+ eE/kT—v 18
degeneracy parameter lp lp ( 3/2) Kippenhahn, Weigert & Weiss 2012

— equation of state in the case of partial degeneracy cannot be derived analyt-
ically, analytical approximations are possible for the non-relativistic and extreme

relativistic case
For details see: Kippenhahn, Weigert & Weiss 2012, p. 145-150




Energy —

Number of available states —

* low-density gas (red) behaves like ideal gas: Maxwell-Boltzmann distribution
* high-density gas (cyan) highly degenerate, i.e., all low energetic states are
occupied and electrons are forced into high-lying states causing degeneracy

pressure
* in complete degeneracy, all states up to the Fermi energy are filled

Degenerate electron gas 13



Equation of state of stellar matter

In real stellar matter all components, which are ions, electrons and radiation are
mixed

d a

P = Pon+ Pe + Prag = pT+3h3/ pV P

HeEF * 3

= 5
p = L;;;(zme) /2 mu,ue/.l _I_EeE;jkfzp’ v(p) = % E = mec® \/1 + m202 —1
0
* Local equation of state depends on the conditions in the plasma
* Both electron and ion gas can become degenerate at low temperatures
and/or high densities
— Critical density for ions (Mign/Me)3/? ~ 10° times higher
— Electron gas can be degenerate and ion gas ideal at the same time
* For high densities and low temperatures, the ions start to interact with each
other via Coulomb interactions
— Perfect gas approximation breaks down

T4




Equation of state of stellar matter

In real stellar matter all components, which are ions, electrons and radiation are
mixed

R 8 3 dp a
P=F’ion+Pe+Pfad‘MpT+3h3 'Dv(p)1+eE/kT¢ 3

47 3/2 I EV/2dE oE p?
p= ﬁ(2me) / muMe/1 + eE/kT—y’ v(p) = op’ E = mec® T+ mac? -
0

* ions start to form a lattice to minimize total energy as soon as the thermal en-
ergy 2kT becomes similar to the Coulomb energy per ion of charge: —Ze

* This crystallization is not important in normal stars, but becomes important
at the late stages of stellar evolution

* Other real gas effects (e.g. van der Waals forces: attractive forces of electri-
cally neutral, but polarized particles important at low temperatures; electron
shielding: clouds of electrons gather around ions from distance the ion elec-
tron cloud appears electrically neutral, low densities) have to be taken into ac-
count in modern equations of state for stellar models

T4
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Equation of state of stellar matter
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Opacity

* The material function x(p, T) for stellar-structure calculations is nowadays
computed numerically for different chemical mixtures

* main opacity mechanisms have already been introduced in the stellar atmo-
sphere part of this course:
— Electron scattering
— Absorption due to free-free, bound-free and bound-bound transitions
— Absorption due to H~ dissociation
— Absorption due to dissociation of molecules
— Conduction (for white dwarfs only)

* Groups spezialised on different aspects published extensive tables for differ-
ent chemical mixtures, temperatures and densities
— Atomic absorption (OPAL, Opacity Project)
— Molecular and dust absorption below 10% K (Alexander & Ferguson 1994)
— Electron conduction (ltoh et al.)

* The tables must be combined to cover the whole stellar structure

» To find x(p, T, X;) for a given point in a star, the value has to be interpolated

from the grid points



Nuclear energy production

 Stars produce energy through thermonuclear fusion

— Thermal motions induce fusions of lighter elements to form a heavier one
* Before the reaction, the nuclei j have a total mass > _ M;, which is

different from the mass of the reaction product M, /

AM = " M;— M,
J
AM is called mass defect
— this mass is released as energy E = AMc? (Einstein’s formula)
 Binding energy Eg of a nucleus with mass M,,c and atomic mass number
A: Z protons of mass my and (A — Z) neutrons of mass my

Eg = [(A— Z)my + Zmy — Mnyc]c?

 Average binding energy per nucleon f




Nuclear energy production

B/A, MeV

O 1 1 1 1 l 1 1 L 1 l L 1 L 1 l L 1 1 L l 1 1 L

0 50 100
A

Abdullah 2014, Fundamentals in nuclear physics

Increase for A < 56

surface effect: particles at
the surface of the nucleus
experience less attrac-
tion by nuclear forces than
those in the interior

— volume rises faster than
surface area

f(°°Fe) = 8.5 MeV

— increasing repulsion

by the Coulomb forces for
A > 56

Energy generation: Fusion of light nuclei A < 56 and Fission of heavy nuclei

A > 56




Nuclear energy production

Electric Repulsion of Protons
Strains the Nucleus

But The (Residual) Strong Nuclear
Force Holds the Nucleus Together

Matt Strassler 2013




Nuclear energy production

Hofer 2013, Journal of Physics Conference Series 504, 1




Coulomb barrier

For fusion two particles with charges Z; and Z> must be close enough to over-

come the repulsive Coulomb forces

~ Zl ZQ MeV

Energy F

~ 30 MeV

Distance r

Z 2292
r

Distances smaller than
rs ~ A'/31.44 x 10~ '3 cm:
attractive nuclear forces dominate
— Sharp drop in potential energy
Coulomb barrier with height of
Ecoulrs) = £1£> MeV

Ecoul = (6.12)




Energy F

~ leg MeV

~ 30 MeV

_________________________________

Coulomb barrier

Distance r

Classical case

Kinetic energy of particle (given by
Maxwell-Boltzmann statistics) must be
higher than Coulomb barrier

e.g. center of the sun T ~ 107 K
= Eiin/Ecou =~ 1077

(no fusion possible)

Quantum mechanics

Small probability Py to tunnel the
Coulomb barrier

PO _ pOE—1/Ze—27T77

) = <m)1/2 712-€°

2) RE-1/2

m reduced mass, pg parameter de-
pends on properties of colliding nuclei




Energy FE

~ Zl ZQ MeV

~ 30 MeV

_________________________________

Coulomb barrier

Distance r

Example: Hydrogen fusion in center
of the Sun T ~ 10’ K, Z14o =1

— Po A~ 10_20

Probability increases with E and

decreases with Z125

— Lightest elements fuse first

— Heavy element require much
higher energies
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Small probability Py to tunnel the Coulomb barrier
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Nuclear energy production 8



Thermonuclear reaction rate

thermonuclear reaction rates have to be computed to get the fusion rates

reaction of the nucleus X with the particle a by which the nucleus Y and the
particle b are formed:

a+X—Y+Db & X(a,b)Y

velocity-dependent cross section o of the reaction

(V) = number of reactions per nucleus X per unit time

number of incident particles a per unit area per unit time
name cross section:
comes from assuming that each nucleus X has a cross-sectional area and that
a reaction occurs each time an a particle strikes that area (symmetric in type of
particle)

— not physically correct picture, but helpful for understanding




Thermonuclear reaction rate

thermonuclear reaction rate r per unit volume with the relative velocity (be-
tween a and X) v inrange [v, V + dV] given by the velocity distribution P(Vv):

: r 1
r=o(V)VNaNy = rax = T XnanX/ vo(v)P(v)dv = T Xnanx<av>
a a
0

Replacing particle number n; by mass fractions Xjp = n;m; and introducing the
energy released per reaction Q

— Energy generation per unit mass

1 Q

€EgX =
2 1 +5axmamx

— nuclear lifetime 75(X)

6nx Nx 1 Ny 1 1
( ot >a Ta(X)’ ralX) 1T+0axrax  7(X) ZT/(X)




Nuclear cross section
nuclear cross section

* inversely proportional to the number of incident particles per unit time and
react more often with each other when they spend more time close to each

E=1mv?
othero(v) ~ v2 A~ E!
* Nuclear reactions only when the particles can penetrate the Coulomb barrier
* nuclear structure of the involved particles will play a role — S-factor

f(Jg)
S(E) _ r 2 EV? __ .-
O'(E) E%e 27T77$ <O'V> =/0(E)Vﬁ(kT)3/ze E/deE

Qo
\
q
—_
S
10_28HP)

10—15

S(FE) (MeV barn)
\

o(F) (barn

\ | | | | | | | I 10_20
10 100

Effective center-of-mass energy F (keV)

He + SHe —— ‘He + 2 p measured by LUNA @unker et al. 1997, Bonett et al. 1999)



Gamow peak

The product (black) of rapidly falling Maxwell-Boltzmann exponential (blue) and
increasing Gamow penetration factor (red) has a sharp peak, the Gamow peak,

2/3 2/3
at energy Eo = (2—\}%7%) — (\/FmthZzeZ k2T) ~5—100 x kT

.10—10

A

0 5 10 15 20
Energy E (keV)

Exercise sheet Il

25

1

1074




Gamow peak

Maximum and area of Gamow peak extremely dependent on temperature

r T\" E
N —E/KT-2mq F A i ~_ 9 .5 _
(V) /e dE <0V>0<T0>  vatua5-20

Each reaction has a well defined energy range separate from other reactions

— Separate burning stages dependent mostly on temperature
— The heavier the nuclei, the higher the temperature dependence

1071
A A 1 '10_4
— 3 1 0.8 <l
<% ey
| 106 %
w2 —
— {04 ==
o -
° 1 o2 ¥
0 : — : — : > ()
0 5 10 15 20 25 30

Energy E (keV)




Nuclear reactions

Energy £

5
~ 30 MeV

>
Distance r

* Right after a particle is absorbed by the nucleus, a new compound nucleus is
formed for a short time
— Similar to the energy levels of atoms, this nucleus has certain energy levels
— if energy of absorbed particle matches one of those energy levels: resonance




Nuclear reactions

Resonant reactions

* if configuration of the compound nucleus is similar to a stable excited state of
the newly formed nucleus, the reaction is said to be resonant.

* respective cross sections vary strongly with energy (since the energy uncer-
tainty of a stable state is small) and are relatively large

Non-resonant reactions

* If configuration of the compound nucleus is far from any stable excited state
of the newly formed nucleus, the reaction is said to be non-resonant.

e compound nucleus is, by definition, not stable and decays or de-excites in-
stantaneously

* cross sections are roughly constant with energy (since the energy uncertainty
of an unstable state is huge) and are relatively small




Nuclear reactions
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—— S-factor
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Nuclear reactions

Energy dependence of reaction cross section o(E) has another factor of typical
resonance form around the resonance energy E,es in resonance case

1
B~ (E — Eres r/2

[ = h/7 energy width of the level, 7 lifetime on this level

Introducing the de Broglie wavelength of the particle with relative momentum p
and reduced mass m = mymy/(myms)

L
P (2mE)'/?
TPoh2E- 122 S(E)

7(E) ~ mAPA(E)(E) = {(B) P~ =T et

"Astrophysical factor” S(E) contains all intrinsic nuclear properties of the reac-
tion, £(E) — 1 away from resonances

— Can in principle be calculated, but is more reliable when measured

— Problem: energies in stellar interiors very small =~ 10 keV: o(E) very small




“H(p, 7)°He
10

Angulo “NACRE'(1Bo9) = T T T
r Adelberger - SF II (2011)

S-factor [eV b]

0.1

Nuclear reactions

Xu - NACRE II (2013)
Descouvemont (2004) * ' * *
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Warren (1963) o
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Casella (2002) H—¥—
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Marcucci (2016)
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100

1000

Cavanna et al. 2018

Laboratory measurements with

particle accelerators( LUNA

experiment at Gran Sasso

(1999-2014)):

*He(°He, 2p)*He, ""O(p, 7)"®F, 2H(a, v)°Li, 2H(p, 7)*He

S(E) must be extrapolated to

lower energies in most cases

— Easily possible in the non-
resonant case, because
S(E) varies slowly with
energy

— Not possible, if hidden reso-
nances are present




Nuclear reactions
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Laboratory measurements with

particle accelerators( LUNA

experiment at Gran Sasso

(1999-2014)):

*He(°He, 2p)*He, ""O(p, 7)"®F, 2H(a, v)°Li, 2H(p, 7)*He

S(E) must be extrapolated to

lower energies in most cases

— Easily possible in the non-
resonant case, because
S(E) varies slowly with
energy

— Not possible, if hidden reso-
nances are present




Hydrogen burning

Hydrogen is the lightest and most abundant element
— Fusion reactions are happening at the lowest energies

fusion of hydrogen to helium liberates 26.64 MeV of total energy due to the
mass defect Am

— not all of this energy converted to thermal energy

— some fraction (2 to 30%) carried by neutrinos, which are created by the con-
version of two protons into two neutrons via the 5* decay

— low cross sections with matter, almost all neutrinos escape from the star with-
out interaction and their energy is lost (2 x 0.262 MeV)

— detection of solar neutrinos was the verification of nuclear energy generation
in stars

4H — “He: requires fusion of 4 protons at the same time

— reaction extremely unlikely
— Chain of reactions necessary
— Two different reaction processes: p-p chains and CNO cycle




P-p chains

backbone of the p-p chain — proton-proton reaction:
"H+'™H—°D+e" + v,

— liberated energy via the mass defect Am is 0.420 MeV, annihilation of the
positron and an electron brings the total energy release to 1.442 MeV

— close encounter between two protons and a simultaneous decay of a proton
Into a neutron

— cross section extremely small, never possible to measure it in the laboratory
(Tp(P) = 107 yr)

— theoretical understanding good enough: S(Ep) ~ 3.7822 keV barns

cross-section of deuterium-deuterium reaction very small — deuterium reacts

with protons: ’ 1 3

D+ H— "He+~

— Th2p) & 2.8 s for conditions in center of the Sun

— created deuterium atom will almost immediately be converted to *He,
deuterium-deuterium reaction can be neglected




P-p chains

PP

'H+'H > 2D +e* + v,

v

D+ 'H—>3He+y

3He + 3He — *He + 2 'H

Reaction rate determined by the slowest reaction:

’He + *He — 'Be + vy

PP

7Be+1H—>SB+y

> 4

"Be+e™ — "Li+ v,

B > 8Be + et + ve

h 4

Li+'H > 2*He

h 4

8Be — 2%He

p-p reaction (1 010 yr)




P-p chains

Chemical composition similar to center of the Sun (X = 0.35,Y = 0.6465)
1

S
o0

f 0.6
5 0.4 — Sum
& ——0.980 Fpp,
0.2 —— 0.960 Fppy|
—0.721 F|:>|:>|||
0 : : : ‘ ; : >
5 10 15 20 25 30 35 40 45 50

T (10° K)
* relative contribution of the chains depends on the temperature, density and
abundances
* Energy released: Q ~ 25 MeV; reaction rate (ov) ~ pT*®




CNO bi-cycle

C,N and O are present with relatively small abundances in all stars
— These nuclei can induce another chain of reactions to transform hydrogen to

helium acting as catalysts only | 12¢c 41y 5 18N8 4 4

/ N\

BN+ 'TH - 12C+4He | BN = 13C + et + e

99.96%T l

15()_> 15N+e++l/e 13c_|_1:[_:[_> 14N—|—’7

NN/

15N—|—1H—>16O—|—’)’ 14N—|—1H—>15O-|—"y

l I

16O—|—1H—> 17F_|_,Y 17O—|—1H—> 14N—|—4He

N\ /

"p 5170 4 et + re




CNO bi-cycle

In massive stars also the CNO3 and CNO4 cycle becomes significant

I8p 5 180 et + ve

/ N\

17O+1H—> 18F+’7 18()_|_1H_> 15N—|—4He

[ !

17F N 17o_|_e—|— +Ve 15N_|_ 1H N 160_1_7

/SN /

17O+1H—>18F—|—"}/ 16O—|—1H—>17F—|—’7

l I

18p 5 180 +et +ve | P+ 'H — %0 + *He

N\ /

180—|—1H—>19F+’}/




CNO bi-cycle

10 15 20 25 30 35 40 45 50
T (106 K)
* Slowest reaction: "*N + H — 0O + ~: pace of the CN cycle, and its energy
generation rate, is given by the decay of *N against protons
* non-resonant reaction, contribution of ON cycle negligible
* Energy released: Q = [4mp, — M ]Jc? — E,, ~ 26 MeV
* reaction rate (o V) ~ pT167




Ratio of equilibrium abundances

CNO bi-cycle

10-5

* Slowest reaction: N + H — "0 + ~
— overabundance of N w.r.t. C and O indication for CNO cycle as most of
12C, 13C and "N will be converted to '*N

* isotopic ratio 130/120 ~ 0.3 important observational signature of CNO cycle

- RGN [
— 16014
_— ISN/14N
—_— 13C/IZC —
; ; ; ; >
25 30 40 45 50
T (105 K)




CNO bi-cycle

106 &

. —Sum
= —— PP chain
o _
~ 103 1 CN CYC'G
wn

o

o2

3 100 il

Q

™

1073 >

0 5 10 15 20 25 30 35 40 45 50
T (10° K)
* Energy generation in massive stars sharply peaked at the stellar center
where temperatures are largest
* very steep temperature gradients to get rid of the huge amounts of energy
— convective core




CNO bi-cycle

106 &

. —Sum
= —— PP chain
o -
~ 103 1 CN CYC'G
wn

o

o2

3 100 il

Q

™

1073 >

0 5 10 15 20 25 30 35 40 45 50
T (106 K)

(oV)pp ~ pT*®at 10 x 10°K < (oV)gno ~ pT'%7 at 25 x 10°K

* CNO cycle dominates for stars of mass 2 1.5 M




Helium burning

Helium burning often written as a triple alpha reaction: 3 ‘He — '°C + Y
* two succesive reactions: creation of unstable isotope ®Be by

*He + *He — ®Be
and an instantaneous catch of a third alpha particle via a resonant reaction
°Be + *He — '°C + 4

« lifetime of ®Be: Tege = 2.6 X 1018 g, still longer than mean collision time with
an alpha particle at T ~ 108 K

 Helium burning becomes important only for high helium mass fractions Y and
for very high temperatures (T > 108 K)

* at later stages of stellar evolution when the temperature of the helium core in-
creases via gravitational contraction

* if helium burning is ignited in a stellar core supported by electron degeneracy,
l.e., the pressure is independent of temperature, an explosive event, the so-
called helium flash, is expected to occur.




Helium burning

As soon as enough carbon has accumulated another alpha-capture reaction is

possible
'“C +*He — '°0

* probabilities for other alpha-captures is very unlikely due to the Coulomb bar-
rier

* products of He-burning by the triple-alpha process are C and O

* Energy released by the net reactions

Q = [3m, — Mi]c* = 7.275MeV
Q =[4m, — Misg]c® = 7.162 MeV

« very strong temperature dependence (oV) ~ ez, ~ T* near T ~ 108 K




Advanced burning stages
In all massive stars (M = 8 M.,), helium burning in the core is succeeded by
carbon and (for (M = 12 M.,)) oxygen burning

« Fusion of carbon is possible for temperatures higher than 5 x 108 K

12G 4120 s Mg+~
— Mg +n
— +®Na+p
— *Ne + a
— %0+ 20

» Fusion of oxygen is possible for temperatures higher than 10° K

©0+0 — 84y

— %S +n

— 3P +p

— S+«
—>24|\/|9+204




Advanced burning stages

Core carbon burning

P
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Advanced burning stages

* Energy released by the net reactions between 13 MeV and 16 MeV

* The particles produced in those reactions lead to the formation of many dif-
ferent isotopes by secondary reactions — Major reaction product is 22Si

- for temperatures T > 107 K photodisintegration of nuclei that are not too
strongly bound get important, e.g. neon disintegration dominating over in-
verse reaction for T > 1.5 x 109K

ONe + v = ®O+a, Q=-4.73MeV
29Ne +v =— %0 +2*Mg +~, Q = +4.583 MeV
Mg + @ — Gi+v, Q=0.984MeV

* near end of oxygen burning: photodisintegration of 2°Si and eject n, p and «
particles followed by a large number of reactions

* created nuclei (Al, Mg, Ne) also subject to photodisintegration leading to the
existence of an appreciable amount of free n, p and « particles

* react with the remaining 22Si building up gradually heavier nuclei, until *°Fe is
reached




Advanced burning stages

* forward and reverse reactions achieve equilibrium, with increasing temper-
ature and progressing time several pairs of nuclides link together to form
quasi-equilibrium clusters (24 < A< 40,A> 45—~ A> 24)

— photodisintegration rearrangement

* °5Fe so strongly bound, it may survive this melting pot as the only (or domi-
nant) species

« ultimately net-conversion of two 28Sj into *Fe: Silicon burning

28Sj + 28G) — N + ~
BNi —  PCo+et + 14
Ni — S Fe+2e"+21,

* at the end of silicon burning, the temperature in the stellar core increases
steadily — nonequilibrated reactions in the A < 24 region come into equi-
liorium as well: Nuclear Statistical Equilibrium

e for T > 5 x 10° K photodisintegration breaks up even the *6Fe into a parti-
cles: supernova explosions




Nuclear Statistical Equilibrium
At high temperatures compositium can be aproximated by Nuclear Statistical
Equilibrium
» Composition is given by a minimum of the Free Energy: F = U — TS
conservation of number of nucleons and charge neutrality
A(Z,N) — Zp+Nn+~

* |t is assumed that all nuclear reactions operate in a time scale much shorter
than any other timescale in the system

* favors free nucleons at high temperatures and iron group nuclei at low tem-
peratures

* nuclei follow Boltzmann statistics, results in a Saha equation

20Ne+7:160+a

nOna 1 (ZWmomakT> 3/2 GOGa —Q/KT
MNe  h MNe Ge




Nuclear Statistical Equilibrium

At high temperatures compositium can be aproximated by Nuclear Statistical
Equilibrium
« Composition is given by a minimum of the Free Energy: F = U — TS
conservation of number of nucleons and charge neutrality

A(Z,N) = Zp + Nn +

* |t is assumed that all nuclear reactions operate in a time scale much shorter
than any other timescale in the system

* favors free nucleons at high temperatures and iron group nuclei at low tem-
peratures

* nuclei follow Boltzmann statistics, results in a Saha equation

_ 3(A—1)/2
Y(Z, A) = GZ,A(T)AS/ ° 1% A yZyA-Z 2rh? A= B(Z,A)/kT
o A m, PN mykT ©

Gza= > (2J; + 1)e E&A/KT partition function

I
Composition depends on two parameters: Yy, Y




Nucleosynthesis

solar abundances

a~huclei

Sag L 12c 160,20Ne,24Mg, .... “°Ca general trend; less heavy elements
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Nucleosynthesis

Vp-process =
“neutrino-proton process” S-process A I
“slow process” via chain em EEEEEN

v rp-process y g
c i 1 T
S “rapid proton process” of S‘Ecable nuilel through E i
o via unstable proton-rich nuclei neutron capture . EEEEEEE:E
Q through proton capture o UL
5 \Pb<2=82) — —ph—
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Neutron-Capture Nucleosynthesis

Furter spiing - Mltpciy * nuclear burning able to produce only
Quantum energy rom spin-oro| ot states . .
states of potental €166t N\ . | elements up to iron: creation of ele-
angular momentum K 7, 8 . yye _
it N ments heavier than the “iron peak” is
h ‘ endothermic, electrostatic repulsion
19, 10 : iIncreasing with nuclear charge
. 2p,, 2 . o
T M O Closed shels * peaks in abundances reflect stability
’7 pst 4 :%iacailcenum ers" . ' 141
= o of nucieons. of isotopes against further addition
, g, & of neutrons and protons: due to the
2s s .
14— = structure of the nuclei — shell model
1d;, 6 .
o of nuclear physics
? “ 1y, 4 * isotopes with even and equal num-
1s - = @ ] bers of neutrons and protons very
http://hyperphysics.phy-astr.gsu.edu/hbase/Nuclear/shell.html stable — more abundant

* during hydrostatic burning phases, elements beyond the iron peak produced
only if other reactions with lighter nuclei provide enough energy and, by the
capture of neutrons (electrically neutral), heavier isotopes: unstable



http://hyperphysics.phy-astr.gsu.edu/hbase/Nuclear/shell.html

Neutron-Capture Nucleosynthesis

general sequence of reactions is
(ZA)+n—> (Z,A+1)+
(Z,A+1) Z+1A+1+e + Ve

1SSCS N 134CS N 135CS N 136CS

 neutron-capture time is long compared to the 5-decay time: slow neutron-
capture process or simply the s-process — close to the line of 3-stability in
the nuclear chart

* neutron-capture time is very short compared to the 5-decay time: rapid
neutron-capture process or r-process — Subsequent neutron captures and [3-
decays will lead to the creation of heavy elements




Neutron-Capture Nucleosynthesis

s-process

» taking place in stars of intermediate mass (M ~ 2...5M.) in an advanced
phase of evolution: shell burning on the asymptotic giant branch:
— 3C(a, n)'°0, **Ne(a, n)*Mg

» short-lived isotopes of heavy elements (e.g. *Tc, 712 = 211,000 y) found in
the atmospheres, could only have been created in the stars themselves

* unimportant for the energy budget and the structure of stars, mainly due to
the extremely low abundances

r-process

* astrophysical site for the r-process is not clearly identified, but is probably to
be found in supernova explosions and/or neutrino-driven winds after neutron
star mergers

* very high neutron fluxes — neutron capture until nuclear shell closure, stable
against more neutron capture: 5 — decay

proton capture: responsible for proton-rich nuclei (p-process, rp- process, vp-

r : rnov neutrino driven win




Simple stellar models




Polytropic Gaseous spheres

Accurate stellar models need to be calculated numerically

— simple analytic models can be useful to understand general rules and depen-
dencies
— earliest such models are called polytropes

Temperature does not appear in the mechanical equations of stellar structure.
Assuming hydrostatic equilibrium

dP __Gm §-%dP _ do
ar - r2? dr  dr
together with Poisson’s equation

1 d do
2 2
®=Zar (r dr> = 4nGp

Temperature enters via equation of state p = p(P, T), simplest case: p = p(P)
— two equations can be solved for P and ¢ without the other equations




Polytropic Gaseous spheres

Assuming such a simple relation between P and p of the form

1
P=Kp' =Kp*s, n=—— (7.1)
v —1
polytropic relation: K polytropic constant, v polytropic exponent, n polytropic
index 4o 9

_2Up
= — = —Kp' 2=t
dr P ar

If v # 1 and ® = 0 at the surface (p = 0), integration gives

— _q> "
= ((n+1)K>

With the Poisson equation, we obtain an ordinary differential equation for ¢

d?¢ 2do —d \"
d’e 2d®_, 5 (( )K) (7.2)




Lane-Emden equation

define dimensionless variables z, w and ®, p. at the center

41 G 41 G n-1 ¢ 0 1/n
= Ar, A = — )1 = oW =—= =
£=An (e k%) = R T W g (pc>
Lane-Emden equation
1d [/ _,dw "
13 (z dz) Fw =0 (7.3)
interested in solutions that are finite at the centre, z = Ar = 0 — dw/dz =

w' =0

n _(DC "
R T

= P(r) = Pw™!,  P.=Kpl




Lane-Emden equation

regular singularity at z = 0, expand into a power series:

1o n 4
W(z)_1—éz +@z +...

with a1 = w/(0),2a> = w"(0), ... Analytical solutions only for three values of
*n=0:w(z)=1-12?

en=1:w(z) =202
1

= (1+22/3)12
olytrope of index n defined by value z = z,, forwhichp=p =0

2 3 Lane-Emden
w(z)=1+a1Zz+az“+azz’ + ..., =

Surface of th
and w =0

®
O

= 2=V6, zy=m, Z5=00

— Only polytropes with n < 5 have finite radii

— In general, values ofz, and related functions have to be calculated numeri-
cally

— published in tabular form




Lane-Emden equation

| | |
01 02 03 04 05 06 07 08 09

O

z2/zn =1/Ry4




Lane-Emden equation

3—n

_ _ dw(z _ dw(z 1 _ Rnn;ns 3D,)3n
- Fn= 200 = (_Z %) yer, Dn= - (%%) Zzann - (n+1()/\/l,7)T1
0 [2.44949 4.89898 1.00000 undefined
0.5 2.75270 3.78865 1.83514 0.27432
1  3.14159 3.14159 3.28987 0.23310
1.5 3.65375 2.71407 5.99066 0.20558
2 14.35287 2.41113 11.40216 0.18538
2.5 5.35528 2.18721 23.40630 0.16957
3 16.89685 2.01824 54.18229 0.15654
3.258.01894 1.94983 88.15187 0.15076
3.5 9.53581 1.89060 152.88022 0.14534
S 00 1.73205 00 00

D= (%),..,




Application to stars

polytropic models for a given index n < 5 and for given values of M, and R,

r r Z
3
_A r
m(r) = / Ampredr = 47pe / w'r?dr “=" 47pe w"z%dz
0 0 0
Using the Lane-Emden equation

d ~>dw 2 ~ 3 1dw
—— (Z ) =wW'z°= m(r) =4nrpcr ~Sdz
At the surface z = z,

1dw
M, = 4npR> | ———— = —47A-3 ——
e ( zdz>z=z,, e <Z dz>z=z,,

introducing the mean density 5 = 3M, /(47 R®)

p 3dw
pe \ zdz
higher n — smaller p% = higher density concentration in the center




N —

N O g AW

Polytropic model

. Measuring or assuming values for M, and R,
. Pick the appropriate polytropic index n

— Numerical solution of Lane-Emden equation (R,, M, Dy, B))
. Calculating p = fﬂ—",ﬂ*ﬁ and pc = —2,/(3dw/dz),_, p

. turning the dimensionless z scale to r scale with A = z,/R,
. density distributon: p( ) = pcW"(2)

n—1

From A? = (,f”f);KpC” follows K = (n47;€42p0

(n+1)/n

. Pressure distribution: P(r) = Kpc w1

n— 3 3—n

= Py = (4m)3 BT BDIT G S = (4m)5B,GM: et = Ky
(n+1)M, ™

polytropic constants R,, M,, D,, and B, see table

. Mass distribution: m(r) = 47Tpcf3 (—1d—w)

zdz




Polytropic model — Sun

Example: Sun

1. M, =1.989 x 1033 g, R, =6.96 x 10'% cm
2. Polytropic index n =3 — z3 = 6.897
3.p=1.41gcm™ ', p; =76.39gcm™’
4.A=9.91x 10"

5. p(r) = pcw>(2)

6. K=3.85x 104

— central pressure P, = 1.24 x 107" dyncm—2
Assuming an ideal gas with X =0.7and Y = 0.3 = ;= 0.62
— central temperature T, = 1.2 x 107 K

— detailed calculations Tz = 1.5 x 107 K

— Polytropic model does work quite well




Polytropic model — Sun

.1017

l

0.1

| | | | | |
02 03 04 05 06 07 08 O.

r/R,

9




Polytropic model: n = 3 — Standard model

= Eddingtons "standard model”
Ideal gas with radiation pressure, 5 = Pyas/ P

R R
CINRLYY S LAY |
T 3 e;
Assuming [ to be constant throughout the star (0 > 5 > 1)
Prad 3T4 4
1 -0 = = T "~P
“1-P="p=3p
Equation of state becomes a polytropic relation with n = 3
3R\ P /1 - g\ 1
<au4> ( 3 ) ’ ’ 7:9)

— K free parameter, which depends on choice of 3: two free parameters: pg, 5
— can be replaced by M,, R, = P, = P.(M_, R,), T. = T.(M_, R,)

M. R-\*% M, R
17 ® -2 _ 6 @
P.=1.24x10 (M@) <F>’*) dyncm™ <, Tc=19.5x10 @R K




Polytropic model: n = 3 — Standard model

with 7.5, 7.4 and the definition of A we get the Eddington quartic equation:

a (rG3BDs/41)2, » 4 4 <M*>2 i
1—8 = M = 0.003 , = B(1, M.
b=3pa 28 T M. upg, — B =pu, M)
1 |
AN \
08 . \ \ \ D |
1 | |
. 0.6 B
0.98 | =
0.4 B
0.96 |
02l 0 1 2 3 4
1 10 100




Polytropic model for radiative and fully convective stars

from the radiative temperature gradient we can derive the radiation pressure gra-

dient % = %aTc”%—f = —4’;@&2, and obtain for n = 3:
dP, ¥=-%" kL MN\® 4 4
dP = dmeam - PN =0003 (M@> WD
3
L, = 4WCGM®O.003/1454(M, M.,) % (mass-luminosity relation) (7.6)
L@ /iL@ M@

For fully convective stars the temperature gradient is given by the adiabatic tem-
perature gradient

dli [>—1TdP dT T[>—1dP

W - rg ﬁ dr < T - r2 P
If we assume the adiabatic coefficient [ » to be constant and the radiation pres-
sure negligible, the equation of state is that of an ideal gas

1-T5

T~P/lp=P~p2 =n=1/To—1)= TP ™= =const (7.7
— pre-main-sequence stars following the Hayashi line




Polytropic model with K = const

Now we assume K to be fixed and construct a model with index n for a given

1;,‘7
central density pc = p = pcW", A2 = (1)2 = =(n+1)Kp,"

Z
Using R, = % we get a mass-radius relation, for a given K and n:

1-n
R, ~ pc" M, ~ pch

3-n 1
oo (19
Z=Zn

zdz

1-n
— R, ~ M (7.8)




Polytropic model for a degenerate electron gas

Non-relativistic, degenerate electron gas

p_l§2/3 H2 ,05/3
" 20\7)  momd’® \ ke

Considering the chemical composition e to be fixed:

2/3
_ 13\ h 513
*T20\7/)  Meluemy)s/3

— Equation of state is polytropic: P = Kp1+1ﬁ

. . . 2/3
with polytropic index n = 2 and polytropic constant K = s (2) / me(uf;u)f,/s
with the mass-radius relation 7.8, do we get a mass-radius relation for this case

R, ~ M '/3 (7.9)

— The higher the mass, the smaller the radius




Polytropic model for a degenerate electron gas

for high densities, the degenerate electron gas becomes relativistic:

1/3
P (3 he /3
T 8( e my)t/3
Equation of state is (again) polytropic: P = K p1+1ﬁ
with polytropic index n = 3 and polytropic constant K = (2)

1/3 hc
8(,UJemu)4/3

1dw K\ 32
M, =4r [ ——— 3| — 0 =M,
7 ”( zdz>z=zf‘* (m) <

Mass does not vary with central density!

— only one possible mass for relativistic degenerate polytropes:

5.836

115

Chandrasekhar mass : Mech, = M., (7.10)

For white dwarfs e = 2 = Mg, = 1.46 M,
— Highest possible (and observed) mass for WDs




Polytropic model for a degenerate electron gas

‘ ‘ - I 1 ‘
- = = non-relativistic limit

0.04 | - = = Ultra-relativistic limit |-

O l l l l l
0 0.2 0.4 0.6 0.8 1 1.2 1.4 1.6

M*/MSun

mass-radius relation for white dwarfs with e = 2, transition between non-
relativistic limit and ultra-relativistic limit can be derived by using an equation of
state accounting for relativistic effects (for Mwp = 0.5 M), which is then no
longer a polytropic equation of state.




Homology Relations

For stars with similar density structure, there are simple relations between their

parameters
m m r(x) R

M= e i T R
— This follows from the stellar structure equations
— Such stars are called homologous
Homology relations can be formulated for the fundamental parameters and ma-
terial functions, e.g.
p_ M/M P (M/M?_(p\*P M
¢/ (R/IRY? P~ (R/R)* <p) <M>

X =




Homology Relations

Assuming anidealgas P ~ (1/u)pT

T uM/R\
T’=,u’M’ [=%

— If a star is compressed, R becomes smaller and T higher
— Higher T leads to more fusion, higher internal energy and expansion
— Star behave like a thermostat

Assuming an ideal gas and radiative energy transport

L -1 M\° 4 L eM
E=(S> 1(M> (5) ’ E=§M

— Luminosity is a strong function of mass L ~ M?
— Stars with smaller metal content (smaller opacity ) have higher L
— Stars with higher 1 have higher L




Stellar populations




Stellar populations

First stars (Population Ill)

 formed with the primordial composition of the Universe (H, He, Li ,Be, B)
— Metal-free composition (not observed yet)
— No CNO-cycle possible
 Star forming gas clouds cool much slower, because the transitions of metals
make cooling more efficient
— instability for collapse to stars might happen at higher masses
M ~ 100 — 1000 M
The mass distribution of the first stars is currently debated
« after 10° yr first supernovae (core collapse, pair production) enrich the inter-
stellar medium
— Nucleosynthesis dominated by a-elements from C/O burning
(C, O, Ne, Mg, Si, S, Ar, Ca)
— Due to the short evolutionary times, no s-process elements are formed
— Due to the extreme properties of the first stars, r-process elements might
have been formed




Stellar populations
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3940

59OOI 5926
Wavelength (A)

Frebel A, Norris JE. 2015.
Annu. Rev. Astron. Astrophys. 53:631-88

3840 3860 3880

3960

i[Fe/H] < —-7.0...
| observed

i Extremely metal-poor (EMP), low-

mass stars (MS, red giants) with
— 3.0 have been

* Due to their long lifetimes, they
allow us to study the enrichment
by the first generations of stars

* Stellar archaeology

* Near-field cosmology




Stellar populations

f Wz "'46'70/'1),7'/_'0,9' ' IR Extremely metal-poor (EMP), low-
. bt W M I Ci'K C'|'H mass stars (MS, red giants) with
e e ol [Fe /H] < 7.0 — 3.0 have been
o e L Observed
05 \ /'3 Lithium abundances and isotope
% N .5 T 4850/15/40 — :'.5': — :'”:' 3 ratio in conflict with predictions for
S | 1 primordial nucleosynthesis
§ o L3 e Carbon enrichment [C/Fe] > 1.0
10k A T TORRTURTN S detected in a large fraction of stars
o5 |I''T  — CEMP stars
— :SM:0;1;_6:70:%“:53:%5{:2%(%_2;3' :..:. .:. :" : :.:: .: .: 1+ Enrichment with r- and s-process
;Z i 13 elements
e o i3 — (C)EMP-r/s stars
oo Wajz:):ngthg(ij\z)o - Enrichment by Pop Il stars?
Frebel A, Norris JE. 2015. Nucleosynthesis predictions by early
4% Annu. Rev. Astron. Astrophys. 53:631-88 supernovae highly uncertain




Stellar populations

_ R B Subsequent generations of
Galactic halo - /

™ stars enriched the ISM

* Stellar populations be-

Galactic bulge - - come more metal-rich
Galsctiiieh = ‘ Galacti'c c_:enter . .
\ I ESs gie // - * Massive stars most im-
; ’ | portant for enrichment
T ’ Sun .
- '\ (winds, SN 11), but short-
8 kpc .
- a”d . e lived («-elements)

Open cluster

* AGB-stars (s-process
elements)
* SN la (iron)

Copyright © 2008 Pearson Education, Inc., publishing as Pearson Addison-Wesley.




Stellar populations

O :
®e * % T )
i o S sk 1SN la require low-mass stars
0.4 g Rer i B _ .
P o %S ] to evolve to WDs first
é 0.2 ¢e® :., ) - — starting to contribute later
S _ ¢ ' *e ] than core collapse SN from
n ° 1 ]
0.01 ., ° e massive stars
0ol __]_ . * e _ |— The relative abundance of
_o.2F Sl
I * . ] a—elements w.r.t iron [a/Fe
-040 . ... P P P .1 decreases with time
—4 -3 -2 —1 0
[Fe/H]

San Roman 2015, A&A, 579, 6




Stellar populations

Globular clusters
Galactic halo - /

S
Population Il

cletc s __ - Oldest Galactic population
Galactiodisk o il .Ga""“’f*? el // ’_  Associated with Galactic
\ .4 _‘ - | halo
. . I [Fe/H] < —2.2... — 1.6
Gas and s '\Emissm - Sta.rs < 0.8 M, still on
Open cluster main sequence
* Age < 13 Gyr

k
3 . : I—I
8 kpc

rson Addison-Wesley.




Stellar populations

thin disc thick disc _ halo

u o

=
o

Gaia G absolute magnitude

151

o 1 2 3 4 0 1 2 3 4 0 1 2 3 &4
ESA/Gaia/DPAC Gaia BP-RP colour

Lower metallicity shifts the MS

Pop Il stars below the ZAMS of sub-solar metallicity are called subdwarfs
(sdA/F/G/K/M)

Gaia revealed split in Pop !




Stellar populations

[T T e T T T T T

B Retrograde ;| Prograde A Thin disk .

400 - m ° ° 1 Thick disk _

- m o High-a halo -

B " e e Low-a halo ]

- - . .§ m Unclassified 1

w - : ]

300 - °": . .

Y =% % . :

~ B o : i

ol B u ¢ .' : o i

R ¢ = :

o 200 :_ ® ~ .k} C _:

% S ot SRR UTCE TR ]

% E [ | .’ . [} : [ O a'-®‘- " E

=) - oy o 0.7 O .

~ - _ “@° . U O .

100 ‘om0 og ® O / T LA E

_ - O o9 | . -

B om o ] 00 i

- q = .

N | O ' ]

0 ) TR L1 ]

-400 =300 -200 1

Vier/kms Amarsi et al. 2019, A&A, 630, 104

Galactic space velocity (km/s): U Velocity (km/s) toward the Galactic center; V in
the direction of Galactic rotation; W toward the North Galactic Pole

Kinematic selection



Stellar populations

S — AR Globular clusters represent
alactic ao\ > / . .
old sub-populations with up
to ~ 106 stars
e Ga'actfé b‘{'ge - - O, B stars * Part of the Galactic halo
Gu\dk T // _ -[Fe/H] < —2.3...— 1.6
‘ 2 Dl "'4'7 \ig .
: e oy | e Cluster stars have formed
at the same time
* MS-turnoff depends on
age
* Problem: Multiple popula-
tions

Sun

ki
8 kpc
Gas and dust P
Emission nebula

Open cluster

Copyright © 2008 Pearson Education, Inc., publishing as Pearson Addison-Wesley.




Stellar populations

Globular clusters represent
old sub-populations with up
to ~ 10° stars
 Part of the Galactic halo
*[Fe/H] < —2.3... — 1.6
* Cluster stars have formed
at the same time
* MS-turnoff depends on
age
* Problem: Multiple popula-
tions

-0.5 0 0.5 1 . 1.5 2 2.5
Ggp=Gpp ESA/Gaia/DPAC




Stellar populations

Globular clusters
Galactic halo - /

—

| Population |
Galactic bulge “ N:-FOS Youngest Galactic population

Galachieilist e e Galacti'c genter //

e Associated with Galactic

/ N — - [Fe/H] < —0.2...— 0.6

Gas and dust Emission nebula o Star format|0n OngOIng in
the disk

Open cluster

rson Addison-Wesley.




Stellar populations

thin disc thick disc | halo

Gaia G absolute magnitude

o 1 2 3 4 0 1 2 3 & 0 1 2 3 4
. Gaia BP—RP colour
ESA/Gaia/DPAC
MS extended towards young and massive stars
WDs and low-mass MS stars present

— Selection effect: Sun belongs to the disk




Stellar populations

Globular clusters
Galactic halo - /

—

Open clusters represent
. . - sub-populations with up to

Galactiodisk Galacfilc ?enter // ’_ ~ 103 stars

PN e * Part of the Galactic disk

/ S e o, S - Cluster stars have formed

at the same time
Oponoi g o Bl . \IS-turnoff depends on
age

Gas and dust

rson Addison-Wesley.
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10+

12 4

10

12+

Pleiades

® o »~ N o N A

12

—log(age) = 8.04 |
Z =0.017

© o & N O N

—log(age) = 8.81
Z =0.017

0 0.5 1 15 2 2.5 3 3.5

©® o &~ N o N A

0 0.5 1 1.5 2 2.5 3 3:5
GgpCrp

Praese| pe

—log(age) = 8.85
Z = 0.020

0 0.5 1 15 2 2.5 3 3.5
G, -G

Hyades

Stellar populations

ESA/Gaia/DPAC

Open clusters represent
sub-populations with up to
~ 103 stars
 Part of the Galactic disk
* Cluster stars have formed
at the same time
* MS-turnoff depends on
age

ESA, AURA/Caltech, Palomar Observatory




Stellar populations

Age determination of clusters by isochrones

—-10 +

Ekstrom et al. 2012, A&A, 37, A146



Stellar evolution




Cosmic cycle of matter

Dense Molecular

shellar
evolution

b~ 1My, 3Gy
1-

infall Me | T e -. N 3
(e.g. HVC's, streams) . - \ ' . 1
. \ .1 : Compa-::t

SRemnants |'|.JL, _'l_| Nc

(in bina ,n’ﬂngle
.\X pulsar
W E]

(other galaxies nearty'| i Binary X-ray Binary

‘7’ : Interactions

- Credit: Roland Diehl in "Astronomy with Radioactivities VII" workshop




Molecular clouds

NICMOS

WFPC2
Hubble Space Telescope Views of Orion Nebula showing stars hidden in clouds
http://oposite.stsci.edu/pubinfo/pr/97/13/A . html




Cloud collapse

In equilibrium:
Axis of' rotation '
s Eg =9 E'}1 :t-Approx. 1 Iight-year-:-:
Axis of rotation

'

- <—i—> [HOIEHIBH retards
3 G]WQ 3 M K | collapse in this
— - kT — ! direction
5 R 2 m -
F o S
‘ - —

wo—e ]
' makes cloud i

‘shrink. As it shrinks it spins,
faster and flattens into a  je— Approx.—.:
disk withcentralbulge. ' 100AU '

Slowly spinning
interstellar cloud

During collapse:

1
—§Eg

TS 2
M > My —9.104M€( () )

> Fy

ﬂ-(m—:s)

For a MC with:

T=10K
n=100 cm?

2
} M ~10°M_

* new stars can be formed in an environment of dense interstellar (molecu-
lar hydrogen Hb) clouds. Under certain circumstances (e.g. by shock waves
from supernovae) these clouds can become gravitationally unstable to con-

traction.

* not strictly necessary to have such massive clouds. There are inhomo-
geneities that will cause the cloud to fragment leading to the formation of

more than one star.




Cloud collapse

In equilibrium: During collapse:

Axis of rotation

_ I 5 I 1
_Eg _ QEA Ec-ApproxJ light year-> B _Eg s, Ek;
Axis of rotation 2
9 ¢_:_>_ retards T3 :
3GM & M | collapse in this
= = —kT— , \  direction M > My =9-104M, (K)
5 R 2 m — | - ‘\ 'Il-(m—:a)
_— ) (‘, =
' - ' For a MC with:
1 |Gravity makes cloud '
Slowly spinning 1 ghrink. As it shrinks it spins; _
interstellar cloud : faster and flattens intoa  e— Approx.— T=10K ; } MJ~1 OzMS
i+ disk withcentralbulge. ' 100AU ' n=100 cm’
Jeans mass

» Gravitational pressure has to overcome gas pressure (6 = 3/5 for homoge-

nous sphere)

R GM~?

27 /13 1/2 R 3/2
= Means = 16 \ - 0G

T \3/72 P -1/2 1y -3/2
= Myeans = 1.1Mg (‘IO—K> (10—19ng—3) (ﬁ)



Cloud collapse

lllll T T lllllll

Salpeter 1955 m—— |
Kroupa 2001 vvenn
Chabrier 2005 = =

1.000F Thies & Kroupa 2007 E
C de Marchi & Paresce 2001 ]

0.100 k

dN/d log M

0.010 |

0.001

0.01 0.10 1.00 10.00 100.00
Offner et al. 2014, in: Protostars and Planets VI, 53 M ( M G))

Low-mass stars are more frequent — peak at M = 0.2 M,




Cloud collapse

Molecular clouds highly turbulent — Mjeans ~ MTTZM_H M = —5223;’2
with Mach number M




StarCluster_Formation.mp4
Media File (video/mp4)


Star formation

| a. Dark cloud b. Gravitational collapse c. Protostar

L

oy |

disk \l . lfl

= e
/1\

AN
10,000 te
100,000 years

= 200 (00AL) = =12 000 AL =] Riema = 0 h—&-l:l-l:lﬂ.'.il—ﬂl

| d. T Taun star e. Pre-main-sequence slar f. Young stellar system

planetary debrnis ceniral
digk b

m{\ \' |

protoplanetary

planetary

S system

slai

100,000 to 3,000,000 years 3,000 000 1o 50 000 000 years afer 50000000 years

=100 AU —4 b—100 AU —f ba— 50 A —




Young stellar objects (YSOs)

Fragment Parent Cloud o
Z o 'mm' o C Pre-Stellar Dense Core
% E:_ A o ' T - 10-20K, M _=0
; E J - 1000 000 yr
:  isothermal phase: T ~ 10K,

Formation of the central protostellar object N . .
O o density low enough that gravita-
i 2 7N Young Accreting Protostar \ .

. b LB | TR 0K My << My, tional energy can be radiated away,
5 : <30 000 yr . .
: temperature remains low and it
E e keeps contracting, visible through
g Evolved Accreting Protostar . . \
;_é T, 7 T0-650K, My > Mepy far infrared emission

~ 200 000 yr

* adiabatic phase: density increases
until cloud becomes opaque, tem-
Classical T Tauri Star \ . .
Tk M coov perature rises until contraction
~1 000 000 yr .
stops because pressure built up
(hydrostatic equilibrium), protostar

Pre-Main Sequence Phase

- Class IL Weak T Tauri Star .
z T 280K M <M forms, cloud is detectable from
I fomnn N | eI 1000000 radiation from dust in IR

o ’*l:ﬁ“’ o Y Time

Andre 2002
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— Evolution of cloud collapse and early pre-main sequence in the HRD —

3 B I 1 1 1 I 1 _

> “F E
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o) [ ]
w = |
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> 0 _ 7
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o - DM 1994 1 M, .
C - .
- — n
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3 - DM 1994 0.5 M, .
0 - .
o F DM 1994 0.1 M, 3

[ I I [ [ ]

4
Wuchter! & Tscharnuter 2003, A&A 3981081 CJ 10 Effective Temperature / [K]




— Evolution of cloud collapse and early pre-main sequence in the HRD —

* collapsing cloud remains an infrared object as long as the envelope is
opaque to visible radiation — evolutionary track starts extremely far to the
right

* thinning out of the envelope has several effects:

— becomes more transparent

— photosphere moves downwards until it has reached the surface of the hy-
drostatic core

— with decreasing R: T¢f must increase in order to radiate away the energy

— luminosity is produced by accretion — with decreasing M: L decreases
until it is finally provided by contraction of the core

* for low-mass stars accretion onto the protostar stops well before central tem-
peratures for hydrogen ignition is reached

* For massive stars, accretion continues while central hydrogen burning has al-
ready set in — already consumed part of its hydrogen fuel when it becomes
visible




Hayashi lines

The Hayashi line (HL) is defined as the locus in the HRD of fully convective stars
of given parameters (mass M and chemical composition)

— located far to the right in the HRD, typically at Te¢f ~ 3000...5000 K, very
steep, in large parts almost vertical

— borderline between an "allowed” region (on its left) and a forbidden” region
(on its right), for all stars in hydrostatic equilibrium and being fully convective

— cooler T than Hayashi line not stable because temperature gradients would
have to be steeper than the adiabatic one

interior part of convective star has an adiabatic stratification dIn 7/dIn P = V4

— if we assume a fully ionized ideal gas: V,q = const = 0.4
— simple P — T relation: P = CT'*" = CT?/?
— star is polytropic with anindex n=1/Vag —1=3/2, C= K-"(R/u)™*"
K~ piPA2 ~ plPRRE ~ MYBR = C = C'(n, u)R™32M~1/2
3 1

= |lgT=04IgP +0.4 (élgFHélgM—lgC’)

N\ 7



Hayashi lines

with the hydrostatic equation and the Stephan-Boltzmann law we get the
Hayashi lines in the HRD

lg Tesi = Alg L+ Blg M + Clg it + constant (9.1)
g (LL,) g UL 1.1M,
A A
2 -
i 1
_ Z = 0.004 - 0504
i 0.5 —
[ 03
. Z =002 0.5 =
0 1= o vy
i E 0.2
: —1.5—5 0.1
-1 -2 3
- Z =10 2.5 3
- 33
—2 lllll""|""|"' IIII|IIII|IIII|IIII|IIII|IIII|IIII|
375 370 365 3.0 3.8 375 37 365 36 355 35 3.45
<« ig(T) <— 19 T

Kippenhahn, Weigert & Weiss 2012



Further evolution of pre-main sequence in the HRD

I PMS tracks with constant
masses

* later phases a short episode
of nuclear burning sets in

10g, (L/Lo)

D+H— JHe +4

* Low-mass PMS < 0.5M.
evolve along the Hayashi
tracks

* High-mass PMS > 0.5 Mg
leave or never follow the

- | Hayashi tracks because a

1 1 " 3 1 - 4 .
3.8 v - radiative zone develops
log,, (T/K)

Tout et a. 1999, MNRAS, 310, 360




Further evolution of pre-main sequence in the HRD

log,, (L/Ly)

Tout et a. 1999, MNRAS, 310, 360

) PMS tracks for constant ac-
] cretion and an initial mass of
10.1 Mg

| — Much more complicated




Further evolution of pre-main sequence in the HRD

4.0

3.0

g
=

log (L/Lg)

-
=)

0.0

-1.0

<= mmi== Stellar birthline .

Timelines ,
PMS tracks

v Hayashi forbidden zone

Schulz 2012

45 44 43 42 41 40 39 38 3.7 3.6
log (Tegr [K])

When the opacity drops the in-
ternal temperature rises and the
convective zone recedes from
the center, evolutionary path of
the star in the HR-diagram to
move away from the Hayashi
track toward higher effective
temperatures

— radiative track of the HR-
diagram (timelines 2-5)




Protostars

T central Of pre-main-sequence (PMS) stars too low to ignite hydrogen burning
— Energy source is gravitational energy of infalling material Lproto = %M

R
. . . 2
— evolution on Kelvin-Helmholtz timescale 7y = % ~ 107 yr
proto

— presence of infalling envelope of gas and dust is the defining characteristic




Lithium abundance in solar type stars

33, — Charbonnel & Talon (2005)
¥ e do Nascimento et al. (2009)
30T Xiong & Deng (2009)
5 - EAN ~ - - Denissenkov (2010)
’ AN Andrassy & Spruit (2015)
2.4
\
2

fib 96423 |dentification as young star

via the presence of lithium
In their spectra
— Lithium is consumed in

HD 38277

—_
@3]
LI | LI | LI | T | T | T | T | T | LI | LI | LI |

1.2

N S stars with T > 2 x 106K
61 'Li+H— “He +*He

0.6 ~

0.3 D _:

0.0 VIR AT SN S TSN ANVER AN N SR N ‘. | 1]

Carlos et al. 2015
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Structure of a protostellar system

* infalling envelope surrounding the
protostar and disk

* infalling material has some net rota-
tion — falls onto a disk

e : | ____—> e« Keplerian rotation of the disk arounc

Outflow — >
5 HHi the protostar

* Mass is transported from the en-
velope to the disk and then it is
accreted through the disk and onto
the protostar

* protostar and disk both work to-
gether and drive a bipolar outflow

~25,000.au * > 50% are variable

Tobin et al. 2012

Pre-main sequence stars 12



Protostellar luminosity problem

Protostellar
Photospheric mass

luminosity \

Total protostellar
luminosity

Protostellar mass
accretion rate

Gmm

P4

'_)Lp . Lphot 0 fa,;c

Radiative efficiency of
accretion shock

Protostellar

I <« radius

——

Accretion
luminosity

~ 10 times less luminous than expected

How do stars accrete their mass®?




Protostellar luminosity problem

-4 FU Ori outbursts
: N
-
» —5 L
= Shu (1977)
o . o YL
- —0r
&
=
< \
(=} \
é") T Tauri accretion
Q "L
.l
=1
(@)
= .
| I | I
4 5 6 7
episodic acretion log (Age [yr]D)

Schulz 2012




Magnetospheric Accretion in T Tauri stars

Low-velocity
disk wind?

Disk wind/jet

Accretion flows
Accretion shock

Q\

Inner hot —
dust wall usty ais
—
Hot continuum — Inner
emission (T~ 8,000K); Broad SILISSISD lines gas disk
some narrow lines; (T=10"K)
X-rays?

ﬂ Hartmann L, et al. 2016.
Annu. Rev. Astron. Astrophys. 54:135-80




Preshock
A A
U Xerays
| ° Shock = |
" X-rays-:,
Al

UV and X-ray excess in T Tauri stars

b

-12.5

——————
£

photosphere

-----

-
i
i
£

Stellar

photosphere
145 v v o b1 b WL T R R S S R
2,000 3,000 4,000 5,000 6,000
A (A)
4{ Hartmann L, et al. 2016.
Annu. Rev. Astron. Astrophys. 54:135-80
Variable stars of spectral types Me to Fe are called T Tauri stars
Pre-main sequence stars 16
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T Tauris stars in the HRD

' I ! |
M'D
10 - —=
N
_° .
5 1- Tt
e 87
= WTTSs
0.1- e CTTSs
i ¢ Transition disks

[, |3 10°%r-
-1{Jﬂyr ]

-| =
3 10%r
Sy o

ZAMS ) 3 oiyr

' | - T
6500 6000 5500

Bertout'et al. 2007 A&A, 473;L21

| ! |
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Protoplanetary discs

HL Tau, ALMA




Protoplanetary discs

ALMA / ESO / NAOJ / NRAO / S. Andrews et al / AUl / NSF / S. Dagnello



Herbig Ae/Be stars

* Pre-MS stars of intermediate mass, higher-mass 2M., <M < 10M,,)
analogs of TTS

* within mass range of HAeBes change in accretion mechanism from magneti-
cally to an unknown mechanism for high mass stars (radiative, non-magnetic)

* Herbig Ae and T-Tauri stars behave more similarly than Herbig Be stars, and
Herbig Ae and Herbig Be stars have different observational properties




Massive young stellar objects (MYSQOs)

50.0 K band 50.0 Ks band
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Caratti o Garatti et al 2017

* massive young stellar objects
(MYSQO) spend their brief youth
while deeply embedded in extremely
dense molecular cores

* optically visible massive stars should
have already arrived on the zero-
age-main-sequence with very little
episodic accretion activity

* massive stars can form from clumpy
discs of material — in much the same
way as less massive stars

e accretion bursts might reduce the ra-
diation pressure of the central source
and allow the star to form




Zero-Age Main Sequence (ZAMS)

Kippenhahn, Weigert & Weiss 2012

As soon as the conditions in the
core are fulfilled, stable burning of
hydrogen starts

Since Taye > Tkn this phase can
be described by homogeneous
models in thermal equilibrium

For solar-like stars the chemical
composition is

X =070, Y=0.28 Z2=0.02
The sequence of such models is

called
Zero Age Main Sequence




Zero-Age Main Sequence (ZAMS)

10° o
50 @
30 °
5 @
103 = . 9.7. o
c 5 o
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] ol LS s O
10 LI 10.9(;.
o
0.50.3.
1073 | 01.
\ \ \ \ \ \ i \
39800 25100 15800 10000 6310 3980 2510

Tett (K)
prediction of the ZAMS by a sophisticated stellar structure and evolution code

(EZ: http://www.astro.wisc.edu/ townsend/static.php?ref=
ez-web)



http://www.astro.wisc.edu/~townsend/static.php?ref=ez-web
http://www.astro.wisc.edu/~townsend/static.php?ref=ez-web

Zero-Age Main Sequence (ZAMS)

File: HD209290_480096_55408_UVB+VIS.fits
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SpeCt ral'type M X-Shooter spectral library, http://xsl.u-strasbg.fr/
Tett = 2400 — 3700 K
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Zero-Age Main Sequence (ZAMS)

File: HD16160_389660_55162_UVB+VIS.fits
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SpeCtraI-type K X-Shooter spectral library, http://xsl.u-strasbg.fr/
Tett = 3700 — 5200 K
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Zero-Age Main Sequence (ZAMS)

File: HD13043_480674_55408_UVB+VIS.fits
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SpeCt ral-type G X-Shooter spectral library, http://xsl.u-strasbg.fr/
Tett = 5200 — 6000 K
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Zero-Age Main Sequence (ZAMS)

DUL. Ca ” H&K File: HD22391_389630_55178_UVB+V

IS.fits
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Zero-Age Main Sequence (ZAMS)

File: HD174240_480113_55395_UVB+VIS.fits
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Zero-Age Main Sequence (ZAMS)

File; HD147550_480128_55438_UVB+VIS.fits
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Zero-Age Main Sequence (ZAMS)

File: HDS7060_389588_55235_UVB+VIS.fits
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Zero-Age Main Sequence 9
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Zero-Age Main Sequence (ZAMS)

Mass-radius relation Mass-luminosity relation
Ig RIR
9o g UL,
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] 6 L
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Kippenhahn, Weigert & Weiss 2012
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Interior structure of ZAMS stars

I R N N I R N N 1
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Pcenter (9 Cm_3)

Central temperature versus central density for zero-age main sequence stars
(based on EZ-models with X = 0.73 and Y = 0.26); color codes the fractional
contribution of the CN-cycle to the total thermal energy generation

Jump due to change from p-pchain to CNO-cycle
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Interior structure of ZAMS stars
TC

Kippenhahn, Weigert & Weiss 2012 O

— For lower masses,

1.0 2.0
the core becomes partly degenerate

— For high masses, radiation pressure becomes significant




Interior structure of ZAMS stars

Energy generation fraction
> o o o
(\ H~ @) Qo Pt
\ \ \ \ l

-]
[

o
—_
p—t

10
M*/MSun

Fractional contribution of the proton-proton chain (red lines) and the CN-cycle
(blue lines) to the total thermal energy generation as function of stellar mass




Interior structure of ZAMS stars

Temperature and pressure for a 1 M. ZAMS star

107 107
1.4 [ |
12} 115 —~
|
o :
0.8 11 %
~ 0.6 i
0.4 105 Z
........ A,
0.2 N i
0L | \ [RIRRERITRRREES = 10
0 0.2 0.4 0.6 0.8 1
T/RSun

solid: EZ-model; dotted: polytropic standard model with radius according to EZ-
model)




Interior structure of ZAMS stars

Temperature and pressure for a 1.35 M, ZAMS star

27

107

.1017

2.9

P (dynes cm™?)




Interior structure of ZAMS stars

Temperature and pressure for a 3 M., ZAMS star

107 107

2.9

P (dynes cm




Interior structure of ZAMS stars

Temperature and pressure for a 7 M., ZAMS star

107 1010

P (dynes cm™?)




Interior structure of ZAMS stars

log p
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Interior structure of ZAMS stars

log £(&pp + Ecno)

1.0

........ M=12MO 0.8_

0.6 -

l/L
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0.2 1

0.0
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Differences mostly due to change from p-p-chain to CNO-cycle
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Radial extension of convection zones for ZAMS stars

1 T T T ] T T T ]

R/R,

M*/MSun

convection zone at the surface/center is shaded in orange/cyan. The surface
convection zone increases with decreasing stellar mass while the opposite is
true for the central convection zone

Zero-Age Main Sequence 20
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Kippenhahn, Weigert & Weiss 2012

M < 0.25M. — Fully convective

Radial extension of convection zones for ZAMS stars

g M/M, —

Upper main sequence
M > 1M;

— CNO cycle leads to high
temperature gradient in
the core

— Convective core +
radiative envelope

Lower main sequence

M < 1M,

— Low temperature at the
surface and high opacity

— Radiative core + con-
vective envelope




Zero-Age Main Sequence

Minimum mass M ~ 0.08 M
— Hydrogen-burning limit

Substellar objects with masses 0.01 — 0.08 M, are called brown dwarfs

— After a short phase of deuterium burning, they continue to cool down with 7y
— Discovered in 1995

— New spectral types L, T and Y have been introduced

— Objects with low luminosities and SEDs peaking in the infrared

Maximum mass M ~ 60 — 100 M
— limited by vibrational instability and radiation pressure

At the upper end of the main sequence, radiation pressure becomes so high that

the star becomes unbound (Graq = —1;% > Q)

— The critical luminosity is called Eddington luminosity Lg

L—Q_ p =13 x 10 ;v@

Since L ~ M? this leads to a limiting mass dependent on metallicity



Zero-Age Main Sequence

Other main se-
quences can be
constructed for differ-

2_
ent compositions
Relevant for later
O_
stages of stellar evo-
— lution are the He-MS
ok H-Ms and the C-MS
N N N (NN NN (N NN (NN NN SR NN NN (NN SN NN NN N NN NN SN B
5.5 5.0 4.5 4.0 3.5
<«— |9 Tery

Kippenhahn, Weigert & Weiss 2012
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Main Sequence Evolution of a 1 M, star

Conv.
—— €pP

0 010 02 03 04 05 06 07 08 09 1
M/M,

Occurrence of convection, chemical composition, energy generation as function

of fractional mass coordinate for a 1 M ZAMS star (based on EZ-models with
X =0.73,Y =0.26)

Main Sequence Evolution 1
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Main Sequence Evolution of a 1 M, star

0 0.1 02 0.3 04 0.5 0.6 0.7 0.8 0.9 1
M/M,
Occurrence of convection, chemical composition, energy generation as function

of fractional mass coordinate for a 1 M, terminal-age main sequence (TAMS)
star (based on EZ-models with X = 0.73, Y = 0.26)

Main Sequence Evolution 2



Main Sequence Evolution of a 1 M, star

1.0 1

0.8-

0.6-

0.4 -

0.2-

0.0 1
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m/M

T/T¢,zavs
T/Tc tams
P/Pc, zams
P/Pc,tams
P/Pc, zams

P/Pc, TAMS
R/R .
R/R .

ZAMS and TAMS model (based on MESA-models: http://www.astro.
wisc.edu/ townsend/static.php?ref=mesa-web) with X =0.7,Y =

0.28).



http://www.astro.wisc.edu/~townsend/static.php?ref=mesa-web
http://www.astro.wisc.edu/~townsend/static.php?ref=mesa-web

Main Sequence Evolution of a 1 M, star

100 T | | w .
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Age (Gyr)

Temporal changes of central temperature T, pressure P , density p¢ (all in cgs
units), and stellar radius R (based on EZ-models with X = 0.73, Y = 0.26).




Main Sequence Evolution of a 1 M, star (MESA model)
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exhaustion of H in the core, H-burning develops in a shell around the He-rich

core
— shell moves outward

— radiative core
— more massive stars have convective cores




——MS Evolution of a 1 M, (radiative core) vs 5 M, (convective) star—
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Main Sequence Evolution of a 7 M, star (EZ model)
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Main Sequence Evolution in the HRD
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Theoretical Hertzsprung-Russell diagram showing the evolution during the main
sequence phase (based on EZ-models with X = 0.73, Y = 0.26), the color codes
the fractional age ranging from the ZAMS (blue) to the TAMS (red)
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Nuclear time scale

The nuclear lifetime on the
main sequence is a strong
function of L and therefore M

TH ~ M—2.5

It ranges from several million
years to more than the age of
the Universe for M < 0.8 M




Evolution of a star with convective core

seemingly nice and

clear picture of the main-

sequence phase

— notorious problem of
convection

— precise determination
of those regions in the
deep interior in which
convective motions occur
and the extent to which
the chemical elements

g M/M, —  are mixed

Kippenhahn, Weigert & Weiss 2012
— mixing influences the later evolution, since the chemical profile, which is es-

tablished and left behind, is a long-lasting memory




Convective Overshooting
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173 m/M

At border between convective core and
radiative envelope

Vrad = vad

— regimes in which convective motions
are present (v > 0) and absent
(v=0)

— Inertia of the moving material

— Penetration into the radiative region

— Convective overshooting

— mixing-length parameter a = I,/ Hp

%F=Fconv+Frad=F/rz

— overshooting (o« > 0) brings more

hydrogen in the core




Convective Overshooting

overshooting (o > 0) brings more
hydrogen in the core

— Helium core becomes larger

— Main-sequence age increases

— Broader main sequence

Open issue in stellar evolution theory

4.3 4.2 4.1
<« 1g Ty

Kippenhahn, Weigert & Weiss 2012




Semiconvection

XyAa massive stars M 2 10 Mg

* during central hydrogen burning the
convective core retreats, leaving a
certain hydrogen profile behind

> * radiative gradient Vg outside the
YA D core starts to rise and soon exceeds
the adiabatic gradient V o4
Vrad 0 * dynamically stable due to Ledoux
S e "\\ Tk criterion
N / \ b
rmm'w\.::;-/..f ........ \-' -\.\ vad < Vrad < vad + gvlu
N . .

Vad N « slightly displaced mass element

cemi- | m starts to oscillate with slowly grow-

conv. core | rad. conv. rad.env.

ing amplitude, penetrates more and

Kippenhahn, Weigert & Weiss 2012 more into regions of different chemi-
semiconvection: slow mixing cal composition




Schonberg-Chandrasekhar Limit (SC-Limit)

He core H+He envelope
* at end of central H-burning, H-burning
\ moves outward in a shell
* No energy produced in the He-core
— Isothermmal T; = const
* Core grows in mass

]' How long can this last?

Y

|
|
|
|
|
|
|
|
|
|
|
|
|

Kippenhahn, Weigert & Weiss 2012
Virial theorem for separate core and envelope:

~ 3 R ToM; B HGME
T e RS AnRY
Maximum value Py nax at the radius Rg max
d P, 40G Mcyic
= R =
dR. 0 = Rcmax 9R T,

PO=Pgas_

TS
naMg

— PO,max =C




Schonberg-Chandrasekhar Limit (SC-Limit)

* Py.max must balance the pressure exerted by
the envelope Peny

* Assuming the core to be a point mass and
hydrostatic equilibrium

o oM — Penv equals the central pressure Pg
T4 GM?
= C—F2 >
P WAM2 = 8rR?
2 * Homology relation
Te ~ pervM/R
M I 2 I 2
— —— < constant ( env) ~ 0.37 ( env) ~ 0.1 (9.2)
M Hc Hc

Stars with mass M > 2 M. : when mass of the He-core exceeds the SC-limit,
the core starts to contract rapidly and the star leaves the main sequence.

For smaller stars: gas in the He-core partially degenerate before the star
reaches the SC-limit (not T depended, hydrostatic equilibrium with higher P).




Schonberg-Chandrasekhar Limit (SC-Limit)

* Contraction of the He-core leads
to heating of the core on the Kelvin-
Helmholtz timescale (much shorter
than nuclear timescale)

* As the core contracts, it generates
energy, which flows outward

The details of the further evolution
strongly depend on stellar mass.
* Low-mass stars (< 2.5 M,,)
* Intermediate-mass stars
(2.5 —-8M,)
» Massive stars (> 8 M,.)




Post-main sequence evolution
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Theoretical Hertzsprung-Russell diagram (based on EZ-models with X =
0.73, Y = 0.26). The blue numbers indicate the mass in M. The color codes
the fractional age on the displayed portion of the track.




Kippenhahn diagram

Kippenhahn diagram shows internal structure of star

1.0 T T | | I
0.8 F
-
© ~ 0.6 |
2 s
S| T oap i
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| ’
1
D
] |
>
Time

- Hydrogen burning energy yield

- Helium burning energy vield

- Convective region
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Post-main sequence evolution — Intermediate stars

. 102

10°

Main sequence (A-B)

* main energy production
is H-burning due to CNO
cycle

* stronger temperature de-
pendence as PP cycle
— star will expand more
during the MS than a lower
mass star

Main sequence (B-C)

* At point B the central H is
getting depleted and the
core starts contracting

* At C, all H in the core is
used up.
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Post-main sequence evolution — Intermediate stars

. 102

10°

Thick shell burning (C-D)

* When the core H is ex-
hausted, quick transition
to H shell burning.

* Temperature gradient is
small because the outer
layers haven't puffed up
much yet.

— H shell takes place in a
thick shell.

* core keeps growing in
mass




Post-main sequence evolution — Intermediate stars

. 102

Thick shell burning (C-D)
* Fast evolution on Kelvin-
Helmholtz timescale
~ 107 yr
* Not many stars in ob-
10° served HRDs
| | | | | i — Hertzsprung gap
 Luminosity and Tqs drops
by a factor of ~ 3
* Radius increases by a
factor of ~ 5
* at D core exceeds
Schénberg-Chandrasekhar
limit — envelope pushed

10! ;:é
e

80 85 90 95 100 105 out

MESA




Post-main sequence evolution — Intermediate stars

- 102

Red giant branch (RGB, D-E)
* expansion of the outer layers
! 10@ causes the T gradient to
" become steeper, and the H
burning shell becomes much
107 thinner
' » envelope is fully convective:

© 3

SO star is on the RGB

S 10° L . :

S :  Convection reaches into re-
10 : . - . . | gions with nuclear processed
s ° material

¥ gi i * First dredge-up of pro-

0ol H cessed material to the sur-
\1_ | |
00 80 85 90 95 100 105 face

MESA
Age (Myr)

— Red giant — Luminosity class Il = T ~ 4000 — 5000 K
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Post-main sequence evolution — Intermediate stars

HD 206739

2.374

2.3745 2.375

Wavelength (microns)

Keller, Pilachowski & Sneden 2001, AJ, 122, 2554

First dredge-up
* primordial ratio of the carbon
isotopes '°C/°C  ~ 90
is reduced due to CNO-
processing
* first dredge-up brings mate-
rial to the surface
* Molecular bands of CO in
IR-spectra can be used to
determine this ratio (10 = 1)
— Evidence for the first
dredge-up has been found
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Post-main sequence evolution — Intermediate stars

|
85

90
Age (Myr)

95

100

;' He ignition (E)

* When the core of the star
reaches T ~ 108 K,
it ignites Helium under non-
degenerate conditions.

* He burning starts ‘gently’

» reaction 3o — '°C,
ater '2C + a — 10

« eventually '°0/'C ~ 0.5

Blue loop (E-F-G-H)

» Star becomes smaller and
hotter

* During core He burning, the
star goes through the blue
loop.




Post-main sequence evolution — Intermediate stars

Blue loop (E-F-G-H)

* blueward direction: H-
burning shell maintains an
even level of efficiency and
He-burning core increases

* redward: core starts to de-

10° crease in luminosity as He is

: running low

* important to explain Cepheid
stars, when crossing the
instability strip

* Details depend on composi-
tion, mixing and mass-loss

* Core helium burning stops,
when helium is completely

- 102

{10!

R(Rg)

logL/L®

80 85 90 95 100 105
Age (Myr) processed

MESA




Post-main sequence evolution — Intermediate stars

- 102

Asymptotic giant branch
(AGB, H-J)

* C/O core grows in mass and
contracts, H and He-shell
burning

1°  *star reaches the AGB

: * He-burning shell moves
outward

* As the stars expands, the
temperature in the H-shell
drops

* H-shell burning ceases

* Convection reaches (again)
Into the core region

1 10!

R(Rg)

logL/L®

80 85 90 95 100 105

MESA




Post-main sequence evolution — Intermediate stars

- 102

f 10" §Asymptotic giant branch

(AGB, H-J)
* Second dredge-up of H-

| 10° processed material (He,N) to

] the surface

* C/O core grows further in
mass

* Qutward moving He-burning
shell reignites H-burning
shell

logL/L®

80 85 90 95 100 105

MESA




Post-main sequence evolution — Intermediate stars
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Kippenhahn, Weigert & Weiss 2012 Age in Megayears

"Cloudy” regions indicate convective areas. Heavily hatched regions indicate
where the nuclear energy generation (H or He) exceeds 102ergg~"'s'. Re-
gions of mixed chemical composition are dotted.
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Post-main sequence evolution — Intermediate stars

10° = 1
i : 0.8
10t}
2 sl ]
< 107} 11 |04
] | 0.2
- | | ] N | i 0
25100 15800 10000 6310 3980

Tor (K)

Evolution similar for different intermediate masses
dotted lines: instability strip




Post-main sequence evolution — Massive stars
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Post-main sequence evolution — Massive stars

lg UL, Evolution of high-mass stars
- A depends on uncertain physics
1 * convective core
— Ledoux or Schwarzschild

48] R _ / o
. il e ' criterion
' ) » Convective mixing

4|6 ] 7/ ..". R
T N

/ . é‘ — Overshooting
| 5 — Semiconvection
447 * Rotational mixing
_ - * Mass loss:
4.2 E 15M.,

T T T = M=1-2x10"8M,/yr

T S L L B
46 44 42 40 38 36 34 .
~ 1.15 M, at end of helium
< g Teff -
burning

grey: with mass loss and overshooting; dotted: Ledoux criterion (semi-convection); black/dashed :
Schwarzschild criterion without/with overshooting

Kippenhahn, Weigert & Weiss 2012 1D M@ star




Post-main sequence evolution — Massive stars

9 i/L@ Evolution of high-mass stars
5.0 Start of He-core burning (~ 10°
_ / yr) highly model-dependent

4.8 - S * Schwarzschild criterion:
_ P - / layers become convective
4.6 more easily and earlier in the

| evolution, He burning at an
4.4 - Tw age of 9.35 Myr
] Rt * Semiconvection: region of
varying chemical composi-
- tion around the convective
4.6 4!4 412 4!0 3!8 3!6 3!4 core — longer H-fusion, blue
<« 9T, loop

4.2

Kippenhahn, Weigert & Weiss 2012 15 M@ star
* Overshooting: creating a smooth chemical profile, enlarges the convective

helium-burning core, higher luminosity, reduced duration of nuclear phase




Post-main sequence evolution — Massive stars

9 i/L@ Evolution of very high-mass
6.0 - stars
50 _ evolution highly model-
. dependent
5.8 - * mass loss: ~ 107 °M_ /yr
5.7 _ — timescale much longer
- than nuclear timescale
>0 —» MS lifetime 4.5 Myr
5.5 — star can adjust to the
5 4_5 reduced mass and evolves

40 Mg similar to star of constant

LI L L B L N AL IR B

4.8 46 44 42 40 3.8 3.6
Kippenhahn, Weigert & Weiss 2012 1D M@ star <«IgT_,
40 M, star: Schwarzschild crit. (solid), overshooting (dotted), additional mass loss (dot dashed);
50 M, star: Ledoux criterion (solid), Schwarzschild criterion (grey dotted line), significantly en-
hanced mass loss (grey dash-dotted)

mass — (3 times) higher
mass-loss: perturbation
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Post-main sequence evolution — Massive stars

o
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~

4.8 4.6 4.4 4.2 4.0
Kippenhahn, Weigert & Weiss 2012 1D M@ star

Evolution of very high-mass
stars

mass loss: 10~4=9M_, /yr
caused by strong stellar winds,
significant changes of the mass
during stellar evolution up to
several tens of M,

most extreme cases: removal
of the entire envelope, leav-

Ing behind the extremely hot
(30000 — 120000 K) and still
massive (< 10 M) core
surrounded by nebula and

<«—Ig T_, called Wolf-Rayet stars




Hubble Legacy Archive

Spectra show lines of nuclear pro-
cessed elements in emission

Rectified flux + Constant

Rectified flux + Constant
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Post-main sequence evolution — Massive stars

Hell
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Crowther 2007, ARA&A, 45, 177

Classification based on most prominent elements: WN, WC, WO
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Post-main sequence evolution — Massive stars

Ig UL,
A
6.0 Evolution of very high-mass
50 _ stars
. e L ~ 10> —10°L,
5.8 3 * [t =~ 3000 — 25000 K
5.7 — R ~ 40 — 4000 R,
5 _ Blue, Yellow and Red Super-
. giants
5.5 7 * Most luminous stars, observ-
5 4 able in other galaxies
. 40 Mg, * Red Supergiant Luminosity
JSLELE L L L L LN LA DL B class |

4.8 46 44 42 40 3.8 3.6
Kippenhahn, Weigert & Weiss 2012 1D M@ star <« IgT,
40 M, star: Schwarzschild crit. (solid), overshooting (dotted), additional mass loss (dot dashed);
50 M, star: Ledoux criterion (solid), Schwarzschild criterion (grey dotted line), significantly en-
hanced mass loss (grey dash-dotted)




Low mass stars in the HRD (EZ model for a 1 M, star)

H

C
01"Ca

3.80 3.75 3.70 3.65 3.60 3.55 3.50
log(Teff [K])
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Post-main sequence evolution — Low mass stars

In low-mass stars the core is radia-
tive
* No efficient mixing in the core
* Hydrogen is consumed starting in
the center
* Smooth transition to shell burning

Post-main sequence evolution — Low mass stars 2
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Post-main sequence evolution — Low mass stars

Due to the high density in the core, the
electron gas becomes degenerate
* Isothermal, degenerate core is
/" stable
» Schénberg-Chandrasekhar limit is
not important
» Core can grow in mass

AN

No rapid contraction of the core

* No Hertzsprung gap

* No heating during core contraction
\ due to equation of state

5/3
P, =1.0036 x 10'3 (ﬁ>
He

/

Post-main sequence evolution — Low mass stars 3



Low mass stars in the HRD (EZ model for a 1 M, star)

H

C
01"Ca

3.80 3.75 3.70 3.65 3.60 3.55 3.50
log(Teff [K])




Post-main sequence evolution — Low mass stars

1.0 T I T T T T T
1M | o
0.8 | I !
—~ 0.6 F —
© ©
S | ., X Main sequence (A-B)
S 0. : o _
 Slow fusion of hydrogen
in the core of the star
l,» *TimeonMS depends on
mass: 10 — 10° yr
S * Star evolves from the
P ZAMS towards higher
) luminosity and larger
1.0 Ny
0.8 radii
o 0.6
s 0.4
0.2
0.0
MESA 0 5 10 11.0  11.5 12.0

Age (Gyr)
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Post-main sequence evolution — Low mass stars

i 102

10°

Sub giant branch (B-C)

* H runs out in the core at
point B (H; < 0.001)

e H-fusion moves to a
shell around the core

* Core keeps growing in
mass and contracts due
to shell burning

* at C, He core becomes
degenerate

 Core contracts, envelope
expands
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Post-main sequence evolution — Low mass stars

2

| 101
ElflmwI

0 5 10 11.0 11.5 12.0
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i 102

_ First dredge up (D)

S'EG * convective envelope
IS at it's deepest point
and reaches into layers
that were processed by
H-burning

* Processed material is

transported to the sur-
face and changes the
observed abundances of
the star




Post-main sequence evolution — Low mass stars

L0 ' L ' ! to tip of the RGB (D-E)
- 11"« Between D and E, the
outer layers of the star
5 "o 9 become less bound, and
S 04 11U a stellar wind will remove
0 part of the envelope
* Due to the high concen-
0.0 10° tration of mass in the
o 10° core L ~ Mcore
3 107 * Temperature of the core
g 10: increases
10 —Increase of T in the
U N, H-burning shell
= 0.4 — Core contraction
-2 heats transition layer

0.0
0 D 10 11.0  11.5 12.0

MESA A between core and shell
ge (Gyr)




He flash

He-flash (E)

At point E, the tip of the RGB, the
core of the star has reached the
critical temperature (~ 108 K) at the
necessary mass to ignite He

* Due to the degeneracy of the core,
the actual core ignition mass is
independent of the star mass
(M~ 0.47 M)

* Due to energy losses via neutri-
nos leading to cooling in the center,
helium is ignited in a shell

Due to the high temperature dependency of the 3« reaction (ov) ~ pT4 nu-
clear energy is released fast and increases the core temperature but degenerate
gas cannot expand with increasing temperature — fast increasing 7.

— Runaway burning of helium: Helium flash




He flash

Runaway burning of he-
lium under degenerate
conditions
* Luminosity during
He flash reaches
~ 109 L,
small galaxy
* energy is used to expand
the envelope, and is thus

d & onset of not visible
- He burning
- * Degeneracy is lifted

.1 * Core expands, density
Kippenhahn, Weigert & Weiss 2012 gp drops

IgT

7 a=3/4
/

* Stable He-core burning
— Flash starts off center due to neutrino cooling




He flash

0.7

0.6

0.5

0.4

M (Mo)

L (Lo)

EN

| 1 I

1 M.

1" Subflashes when the

—————e e ] .
5 _burning moves from the

§®shell towards the center
* He-flash is highly
dynamic and not well
understood

* Detailed hydrody-
namical models
necessary

1 | | |

1.0 1.5 2.0 2.5

4
Age (Gyr) +1.2446x 10
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He flash
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Horizontal branch (EZ model for a 0.8 M, star)

N

log(L/L &)

-
1

375 3.70 3.65 3.60 3.55 3.50

log(Tes [KI])
Phase of stable He-core and H-shell burning

— Stars occupy a region of (about) constant luminosity: Horizontal branch




Horizontal branch (HB)

9 i/ Lo Horizontal Branch stars
2.2 * Different mass loss n on the
] RGB leads to different thick-
. ness of the hydrogen en-
207 velopes
| * Mass of the He-core is constant
i (~ 0.47 M)
18- * Diverse types of HB stars
- * The thinner the hydrogen enve-
14 | lope, the bluer the HB star
§ * Morphology of HB depends on
i metallicity and age
14 _...|...|...|...|...|...|...| * Luminosity during He burning is

43 42 41 40 39 38 3.7 3¢ determined by core mass, which

<« 1gT is similar for all low mass stars
Kippenhahn, Weigert & Weiss 2012 eff




Horizontal branch (HB)

Temperature (K)
30000 7000 4000 3000

Lo Redclump (RC) stars

Fri | oo * red, close to RGB
100 * low-mass stars in their stage of
0 central He-burning

* sizable convective envelopes
result from either a moderately
high metallicity or buffer of mass
above the H-burning shell

Luminosity (Lg)

—- 0.1

001 * young population
g * far more abundant than HB stars
T [0 (1/3 of all red giants )
R % ks  RC stars can be used as stan-
S 1 2 3 4 = dard candles

GBP N GRP
Gaia collaboration 2018, A&A 616, 10




Horizontal branch (HB)
IIIIlIiIII]IIi'l—lI‘l[.‘I—IIII_

13, — M s ..#  —Red Horizontal Branch
4 i e —|{(RHB) stars
5 = . HB R _| *Redward of the MS
6 | P-AGB :;4:“""”:'“‘.":"#"#?_; _| *(Sub-)giants
. 2 : ~-: : 7 = Spectral types K, G
= - - metal-poor, old popula-
e BS i 1 tion
9T 8 " ° " "IRRLyrstars
20. - W R : — .« (Sub-)giants
21, — M. e — * Spectral types F
2 - I |« metal-poor, old popula-
||||||||1.-1;'|.|P|'1|.|1|||J_|||||_ tion
~04 00 04 08 12 16 « pulsators
B —V

Renzini & Fusi Pecci 1988, ARA&A, 26, 199




Horizontal branch (HB)

1Blue Horizontal Branch

300 — ~
o m E(BHB) stars
T 2500 M 1 * Blueward of the MS
e Zooﬁ N\ 1 * (Sub-)dwarfs
o | ] * Spectral types A,B
~ 1sof] (HBA, HBB)
3 * chemically peculiar
[ 1— low helium content
< sof ] HBB > 11500 K
) O; | {— Light elements depleted,

4000 5000 6000 7000 8000 9000 heavy elements enriched

A (A :
) — Slow rotation
Xue et al. 2008, ApJ, 684, 1143




Extreme Horizontal branch (EHB)
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| Extreme Horizontal
|Branch (EHB) stars

* Subdwarfs

* Spectral types O, B
(sdO, sdB)

* Extremely thin hydrogen
envelopes, no H-shell
burning

* mass close to He-core

mass necessary for
He-burning (0.47 M..)




Extreme Horizontal branch (EHB)
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IHydrogen-rich sdBs

* very low to solar helium
content

* Light elements depleted,
heavy elements enriched

* High binary fraction

|Helium-rich sdO/Bs

* very high helium abun-
dance

* Enrichment in carbon
and/or nitrogen

 Single stars
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Extreme Horizontal branch (EHB)

0.5 T
P - He burning
H burning
04r Convection
03}
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Log T, (K) Time (pro

* mass-loss phase near tip of the RGB, moving away from the RGB before the
core ignites

* Resettling/contraction of the sdB progenitor

* He flashes

* time about 2 Myr

* He-core burning (~ 100 Myr)

* He-shell burning

* white dwarf cooling track
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* He-core burning from
the Zero Age Extreme
Horizontal branch (ZA-
EHB) to the Terminal
Age Extreme Horizontal
Branch (TAEHB)

* lifetime on the EHB
~ 100 Myr




Extreme Horizontal branch (EHB)
Model

Alternative formation

* Helium enriched
populations

* Due to previous
episodes of star
formation?

* Composition
changes luminos-
ity and temperature




Extreme Horizontal branch
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Heber 2016, PASP, 128, 966

(EHB)

?Alternative formation

 Late hot helium flash

* After RGB phase

* Mixing of processed
material (C,N)

* Dependent on evolution-
ary phase




Stable RLOF + CE channel
(massratio< 1.2 -1.5)

Stable RLOF
. P ":
WD MS
. ]
Wide binary

Unstable RLOF
- —’.

Common envelope

Short-period sdB binary

WD
e @

P, =0.1-10days
M 8= 0.40 - 0.49 Nb
Heber 2016, PASP, 128, 966

Extreme Horizontal branch (EHB)

b

CE-only channel

(massratio> 1.2 -1.5)

-
-’ ~
’,
AN l
“~
~ L4
- —-

Unstable RLOF

Common envelope

Short-period sdB binary

MS

P . =0.1-10days

M

sd

5 =0.40 - 0.49 M,

C

Stable RLOF channel
(massratio< 1.2 - 1.5)

Alternative formation
Stable RLOF neartipof RGB ~ ® Close binary evolution
= * Helium-burning core of
the red giant stripped by
binary interaction
* Binary sdB stars

sdB with MS/SG companion

¢ Wide binary .

P, =10 -500 days
MmB =0.30-0.45M,




Extreme Horizontal branch (EHB)




common_envelope_trim.mp4
Media File (video/mp4)


Extreme Horizontal branch (EHB)
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Extreme Horizontal branch (EHB)

Slow merger Fast merger Composite merger

Star*1

Star*2 .

Star* . Star*2
6 . . Alternative formation

* Close binary evolution

* Merger of two white
dwarfs of pure helium
composition

Centre helium burning Centre helium burning Centre helium burning * Single He-sdO/B stars

C C C

Heber 2016, PASP, 128, 966

Star*l Star*l

Hot corona Hot corona




Horizontal Branch (HB)

H - He

HB evolution (F-G)
* Stable He-burning in the convective
core and H-burning in a shell
 lifetime ~ 108 yr
* Core grows through shell burning
* C/O becomes enriched in the core




Low mass stars in the HRD (EZ model for a 1 M, star)
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—— Intermediate mass stars in the HRD (EZ model for a 5 M, star) ——
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Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

10 ! | I I | I I

1Mo | . AGB (G-H)
08 | e After central He is ex-
~ 06 hausted the CO core
2 contracts. He shell burn-
= 0 ing starts and the star
0.2 reaches the AGB
00 e Star has CO core, He
10° burning shell, H burn-
3 ig: ing shell and large H
T 10 envelope
T « Star can undergo ther-
(l,: mal pulses when the
N gz ashes of H burning shell
09 increase the mass of the

0.0
MESA

0 5 10 1.0 115 120 He burning shell

Age (Gyr)




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

H - He

* He-shell burning phase

 gradually adds mass to the grow-
ing CO core, which becomes

* AGB phase starts at the exhaustion of
helium in the center
* low-mass stars: AGB at similar luminosi-
ties but higher T than preceding RGB
phase, stars M > 2.5 M. at higher
luminosities than the RGB
early AGB phase
* CO core contracts
* two active burning (H,He) shells
— He-rich layers above core expand, outer
envelope starts contracting
* due to expansion of the He-rich zone,
the temperature in the H-shell decreases
and the H-burning shell is extinguished

degenerate due to its increasing — He-rich layer plus H-rich outer envelope

density

expanding in response to core contraction




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

6 [T RERREREEE ———r— Second dredge-up

i T 1 * expanding envelope cools, convec-

tive envelope penetrates deeper until it

reaches the composition discontinuity left

- by the extinct H-shell at K

5 e - ¢ For stars > 4 M. — Second dredge-up

\\ * lower-mass stars the H-burning shell

remains active at a low level, which
prevents the convective envelope from
penetrating deeper into the star

 material that is dredged up (0.2 — 1M,,):
hydrogen has been burned into helium,
12C and °O almost completely converted
into *N by CNO-cycle

0 P * much more dramatic effect than first

Pols 2007 > 106 107 108 dredge-up om RGB

log (L. / Lgyn)

m (Mgun)

|

— age (10° yr)



Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

* As the He-burning shell approaches the H-He discontinuity, its luminosity de-
creases as it runs out of fuel

* layers above contract, heating the extinguished H-burning shell until it is re-
ignited

— Helium shell source much hotter than H-burning limit

* neighbouring shell sources can influence each other

* each type of burning requires a separate range of temperature

* Enormous increase in H-burning, when He shell approaches a H-rich layer

* relative motion of H and He shell (X; mass concentration of reacting element)

My Ly gn Xd

Mhe  LHe Qhe Xhe
Nuclear burning in the He-shell concentrated towards the outer edge
— Thin layer of thickness / and mass Am

stationary

- -0 d d/ dr=ar rdr
| =r— n < R Am = 47Tf02/P " COnS#diﬂ 0 _,0 = —T dl’=d/ —77
1%




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

Shell expands as reaction to nuclear energy generation

— homology relation dP dr dP Idp
_ _4_ S
P P rp

General equation of state
dp dP drl [dp 5dT 1/r=0 dp drl

N SN R s bl
p aP 57_ @rp T — p 57_

expansion of a thin shell %p < 0 leads to an increase of the temperature # >0

* Higher temperature leads to higher nuclear enery production
* Runaway process: Thin shell instability of He-shell

Instability of the He-shell leads to thermal runaway until the shell has expanded
enough to stop it

* He-shell extinguishes and contracts
* He-shell reignites
* Thermal pulses (TP-AGB)




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

thermally pulsing AGB phase
* phase of double shell burning
* most of the time, the He-burning shell is
iInactive
T / * H-burning shell adds mass to the He-rich
/ region between the burning shells
* increases the pressure and temperature
at the bottom of this region
* mass of the intershell region reaches a
critical value — helium shell flash
* energy release by He-shell flash goes
o o000 . R iInto expansion of the intershell
05-1.0Mo 0.1-few Mo * phase of stable He- shell burning
O.OB?f)(?.O};@MQ * expansion and cooling of the intershell
region after the He-shell flash, H-burning

shell extinguishes

CS envelope

H burning
He burning

deg. core

Pols 2007




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

thermally pulsing AGB phase

convective envelope

dredge—up HBB

/

13¢ pocket

S Process

- (874 \
intershell .
region ‘ /

“[He shell flash

mass

degenerate core

time >



Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

Third dredge-up

* Expansion and cooling of the intershell region lead to a deeper penetration of
the outer convective envelope beyond the now extinct H-burning shell
* material from the intershell region is mixed into the outer envelope
— third dredge-up
* He, and He-burning products ('C) can appear at the surface
— leads to important nucleosynthesis of '2C, *N and elements heavier than
iron
— makes the stellar envelope and atmosphere more carbon-rich
* H-burning shell is reignited — stable H-shell burning
* mass of the intershell region grows until the next thermal pulse occurs
* interpulse period depends on the core mass, lasting between 50, 000 yrs (for
low-mass AGB stars with CO cores of ~ 0.5M, ) to < 1000 yrs for the most
massive AGB stars.




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

or N\/VMWM 7
U e
o e Km”mwmf Abundance changes on the AGB
i — ‘ e T . .
6 MNW W’ka e - = appearance of helium-burning products
L | i e 4 .
MW /\;;”‘/\M e " atthe surface — '2C abundance in-

i
4 /1 '\NNW %ﬁ M* .
WN M M W:f e creases after every dredge-up episode
- i i R _
M

2 /vm nfl w"“”ﬂ .. *low temperatures in the stellar atmo-
fw/x// ﬂ\l Wvgo\ . M’ HOMM%M .
1 40 = o = ™. sphere Cand O atoms bound into CO
\

0 M““JJTOWO ]

L 15( 4 «if C/O < 1: oxygen rich AGB stars
1 (TiO, Ho,0)

[ WM « after repeated dredge-ups C/O > 1:

MMW C forms carbon-rich molecules e.g.
m (WMWWW %i

' M/ W C», CN: carbon stars

W%mw » Formation of dust
x WMWWWM » chemically peculiar; e.g. '°F and **Tc

M Red (super-)giants: Luminosity class llI-I

J 1 L 1 Il J 1 1 1 1 ‘ 1 L 1 L J 1 1 1 1 ‘
0.5 1 1.5 2 2.5
Wavelength (um)

Lancon et al. 2002, A&A 393, 167
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Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

Nucleosynthesis on the AGB
* enriched in elements heavier than iron, such as Zr, Y, Sr, Tc, Ba, La and Pb

— Trans-iron elements are produced via the s-process

* source of free neutrons produced in He-burning in the He-rich intershell re-
gion: °C(a, n)'°0, *Ne(«, n)*°>Mg (He-flash in massive AGB stars)

* 22Ne abundant in the intershell region, because '*N left by the CNO-cycle
converted to 22Ne by He-burning: "*N(c, v) "®F(8%)'®0(a, v)**Ne

« main neutron source in low-mass stars: °C(a, n)'°0O:
thin shell or 'pocket’ of 1°C formed by partial mixing of protons and '2C at in-
terface between the H-rich envelope and the C-rich intershell region, reacts
with He when T > 108K

* s-enriched pocket is ingested into the intershell convection zone during the
next pulse, and mixed throughout the intershell region, together with carbon
produced by He burning

* carbon and s-process material from the intershell region is subsequently
mixed to the surface in the next dredge-up phase




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars
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Stancliffe et al. 2004, MNRAS 352, 984
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* Change in surface luminosity dependent on the stellar mass

* If the shells reach close to the surface, jumps in the HRD on short timescales
(~ 10% yr) are possible

* Luminosity depends on the core mass

L . [ M




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars
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AGB-evolution depends also on the mass

' 7of the H-shell after the HB phase and the

metallicity

» sdO/B stars do not reach the AGB
phase

* AGB-manque (failed AGB)

* After He-shell burning they cool
down to become low-mass C/O WDs

s (~0.3-047M.)

 Stars without He-core burning evolve
to become low-mass or extremely low-
mass (ELM) He WDs (~ 0.1 — 0.4 M,,)

Dorman et al. 1993, ApJ, 419, 596



Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

L ’
ESA/NASA & R. Sahai, ALMA, Hyosun Kim, et al.

AGB stars
e Strong mass loss

(1077—10"* M, /yr)
driven by Mira pul-
sations and radiation
pressure on dust
particles formed in
the cool atmosphere

— superwinds

Red (super-)giants:

Luminosity class IlI-I




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars

1.4

1.2

Catalan et al. 2008, MNRAS, 387, 1693

I I 1 I 1 l |

Dominguez et al. (1999)
Z2=0.008

- -- 2=0.011

—— 7=0.02

\ e

K08
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Praesepe

@ m D> rOo|e x

Hyades
NGC3532
M35
NGC2516
Sirius
Pleiades
CPMPs

2.0 4.0

M. (M)

AGB stars
* Strong mass loss

(107"—=10"* M, /yr)
driven by Mira pul-
sations and radiation
pressure on dust
particles formed in
the cool atmosphere

— superwinds




Evolution on the Asymptotic Giant Branch — Low/intermediate mass stars
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Evolution beyond the Asymptotic Giant Branch

4.5 | . | | | | | |
T = R —— post-AGB evolution
35F 4« During the last
_ 3t 1 pulses most of the
P stellar envelope is
S 25} _
o expelled
- 2f * Core is exposed
1.5 4 and star heats
1L | up extremely
05 (TeffN105K)

‘54 52 5 48 46 44 42 4 38
Herwig et al. 2001, Ap&SS, 275, 15




Evolution beyond the Asymptotic Giant Branch
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Evolution beyond the Asymptotic Giant Branch

4.5 | | | . | | | |
4 L
a5 L post-AGB evolution
* leff > 3 X 104 K
S 31  Circumstellar matter
S 25 becomes ionized
g o | * planetary nebula
e Central stars of
1.5 -
planetary nebula
Tr (CSPN)
0.5

‘54 52 5 48 46 44 42 4 38
Herwig et al. 2001, Ap&SS, 275, 15




Evolution beyond the Asymptotic Giant Branch

106518 1041

Sl MWWMM\/\M |post-AGB evolution
= | |+ CSPN spectra domi-

3500 4000 4500 5000 5500 6000 6500 7000 7500 8000 8500 9000

Wavelenath (Angstroms) nated by nebular emis-

107027 —7934

o - | - T —1  sionlines
ool M‘JJJM MJLLU | e Stellar wind and emis-
] s il | sion features

B WMW .

* H-rich types have spec-
A *“AJM\W tral type B and O
* He-rich classes similar to

Wavelength (Angstroms)
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- l | | | | | | | 1 massive WR-stars
! » Spectral classes:
! \ | [WNLWCLWO]
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Suarez et al. 2006, A&A, 458, 173



Evolution beyond the Asymptotic Giant Branch
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Evolution beyond the Asymptotic Giant Branch

+

gPlanetary nebula

| ° Different shapes
— Binary evolution

e Lifetime ~ 10% yr

I; 4 light yea_ré —I o

ESA/Hubble & NASA, ESO, Ivan Bojicic, David Frew, Quentin Parker




Evolution beyond the Asymptotic Giant Branch

+2 | | | | | | | ' |post-AGB evolution
r = e e« Thermal pulses can
35 L 4 still happen at later
3l | stages
3 * Late thermal pulse
S 25}
> (LTP)
- 2 1 ¢ Very late thermal
15 k 1 pulse (VLTP)
. L | * Very short loops
back to the red
0'55_4 giant phase
~ 10" —10%yr

Herwig et al. 2001, Ap&SS, 275, 15

» Several objects known! (e.g. V4334 Sg, FG Sge)
"born-again” objects

e Stellar evolution can
be seen in real-time




Evolution beyond the Asymptotic Giant Branch

Reindl et al. 2017, MNRAS, 464, 51; Youtube




Evolution of SAO 244567.mp4
Media File (video/mp4)


Evolution beyond the Asymptotic Giant Branch

post-AGB evolution
4.5 | | | | | | | | * Finally, the core

cools down and be-
comes a C/O white
35 1 dwarf (WD)

c 3T 71 * Depending on the
jm o5 | | details of evolution,
3 5| | the surface can be

H- or He-rich
1.5 | * Intermediate mass
1F 4 (Super-)AGB stars
0.5 \ (8 — 10Mg) might
54 52 5 48 46 44 42 4 38 A :
10g Tegt |gn|te_C/O burning
Herwig et al. 2001, Ap&SS, 275, 15  Massive Ne/O WDs

(~ 1.4 M)




Late massive core evolution

Massive stars with M 2> 10 M
ignite successively burning of
heavier elements

Core described by onion-skin
model
* Each shell represents a
nuclear burning stage that
was originally located at the
center of the star
* After depletion of the central
fuel, the burning continued
as shell burning in adjacent,
heated layers and gradually
moved outwards

160, Mg, ?®Si

e 98- 324 \\\
/ “°Si,°°S AN

Nsilicon burning,”
oxygen burning

neon sﬁéﬁ%urning

carbon shell-burning

helium shell-burning

hydrogen shell-burning

non-burning hydrogen envelope




Late massive core evolution

Core described by onion-skin
model

Nuclear burning

}

Exhaustion of fuel

!

Core contraction

|

Core heating

|

Nuclear burning

l(i()jZ'l]\IgP?%Si
e s %\
/ \

\ |
\
\ //

silicon burning

OXY gbﬂ?ﬁrnin g
neon shell-burning
carbon shell-burning
helium shell-burning

hydrogen shell-burning

non-burning hydrogen envelope




Late massive core evolution

Due to the strongly declining energy released per nucleon

— Burning stages become shorter and shorter

Example M = 40 M...:

H-burning:  5x10° yr

He-burning: 4x10° yr

C-burning: 200 yr

O-burning: 60d

Ne-burning: 50 d

Si-burning: 13 h

Burning episodes stop in the iron core — No energy released




. . 0-148
Late massive core evolution

nonburning hydrogen

hydrogen fusion Real evolution quite compli-
relimisen - cated and uncertain

* L evel of degeneracy

» Shell interactions

e Neutrino losses L, ~ 10 L
T Final evolution not visible in the
inert iron core H R D

carbon fusion
oxygen fusion

neon fusion

magnesium fusion

Copyright & 2004 Pearson Educetion, publishing as Addison Weslay,

Late massive core evolution 4



Final stages of stellar evolution

For stars with masses of less than < 8 — 10 M, (97% of all stars) mass is lost in
the post-AGB phase and the core grows until shell-burning stops completely

— core cools, contracts and becomes fully degenerate
Objects in this final stage of stellar evolution are called White Dwarfs (WD)

From polytropic models for the non-relativistic fully degenerate electron gas fol-
lows the mass-radius relation

R ~ M—1/3

— The higher the mass, the smaller the radius

At high densities, the equation of state changes and for the extreme relativistic
degenerate electron gas follows the maximum Chandrasekhar mass

. 2\ ?
MCh == 5 8;36 M@ == () X 1 459 M@
He He




Final stages of stellar evolution

<«—— COllapse

(Pr. > Gr.)
Kippenhahn, Weigert & Weiss 2012
0c/ Ihe oM jeR
(gem™) (Mp) (km)
o0 5.84 0
9.48 x 108 5.60 4.170
3.31 x 10% 5.41 5.500
7.98 x 107 4.95 7.760
2.59 x 107 4.40 10.000
7.70 x 10° 3.60 13.000
3.43 x 108 2.99 16.000
9.63 x 10° 2.04 19.500
1.21 x 10° 0.89 28.200

- 0 0 o0

Realistic WD models have to be calculated
numerically

— Chandrasekhars theory

no longer polytrop, electrons fully degener-
ate, but degree of relativity x = pg/mgC

P = Cif(X), p = Cox®; X = pe/MeC

Mass-radius relation depends on the chem-
ical composition and the importance of
relativistic effects

For low temperatures, crystallization due
to electrostatic interactions sets in and
changes the mechanical and chemical
structure (phase separation)




0.02

0.01

Final stages of stellar evolution

* Mass-radius relations for
different compositions
 Solid lines include Coulomb
interactions and phase tran-
sitions
If the radius is known, the mass
of a WD can be calculated
e Radii are of the order of the
radius of Earth

RWD ~ 0.01 R@

e densities are

PWD ~ 106,0@




neutrino emission

Final stages of stellar evolution

crystallization
e

_2 - Heo
—6 I I I I 1 I I )
2 4 6
Ig Age (yr)

Kippenhahn, Weigert & Weiss 2012

After a short phase of H-shell
burning WDs are cooling

Cooling time 7
4.7 x 107 (M/M.\>""
TR yr
A L/L.

Typically 7 = 10° yr
— Long evolutionary stage

Cooling mechanisms

* Neutrino emission

* Gravothermal energy
Core crystallization releases a
considerable amount of latent
heat and delays the cooling by
about one billion years




Final stages of stellar evolution

Gaia reveals crystallization for the first time!
10

-~ Median uncertainties (10)

11

—h
N
T T 1. 71 7

—h
(6)
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16

171

-0.5 0.0 0.5 1.0 1.5
—=Tremblay et al. 2019, Nature, 565, 202 GBP - GRP (mag)




Final stages of stellar evolution

Gaia reveals crystallization for the first time!

(0.9-1.1)M,

Luminosity function of

WDs

— Can be used to
measure the age of

| stellar populations

* — Single-star evolution

cannot have formed

WDs with masses

< 0.5M because

T > IHubble

log[@ (M}, pcd)]

10 15 20 25 30 35 440 25 50
Tremblay et al. 2019, Nature, 565, 202




Final stages of stellar evolution

2 GAIA'S HERTZSPRUNG-RUSSELL DIAGRAM
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WDs form a well separated sequence in
10

the observed HRD
1~ — Luminosities depend on age, but
are in general much smaller than for

PRSI
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Main sequence

Gaia G absolute magnitude
Luminosity (L)

> other stars (~ 1074 L)

0 4 2 3 4 5

¢— bluer Gaia BP-RP colour redder —3

Gaia collaboration 2018, A&A, 616, 10



White dwarf structure

nearly pure nearly pure nearly pure exposed core of

hydrogen surface A5 neutral helium surface ionized helium surface carbon and oxygen
elium

.

carbon and
oxygen core

Spectral types of White Dwarfs » X: unclassifiable, peculiar spectrum
* DA: H lines present; subtype DAB * P: magnetic WD with detectable
* DB: He | lines; subtype DBA polarization
* DC: continuous spectrum, no lines * H: magnetic WD without polarization
* DO: He Il lines; subtype DAO, DOA < E: emission lines present
* DZ: Metal lines * V: variable WD

* DQ: Carbon lines e ?: uncertain classification
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White dwarf structure
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WDs of diverse compositions
cool down and change their

| spectral types

* DA — cooler DA
* PG1159 — DO — DB —
DC — DQ
Final stage: Black dwarf
* Not observed
* Universe is too young!




White dwarf structure

100

T, ‘ |
150,000K Merger

80 episodes
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z . floatlngl
=
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20,000K
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thin H

0 ' | | | | | envelope C dredge up
100,000 65,000 40,000 28,000 15,000 10,000 6,000 DQ ?
temperature (kelvins, log scale) DAB '

Structure of WDs depends on earlier phases of stellar evolutlon

* Mass-loss or mixing processes due to late thermal pulses remove H-rich
and/or He-rich layers




White dwarf structure
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White dwarf structure
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White dwarf structure
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White dwarf structure
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White dwarf structure
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Seeing with sounds

* observations of the atmosphere by
spectra

* how can we look into the interior?

* sound wave is a pressure wave:

c=+Tip/p _

[ 1 adiabatic coefficient s 1 L
* ideal gas:

p=pksT/pumy

@ mean molecular weight, m, atomic
mass unit
* sound speed depends on pressure, E
0

density, temperature and composi-
tion of the gas
 sounds tell us internal structure

NOTE: "C" stands for compression and "E* stands for rarefachion




1-D oscillations

* everything has natural frequencies of o
pulsation J

* obvious mode for a gas sphere (a
star). star remains spherical and
simply changes its volume (radial
pulsations)

* pulsations in stars analogue to an
open-at-one-end organ pipe

* A node (no movement) at the centre
of the star, an antinode (maximum
movement) at the surface

* radial pulsations can be fundamen-
tal, first overtone, second overtone,
etc. all of these modes of variation
can be excited at the same time




3-D oscillations

Stars are 3D, so natural oscillations have nodes in all 3 orthogonal directions

* spherical symmetric described by r, 8, ¢

* nodes are concentric shells at constant r, cones of
constant ¢ and planes of constant ¢

* solutions to equation of motion have displacements

in(r,0, o)

4 "
Contraction Expansion
—

fr(r, (95 ¢! t) = a(r) \//m(e, ¢) eXp(—I27TVt) (9.3)“""“““ <

Eo(r, 0,0, t) = b(r)ay’n;f’ ?) exp(—i2nvt) (9.4)
b(r) 0Y™(#, .
Ea(r, 0, ¢, t) = sig)@ /5(05 %) exp(—i2nvt) (9.5)

amplitudes a(r), b(r), oscillation frequency v

Convective core

Zima 1999




Spherical harmonics

Solution to Laplace’s equation: V2T(r,0,¢) =0, T(r, 0, ¢) = R(r)O(6)d(¢)
Laplacian in spherical coordinates

10 0
2 10 (50
Vo= 12y (r 8r) *

L (sin@a> AL s
r2 sin® 9 00 00)  r2sin®90¢?
form=0,1,2,3,....

exp(imo)
bl = { exp(—imo)

Legendre polynomials

R(r)

O(f) = P"(x = cosf) =
[=0,1,2,3,...andm=—[,—+1,...,[—1,]

T(r,0,0) = {

rl
11

rl
=\ ol

1

/2 d/+m

ﬁu — x?) dx’+m(X2 — 1)
m exp(ime)
Prieosi) { oo i

(9.6)

(9.7)

(9.8)




Spherical harmonics

spherical harmonics Y/"(0¢)

21+ 1) ([ — m)!
Y,m<e,¢>=<—1>m\/ o Preos0)e™ (010
T(r,0,¢) = Z Z aimt’ + bt~ Y[(0, ) (9.11)
=0 m=—1

Modes specified by three quantum numbers:

n overtone: Number of radial nodes

| degree: number of surface nodes present
— | = O radial mode, / = 1 dipole, ..

m azimuthal order: |m| How many of the surface nodes are lines of longitude
— mranges from —/to /.
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http://www.physics.usyd.edu.au/
“bedding/animations/visual.html

3-D oscillations

=1, m=0/l=1,m=11

2, m

1/

2, m

2

nice program to simulate a pulsating star: http://userpages.irap.omp.eu/ scharpinet/

glpulse3dd/




AF-Cyg.mp4
Media File (video/mp4)


l1m0.mp4
Media File (video/mp4)


l3m0.mp4
Media File (video/mp4)


l1m1.mp4
Media File (video/mp4)


l3m1.mp4
Media File (video/mp4)


l2m1.mp4
Media File (video/mp4)


l3m2.mp4
Media File (video/mp4)


l2m2.mp4
Media File (video/mp4)


l3m3.mp4
Media File (video/mp4)

http://www.physics.usyd.edu.au/~bedding/animations/visual.html
http://www.physics.usyd.edu.au/~bedding/animations/visual.html
http://userpages.irap.omp.eu/~scharpinet/glpulse3d/
http://userpages.irap.omp.eu/~scharpinet/glpulse3d/

3-D oscillations

representation of high order (n) and high degree (I) non-radial mode. The differ-
ent colours represent the surface rising/falling — alternatively cooling/heating.




Lightcurves of pulsating stars
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Jeffery & Ramsay 2014

* Light curve is the variation of the integrated light over the stellar surface over
time

* Fourier transformation gives you the oscillation frequencies of the underlying
pulsations

* Radial velocity variations can also be used to measure pulsations




Driving mechanism of pulsations

x (m)
1
* During each pulsation cycle, energy
is lost — Damping
* To maintain pulsations for a long
time, a driving mechanism is needed
* Radial layer, which gains heat during  ©°
the compression part of the pulsation
cycle drives the pulsations
— Heat-engine mechanism

0.5

-0.5 -




Kk mechnism

* according to Kramer’s Law:
— K ~ 4
* lonized matter contains free elec-
trons and — at the temperatures in-
side a star — electron scattering and
free-free absorption will dominate the
opacity k
* in partial ionized layers energy re-
leased during a layer’s compression
can be used for further ionisation,
instead of temperature increase of
the gas
opacity ~ builds up in ionization layer (H, He, Fe)
* radiation is blocked
* gas heats

* pressure increases




Kk mechnism

Stars expand
* recombination lowers opacity
* radiation flows
* gas cools, pressure drops




Kk mechnism

star contracts
* jonization increases opacity again
* next pulsation cycle begins

— increased ability of layers to par-
ticipate in kK mechanism to gain heat
during compression (adiabatic coeffi-
cient) is called v mechanism

— ~ and ymechanism work together

Oscillations can only be excited when a suitable combination of stellar luminos-
ity, temperature, and chemical composition occurs. For this reason, non-radial
oscillations are excited in so-called instability strips in the Hertzsprung-Russell
diagram




€ mechanism

* energy generation rate € in the stellar
core

* energy generation is dependent on
high powers of the temperature, it
might be supposed that small vari-
ations, even statistical fluctuations,
could lead to variations in energy
generation rates which might be
self-sustaining

* e.g., He-shell sub-flashes, fluctua-
tions in nuclear burning rate

* proposed for fully-convective stars —
such as the coolest M dwarfs — and
in the most massive stars — perhaps
with M > 60 M,

* not observationally confirmed




Stochastic oscillations

Outer convection zone can drive oscilla-
tions
* very small variations (typically at the
micromagnitude level rather than the
> millimag level which is usually all
we can observe in stars) are main-
tained by stochastic noise generated
by convection near the surface
* observed in the sun and red-giants
* lifetimes of the order of days to
weeks
* stochastically excited modes




Types of pulsations

two main sets
of solutions of
the equation
of motion
p-mode:
pressure is
restoring
force
acoustic
waves
g-mode:
buoyancy

IS restoring
force

gas motion
EEe— primarily

0 1 10 100 1000

! horizontal

Kurtz 2006 Cunha et al. 2007

1000

v (uHz)

1007




Equations of stellar oscillations

I(1+1)c2
r2

characteristic acoustic frequency Sy with S? =
L2c?

7 = kﬁCZ, cc=Tip/p
oscillation equations for nonradial, adiabatic oscillations

2
zgr,=_<2+1cm>§r+1 <S )p+/(/+1)¢,

r Tipdr pc2 \ w? 2re
(9.12)
W el o 00 (T 10
W_p( N)€r+r1pdrp g V=9 [ipdr pdr
(9.13)

with N the buoyancy frequency
1 de’ (] + 1
_g r2_ — 47TG pngZ ( + )(D/
redr dr 02 g re
(9.14)
fourth-order system of ordinary differential equations for
the four dependent variables &, p/, " and d®’/dr




Asymptotic equation of stellar oscillations

Cowling Approximation:

Eulerian perturbation of the gravitational potential is
neglected: ¢’ = 0, valid when density small or / is large
or radial mode |n| is large

dé, 2 1 ’ 1 /&2
LA e + L_1)p (9.15) ™~ ]
dl’ <r I_1 P gr pCZ wz p ( ) R o RN 20p \
dp’ 2 1 dinp i TN,
= _N2 __H—1 /, H—1 — 916 E 500

H,, is the pressure scale height For oscillations of high :

radial order this simplifies to e

r/R

26, o2 N2\ [ S?
zri _w (1 _) (/_ 1) &= —Ks(r)ér

c° w? ) \w?

9.17
¢, oscillates if Ks > 0 ( )
o1) |w| > |N| and |w| > S;: p mode
02) |w| < [N|and |w| < S;: g mode
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* Kelvin-Helmholtz (thermal) time
GM? (¢, T)M

-~ RL — L

time a star can shine with gravity as

only energy source

Power

(9.18)

Stellar timescales

* longest timescale: nuclear time scale

eqgMc?

Thuc = [

(9.19)

time a star can shine with nuclear
fusion as energy source

* shortest timescale: dynamical time
scale

BB
‘n=Vam \ Gs

time the star needs to return to
hydrostatic equilibrium after distur-
bance by dynamical process

(9.20)




Pulsation periods

radial oscillations as standing acoustic waves: characteristic period

R dr R
[1=2 — ~ — 9.21
/o cn "~ 1o 5-21)

mean sound speed (C) = \/I1p/p mean density and pressure given by hydro-

static equilibrium
M GM?
P=-p3 P="m
so we can calculate the characteristic period of radial oscillations

371 RS 1/2
= \/ 2M1Glp) (GM) = fon 029

Pulsation periods and ampliudes depend on equilibrium stellar structure
(p, P, 1, g, composition as functions of r) — Frequency of pulsation mode at
the surface depends on the sound travel time along its ray path

(9.22)

= probing the structure of stars: Asteroseismology




Asteroseismology

Rotation:

Period and inclination

Stellar activity

Kjeldsen et al. 2009, IAU Symp. 253, 309




Pulsation modes
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Limitation — High order modes cancel in integrated light




Pulsating stars
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o 9-187
Solar oscillations
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Periodogram of the sun observed by GOLF/SOHO
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Periodogram of the sun observed by GOLF/SOHO
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0 dr r




Solar-like pulsators
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Mira variables

10/8/21, 10:16 PM Static Light Curve

7 he )
A 9 12,843 Observations @ mira 2008/10/26 to 2021/10/07 Ow i é 2 C‘) cﬂv 000

* have periods from 80
to 1000 h d with visual
amplitudes > 2.5 mag

* giant stars with effective
temperature near 3000 K
near the tip of the AGB

2455000 2455500 2456000 2456500 2457000 2457500 2458000 2458500

https://www.aavso.org/LCGv2/static.htm?DateFormat=Julian&R =&Grid=tru i i.delimé&i jd=2454766&10jd=2459496.341&delimiter=-@ @@ 11

— cool giant stars with very large radii powered by fusion from a hydrogen and a
helium burning-shell

— very low average density, significant mass loss

— less massive then on the main sequence




RR Lyrae
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Catelan et al. 2013

Phase

* RR Lyrae stars are low-mass (~

0.6 —

0.8 M.,) horizontal branch stars

falling within the instability strip

* periods between 0.2 and 1.0 d

e amplitudes Am ~ 0.2 — 2 mag

* three classes: a (largest ampli-
tude, steepest rise to maximum),
b (smaller amplitude and longer
periods), ¢ (shorter periods, lower
amplitudes, more symmetric)

* found in the instability strip near
absolute magnitude of +0.6 mag

* temperatures between 6000 and
7250 K

* only found in populations older than
10 Gy

* amplitude of the light curves in-
crease from the infrared to the
uv




RR Lyrae as standard candles

* measuring distances to systems
containing old stellar populations

* located on horizontal branch
— horizontal in V

* in other filters period-luminosity
relation (Infrared)

e radial pulsations on dynamical
timescales — P,/p = const

|+ absolute magnitude also depends

| onmetallicity (My) = a+ b [Fe/H]

‘ * zero-point calibration for using
period-luminosity relation in the
Infrared

Absolute Magnitude

Ngeow et al. 2013
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Classical Cepheids

* evolved, radially pulsating stars in the instabil-
ity strip, more luminous than RR Lyrae

» classical Cepheids (0 Cepheids or type |
Cepheids): from F-type (M, = —2) to G or K
type (My = —6)

* pulsation periods mostly from 1 to 100 d

* pulsation excited by xk and v mechanism

* more massive than sun, have evolved from
2 — 20 Mg main-sequence stars, many from
4 — 9 M, stars

* cross instability strip on the way to the RGB
and on the blue loop during He burning

« young stars from 107 the brightest to 108
years the faintest

 found in regions of recent star formation, in
the Milky Way in the disk




Classical Cepheids
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Relation between L and P expected
M

Moo = —510g(R) — 10log( Tes) + const, P+/{p) = const, (p) = 17370

= log(P) + 0.5log(M) + 0.3Myo + 3 10g( Ter) = const
Mass-luminosity relation (compare MS stars): My, = —8 log(M) + const

log(P) = —0.24 My, — 3log( Tef) + const

= My =alogP + 5(B— V) +7
My =—(2.77 £ 0.08)(log P — 1) — (4.08 + 0.04)




Type |l Cepheids

* Hubble used Cepheids to

i i I 3 ! measure distances to nearby
BE RE Galaxies
-2+ W AGE — * Cepheid with emission lines
found — different type with
ol / BL e-RedGiant | jitferent luminosity
[7////1 * old, evolved stars of low mass
_— 6’ RR | (~05-06M)
Horizontal <— Subgiants * found in globular clusters, halo,
Branch bulge, old disk populations,
e 1 Magellanic clouds, some Local
Main Group galaxies
+6 - Sequence = e rarer than RR Lyrae
* luminosities larger than hor-
+8 ' ! ! = . izontal branch, smaller than
o0 o4 0-8 1-2 18 Classical Cepheids
=—=Neilson & Percy 2016 ‘B'V)O

* shell-burning



Type |l Cepheids

Maas et al. et al. 2007

* BL Her stars: blue HB star moves
quite fast from HB to AGB crossing
instability strip, increasing periods

* W Vir stars: He-shell flashes on AGB
— more common in more metal-
rich clusters, low envelope masses,
period decrease or increase

 even bluer, lower-mass HB stars with
masses as small as 0.52 M, cross
the instability strip several times
moving to the AGB

* metal-rich HB stars are found on the
red HB never crossing the instability
strip, few solar-metallicity Type Il
Cepheids had large mass-loss on
the RGB




—Pulsating stars close to the lower main sequence in the HRD ——
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type P(d) Ay(mag) modes Z

0 Scuti 0.008-0.42 0.001-1.7 R+NR(p, low order) ~ solar
SX Phoenicis| 0.01-0.4 0.002-1  R+NR(p, low order) < to < solar
~ Doradus 0.3-3 <0.1 NR (9) ~ solar
roAp 0.002-0.016 <0.012 NR (p, high-order) ~ solar, but peculiar




Pulsating stars close to the upper main sequence in the HRD ——
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[ Cephei
Slowly Pulsating B stars (SPB)

0.1-0.6 0.01-0.32 NR(p)
0.4-6 <0.03 NR(g)




Pulsating Supergiant Stars
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Hot Subdwarf Pulsators
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Hot Subdwarf Pulsators
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Pulsating White Dwarfs and Pre-White Dwarfs

- PULSATING WHITE DWARFS
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Properties of pulsating White Dwarfs

type P(min) Ay(mag) Tett(KK) Modes driving zone
GW Vir 5-101 0.01-0.15 80-170 NR(g) Cv-vi, OVII-VIII
Hot DAV | 2.7-11.8 0.0010-0.0014 29.9-32.6 NR(g) 1+ gradient
DBV 2-18 0.001-0.3 22.4-29.2 NR(g) Hel-Ii
DQV 2.7-18 0.004-0.016 19.8-21.7 NR(g) Clli-vi, Hell
DAV 1.6-23.9 0.01-0.3 10.4-12.9 NR(g) Hi
pre-ELMV 5-83 0.001-0.05 8-13  R+NR(p,mixed) Hel-II
ELM-DAV | 19.4-103.9 0.0015-0.041 7.80-9.9 NR(g,p?) Hi
GW Lib | 3.5-21.5 0.007-0.07 10.5-16 NR(g) Hi,Hel-II




ZZ Ceti (DAV) Stars
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Final stages of stellar evolution

Core-collapse supernova: rapid collapse and violent explosion of a massive star




Final stages of stellar evolution
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chemical composition of interior of 25 M, star




Janka et al. 2012

Final stages of stellar evolution

Onion-shell structure of pre-collapse star

H

He
_C

NN

Fe

(layers not drawn to scale)

For stars with masses of
more than > 8 — 10 M,
(3% of all stars)

Iron core develops, which
does not have fusion in the
core anymore




Final stages of stellar evolution

Core contracts and heats up
Gravitational instability T ~ 100K
of stellar core

— photo-disintegration:
°Fe + v — 13*He + 4n

~+*He — 2p +2n

— Electron captures by heavy
nuclei reduce pressure

p+e_Hn+Ve

Neutronisation
Janka et al. 2012 — Core collapse (74 ~ MS)

— inert core exceeds the Chandrasekhar limit of about 1.4 M, electron degen-
eracy is no longer sufficient to counter the gravitational compression




Proto-n

Janka et al. 2012

Final stages of stellar evolution

9-210

Collapse stops as soon

as the core reaches

p~ 10" gem—3:

density of atomic nuclei

— Neutron gas becomes
degenerate

— Degeneracy pressure
stabilizes the core

Collapsing material re-

flected back

— Shock wave moves
outward

Final stages of stellar evolution



9-211

Final stages of stellar evolution

Energy released during the
final collapse
 Core radius be-
fore the collapse:
~ RWD ~ 104 km
 Core radius after the
collapse: R, ~ 10 km

1 1
S 2 —
E ~GM; ( = RWD)
GM?

Rn

S
wa

Y
Y

Proto-n ~ 3 x 10 erg

Janka et al. 2012

Final stages of stellar evolution 6



Sheeksrevival

(,

Proto-neutron star
Janka et al. 2012

Final stages of stellar evolution

9-212

Energy needed to unbind the
envelope M

= =/ Gn;dm

Star explodes, ultracompact
remnant remains?

However, most of this energy
cannot be transformed to kinetic
energy
— Photodisintegration of in-
falling iron
— Neutrino emission
~ 103 erg
No explosion possible?

Final stages of stellar evolution



Final stages of stellar evolution

Explosion

Neutrinos behave differently
under the extreme conditions in
the core

Energy of the order of the rel-
ativistic Fermi energy of the
electrons

Shock 5 => E, N Er

wave Me c2 ™~ Me c2

Proto-neutron star
Janka et al. 2012

1/3 1/3 1/3
Er — = PF _ 3 h P ~ 102 P
MeC? MeC 8mrm, MeC \ Le Le

Neutrinos can react with heavy nuclei by scattering and transfer kinetic energy
v+ (Z,A) — (Z,A)+v




Final stages of stellar evolution

How often does that happen? Is the mean free path /, in collapsing core small

enough? E \?2
Uyz1045( / ) A? [cm?]

Mg C?

1/3
E,102(2)"
MeC? e

2/3
7, ~10749 A2 (;) [cm?]
e

Number density of nuclei n = p/Am,

1 s 1 ()
|, ~ =1.7 x 10 cm
no, peA <Me> fom]

For A=100, e =2 and p = 10 — 10" gcm—3

[, ~1—10%cm

Mean free path smaller than core size!




Neutrino-
driven “wind”

Final stages of stellar evolution

Explosion and
nucleosynthesis

Neutrinos shock front trans-
fers kinetic energy and
helps to unbind the enve-
lope

Only 1% of the total en-
ergy is kinetic energy
~ 101 erg

Hydrodynamical simula-
tions are needed to study
this in detail




Final stages of stellar evolution

SXS collaboration 2012, Youtube




3D_SN.mp4
Media File (video/mp4)


Core-collapse supernova
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V magnitude

15

20

Light curves of core-collapse supernovae
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recombination wave ]

radioactive tail (**Co)

dust formation

— di freeze out’ phase - —
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ejecta emission |
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0 1000 2000 3000 4000
days since outburst

Leibundgut & Suntze

* brightness of the shock break
out determined by the temper-
ature in shock and size of the
progenitor star (peak few h to
couple of d)

* rapid, initial cooling

* large progenitors: plateau

* small stars: decline, before light
curve brightens to plateau

* balance between receding pho-
tosphere in the expanding ejecta

* heating by radioactive decay

* masses of Ni

* 'freeze-out’ from material which
was ionized and recombines




Classification of supernovae

SUPERNOVAE

T e

noH lines H lines
la lipec
Si K uliar
[51 1 A=9B1 A} Ib Ic II-P (19874, IIL, IV, V)
He lines no Ha lines plataue
e 1, i BETGA] H recombination
lin
narrow emission lines
{1} interacBon with CSM
low H
e —  STRIPPED-ENVELGPE
Population |l Population |
THERMONUCLEAR CORE-COLLAPSE
EXPLOSION SUPERNOVAE




Absolute magnitude (visual)

Types of light curves of supernovae

—Typela —Typelb ~— Type lc —Type llb ~— Type lI-L =—Type II-P Type lIn

0 10 20 30 40 50 50 70 80 80 100 110 120

Days since peak luminosity




Final stages of stellar evolution

nasa Collapsar model

For very massive stars
(> 30 M) core col-
lapses into a fast-
rotating black hole and
infalling matter assem-
bles in an accretion disk
around it.

Part of the binding or
rotation energy might
be ejected in collimated
outflows (jets = beams
of ionised matter ac-
celerated close to the
speed of light).




collapsar.mpg
Media File (video/mpeg)


Final stages of stellar evolution
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Final stages of stellar evolution

M87

Andrew A. Chael, Youtube EHT

As a spinning BH pulls in matter, it creates a rotating "accretion disc" of charged

particles. The motion generates twisted magnetic fields that accelerate particles
into two thin jets.




BH_jets.mp4
Media File (video/mp4)


Final stages of stellar evolution
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Davs after March 29.4842
Matheson et al. 2003, Apd, 599, 394

Long-duration Gamma Ray Bursts (GRB) connected to SN Ib/c (Hypernovae)
— power-law continuum of GRB + later SN light curve




(a) (b)

O+Ne+Mg

(c) (d)

zhaeta. El@ctron-capture supernova

Final stages of stellar evolution

9-225

Collapse can start earlier,
if a degenerate NeOMg
core ~ 1.37 M, reaches
a
critical density (initial
mass ~ 9 M)
— Electron-capture
on *Mg and °Ne
leads to decrease in
pressure and collapse
Lower energy SN ex-
pected ~ 10°° erg
Candidates are under
debate

Final stages of stellar evolution

20



Final stages of stellar evolution

For the most massive
stars (~ 80 — 100M,)
energies in the cores can
be high enough to create
electron-positron pairs

Y+ —>€ +€e°

— Pair production re-
duces the pressure
and may lead to col-
lapse

Candidates are under

debate

wikipedia Pair instability supernova




Final stages of stellar evolution

Remnant of core col-
lapse is extremely dense
p~10"gecm=3
Neutron star
— Radius ~ 10 km
— Mass ~ 1.4 — 3 M.

e Magnetic field ~ 109 —

10'° gauss

Astronomy.com/Kevin Gill

Evolution

Temperature drops quickly from 107K to 108 K in ~ 100 yr due to neutrino
emisision

Contraction leads to increasing density




Final stages of stellar evolution

Matter consists initially of

crystallized heavy nuclei,

electrons and neutrons

— Neutron-rich nuclei
release neutrons

— electron-capture of
protons

— destroys nuclei

— Neutronisation

Astronomy.com/Kevin Gill

Pressure of the non-relativistic degenerate neutrons becomes dominant

1 /3\?°® A2
()

7

- 20

Neutron gas (or liquid) with some protons and electrons develops

0
e




Final stages of stellar evolution

For higher densities in the core (> 6 x 10'°gcm™3), the situation becomes
much more complicated

Energy density needs to be taken into account additional to rest-mass density
po (not necessary for electrons, because density determined by ions)

p=po+U/c
Equation of state becomes relativistic pg < U/c?
pRU/CE = U~ pC?

For relativistic particles

P=u/3=pc?/3
Interactions between nucleons become important
— Equation of state not "ideal" any more




Final stages of stellar evolution

For a given equation of state, the equation for hydrostatic equilibrium in gen-
eral relativity (Tolman-Oppenheimer-Volkoff equation)

dP _ Gm (. P\ (, 4rr®P\ (. 2Gm\~
ar - 2’ +p02 T Tme? rc?

can be used to obtain neutron star models
Equation of state of neutron stars is

M/M,,
30 , not known. Different models have
Black Holes/
0. OCK Oy neacing neurongas P€€N Proposed and are under debate
2.4 3 s@// Models predict a limiting mass for
>3 3 neutron stars
7] I .
163 — Oppenheimer-Volkoff mass
] /
124/ ~1.4—-3.0M,
0.8 / — For higher masses, the pressure of
1 / non-interacting neutron gas
044/ the degenerate neutron gas cannot
_/ .
0 ,I T | ITTT | L | [ | [ | [ | T TT | T TT | TTT | T TT | > Compensate graVIty any more

0 4 8 12 16 20 24 28 32 36 40 Neutron star becomes unstable and

Kippenhahn, Weigert & Weiss 2012 R [km]co"apses



Final stages of stellar evolution

traditional neutron star

quark-hybrid
star

Fermi energies of nucleons reach rest
oeniniae - Masses of hyperons (baryon with
strange quark) and potentially also free
:6 s quarks
o em? | — LOwest mass hyperons (A, 2, A, ...)
Hm:g:f:’:ms contain one strange quark

e Strange stars and quark stars
nucleon star pOStU Iated

hyperon
sfar

strange
quark

matter 2S5C
(u,d,s quarks)

strange star

R~10km

Weber et al. 2009

» Atmosphere very hot ~ 10° K and extremely compressed log g ~ 14 (thick-
ness: cm) — Spectral lines of heavy nuclei observed in X-rays

» Surface of WD like material p ~ 10°gcm—3

 Solid crust of crystallized Fe nuclei and degenerate electrons

* Interior superfluid neutron liquid + solid core?




Final stages of stellar evolution

Light house model

Taken from "Handbook of Pulsar Astronomy” by Lorimer & Kramer magnetic axis

& ‘radio beam

rotation axis

Neutron stars are observed

as pulsars
| — Radio observations

i : t

: outer ton  allow to measure the

i Neutron i gap pulses with extreme

| e . inner

| . acceleration accuracy

i gap . .
Dpei/ | Accurate dynamical
field lines | | :

i | dosed - masses can be derived

! field lines :lig i i

| Eindar in binary pulsars




Final stages of stellar evolution

http://www.astron.nl/pulsars/animations/

Slowing down due to magnetic dipole radiation

magnet dipole radiation

PradN

(BRS sin a)?

p4

= —Erot (9.26)

Energy loss
g_d (2nf\ _ _4rfIP
Sdt\ P2) PG

(9.27)

characteristic age

P
T = —=
2P

(9.28)




PulsarWithProfile.mp4
Media File (video/mp4)

http://www.astron.nl/pulsars/animations/

Final stages of stellar evolution
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Binary Pulsars

PSRB1913+16:
oY U —

: o . * discovered by Hulse & Taylor
f‘.‘\ ’/}‘\5\\ ' (1975):

0 - "attempts to measure its period
to an accuracy of £1us were
frustrated by changes in period
of up to 80 us from day to day’

* = Binary Pulsar

* Orbital period:

P =7.751938773864 hr

* Eccentricity: 0.6171334

* Rotation period:

e e S— 59.02999792988 ms

PHASE ~heus - 8 hours * Note the number of significant

digits!

L

-100

-200

RADIAL VELOCITY (km s™)

=300

Hulse & Taylor 1975, ApJ 195, L51




Binary Pulsars

J0453+1559c
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Ozel & Freire 2016, ARA&A, 54, 401

1.0 2.0 3.0

Neutron stars are observed
as accreting objects in
X-ray binaries
— Dynamical masses can
be measured
— Masses and radii
can be derived from
the X-ray spectra:

2 T4
Lx ~ RNS Teff,NS

Mass (M.)



NASA

Merging neutron stars are observed with
gravitational wave detectors (two so far)
— Masses and radii can be derived from
the GW signal

— Short-duration gamma ray burst

Final stages of stellar evolution

Fermi/GBM

normalized F,

counts/s (arb. scale)

o

400 600 1000 2000
wavelength (nm)

GW

LIGO, Virgo

y-ray

Fermi, INTEGRAL, Astrosat, IPN, Insight-HXMT, Swift, AGILE, CALET, H.E.S.S., HAWC, Konus-Wind

X-ra

Swift, MAXI/GSC, NuSTAR, Chandra, INTEGRAL

uv o—o—

Swift, HST

Optlcal

e, DECam, DLT40, REM ROS2, HST, Las Cumbres, SkyMapper, VISTA, MASTER, Magell -STARI
HCT TZAC LSGT T17, Gemini-South, NTT, GROND, SOAH ESO-) VLT KMTNet, ESO-\ VST VIHT SALT CHILES E, TOHOS
BOOTES-5, Zadko, iTele: scepe Ne« AAT, Pi of the e Sky, AST3-2, ATLAS, Danish Tel, DFN, T80S, EABA

IR o) P
REM-ROS2, VISTA, Gemini-South, 2MASS,Spitzer, NTT, GROND, SOAR, NOT, ESO-VL-Kanata Telescope, HST
I\II LIREArm iyl

Radio
ATCA, VLA, ASKAP, VLBA, GMRT, MWA, LOFAR, LW/ MA, OVRO, EVN, e-MERLIN, MeerKAT, Parkes, SRT, Effelsberg

//T-v——

LoAmmm o

100 -50 50 102 107 0° 10
< (s) t-t, (days) / \
1M2H Swope DLT40 VISTA Chandra
e ke : _l
. G: y ( - & 3 . . 2
10.86h i/|11.080 Wi12sn vkl ed X-ray
MASTER DECam Las Cumbres JVLA
h - E » e . .
- . ; .
11.31h. w|[11.40n iz/[11.57h w 16.4d Radio

Abbott et al. 2017, ApJ, 848. L12




ns_merge.mp4
Media File (video/mp4)


Final stages of stellar evolution

1.
T O e L e B e S B 3.0F — T T T T T T T T T T
3 e \ T Saxn7ana-2021 ——ms
& .{w/ \‘ 2.5 — Ex01745-248 MPA1 . 25 mgg MPA1
S \ —— KS 1731-260
\ —— 4U 1724-207 AP4 —— NGC 6304 AP4
i H —— 4U 1608-52 — NGC 6397
2.5 '.' 2.0 7] 20F ___ Gcen
R o)
< <
1.5F . 1.5F
Ol s s
—
=, 1.0 651 s 1.0+
E 1.51 MS1
0.5 — 0.5+
SQM1 SQM1
1.0 OO0k~ v v 0wy 0.0k P B SR S R
0 5 10 15 5 10 15
Radius (km) Radius (km)
05 Ozel et al. 2016, Apd, 820, 28

LIGO collaboration

Measurements used to constrain the equation of state




Final stages of stellar evolution

Stellar remnants with masses
exceeding the Oppenheimer-
Volkoff limit collapse further

— No denser state of matter is
known

— No further pressure sources
can counteract gravity

As soon as the Schwarzschild

radius
2GM
Interstellar | | RS — > (929)
Fully characterized by mass, spin and charge C
—s Solutions for rotating (Kerr) and charged BHs!S reached, radiation cannot es-
are known cape any more (event horizon)

— Black hole is formed




Final stages of stellar evolution

Stellar mass black holes are

observed as accreting objects
Masses in the Stellar Graveyard in X-ray binaries

in Solar Masses

— Dynamical masses can be
measured

Mg x—ray =~ 5 — 20 Mg,

— Consistent with predictions
As soon as the Schwarzschild
EM Neutron Stars | 1_ ‘0 1. radIUS

Rs = (9.30)

GWTC-2 plot v1.0

LIGO-Virgo | Frank Elavsky, Aaron Geller | Northwestern

IS reached, radiation cannot es-
cape any more (event horizon)
— Black hole is formed

Ligo collaboration




LIGO collaboration

* MBH,grav,wave ~ 5 —80Mg;
— surprisingly many heavy BH (selection ef-

fect?)
* Most massive BHs hard to explain with stellar

evolution

Final stages of stellar evolution

Merging black holes, neu-
tron stars and BH-NS are
observed with gravitational
wave detectors
* more than 100 events so
far
22 definitive binary
merger events, 2 NS
mergers, 3 NS-BH merg-
ers, 18 BH mergers
* Masses and other prop-
erties can be derived
from the GW signal




Merge_BH.mp4
Media File (video/mp4)


Final stages of stellar evolution
Merging black holes ob-

Ha:ﬂfnrd.Walshingtnnl{Hlil | lelingstun. !.l:rulsianal{Lll | Served Wlth graVitatiOnal
! Z wave detectors
* 18 BH mergers
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% _ |||| ] 80 M@
5 Ihi" .
’ | _“”’V\N\Nw _ * Most massive BHs hard

-1.0 Hunedcal ralathvity - H = Humarical relativity = . .

T-Eﬂ;ﬂﬁ:::;‘:;. | || s | | to explain with stellar
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512 -
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= [+ o . \
g 128 .= * Primordial BHs? Dark
2 22 matter?
™ 39 EIE :
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LIGO collaboration close binary as progeni-
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Stellar evolution of binaries




Stellar evolution of binaries
Most stars are not born alone

T T ‘ T T ‘ T T ‘ T
- VM M K G A early B O ]
1.5+ . ]

10 b , % |

S
L L /_t |
= | - |
; i T .
05 * 1 )
i k" i
e |
000 o oo
0.1 1.0 10.0
Duchene & Kraus 2013 Stellar Mass (Mg)

— stellar evolution cannot be understood without understanding binary evolution




Stellar evolution of binaries

Types of binaries

* Visual binary: double star system where you can see both stars and they
appear to move around each other

Kruegar 60
1908 1915 1920

1830 1835 140

e AT
. 1850
1905 3] 1855

: +/*1860

70 Ophiuchi : J e

* 1880

18907 18‘85 Period = 87.7 years




Stellar evolution of binaries

Types of binaries

* Astrometric binary: Similar to a visual binary, but only one component can
be seen. The visible component will 'wobble’ around the center of mass of

the binary.
Visible star

® Center

/f of Mass

Invisible
companion




Stellar evolution of binaries

Types of binaries

* Spectroscopic binary: Components of the binary can not be distinguished
visually. Spectrum of the star(s) shows a different Doppler shift at different
times.

Center Stage 2 Stage 3
Stage 1 of mass B
p B @ (’
A
To Earth ,‘, To Earth * To Earth {,

mow W W W

7 /
A A A,B AB




Stellar evolution of binaries

Types of binaries

* Spectroscopic binary: Doppler shift can be used to determine radial veloci-
ties of 1 or both stars. (in our line of sight)
Single lined system: only one star is visible in the spectrum
Double lines system: both stars are visible in the spectrum

3

.

A o o
v s
E
2 +60 - s f
_ % Y
= E +40 Star B
2
2 +20
QP
e
> a 0 : »Time (days)
= g
5 L S :
e 20 Star A
& _40
2 NS I- Orbital period :-|
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Stellar evolution of binaries

Types of binaries
Spectroscopic Binary: IM Mon, P =1.2 days, e =0

300||||\||||||||||l|||||||

Radial Velocity (km/s)

Relative Intensity

P ST N ST AT NI I I NI S .
01 0 01 02 03 04 05 06 07 08 09 1 11

Phase

1 1 1 1 1
6030 6095 6100 6105 6110 6115
— Wavelength (A)

Stellar evolution of binaries 6



Stellar evolution of binaries

Types of binaries

* Eclipsing binary: Stars rotate in the same plane as our line of sight (or with
very small inclination). Stars will pass in front of each other causing eclipses.
Duration/depth of the eclipses can be used to calculate size of the stars.

"

Light —

e

| ¢————— Orbital period —————»|

(a) Partial eclipse Time —>

| e lime to cross)|
| E -

Light —

| > | | < disk of large

l\_},‘ star I

| ¢— Orbital period ——>

(b) Total eclipse Time —>



Stellar evolution of binaries

Multiple systems: common but harder to detect, Non hierarchical systems are
always dynamical unstable

Triple system



Multiple systems

.....

Stellar evolution of binaries

Quadruple system




Stellar evolution of binaries

Multiple systems
Sextuple system (Castor)

Aa
.............. Cc P =92 days
.‘;x:‘_‘:\.‘ Ab
@ P — 445 yr
P -
e P =2.9days
N s Bb
P = 14000 yr
Ca
P = 0.8 days
_____________________ Cb




Stellar evolution of binaries

Potential wells

* Detached binary: Both stars are within their potential well, and are more or
less undistorted (they can be approximated as being spherical).

rrrrrrrrrrrrrrrrrrrrrrrrr

1

FOLENGLIaL




Stellar evolution of binaries

Potential wells

* Semi-detached binary: One of the stars has expanded to the point where it
reached the saddle point (this star can not be considered spherical anymore).

] A o e e MM

FOTENICISL
:{ a ':I.S r

;;;;;;;;




Stellar evolution of binaries
Potential wells

* Contact binary: Both stars are filling their potential well. This can occur be-
cause the mass that flows from the first star that fills it's well fills up the poten-

tial well of the secondary star. Or because both stars expand to fill their well.
- , : . : ,

FOLENTIZIL

X a 0.5




Stellar evolution of binaries

Potential wells

* Overcontact binary: Both stars are overfilling their potential well, so that
there is only one common surface visible.

FOLENCISL
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Stellar evolution of binaries
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Stellar evolution of binaries

Roche formalism
potential wells can be depicted in a more mathematical way using the Roche for-
malism: Roche potential — shape of stars are given by equipotential surfaces

Roche lobes: equipotential surfaces through the L1 Lagrangian point: region
within which orbiting material is gravitationally bound to that star.




Stellar evolution of binaries

Roche formalism Roche lobes: equipotential surfaces through the L1 La-
grangian point: region within which orbiting material is gravitationally bound to

that star.

relevant, if one or both of the stars radii start approaching it's Roche lobe.

When a star reaches it's Roche lobe it becomes an interacting binary. Mass
can then start flowing from the Roche lobe filling star to it's companion.




Stellar evolution of binaries

Mass transfer: can change stellar evolution

Evolutionary Tracks off the Main Sequence

Effective Temperature, K
30000 10000 7000 6000 4,000
-10- -
SUPERGIANTS (I}
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. i -
=b= 4 3 : it 104
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-4-l10Me He—( + 0—X '

1 SMag e s ‘2
£ o == GIANTS (ILI} y 107§
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§ 2 4y A 10

A M ;

6- i - .
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it AGB - Asymptotic Giant Branch -

12+ i 10°

14 Colourindex (B-V) s

05 0.0 +03 +0.6 0.8
B | | |
05 Bo AD IJ\‘.I GO Ko Mo
Spectral Class

S. Cartwright, University of Sheffield

Close binary evolution: Evolution of both
components linked by Roche Lobe Overflow
(RLOF)

Three cases of mass transfer phases:

* Case A: RLOF at the core hydrogen
burning phase (P ~ 1 — 10 d)

* Case B: RLOF at the hydrogen-shell
burning phase (RGB) (P ~ 10 — 100 d)

e Case C: RLOF after core helium exhaus-
tion phase (AGB) (P ~ 100 d)




Stellar evolution of binaries

ESO/L. Calcada/M. Kornmesser/S.E. de Mink

Influence on stellar evolution can be complicated: masses, size, shape and rota-
tion changes




binary_evolution.mp4
Media File (video/mp4)
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Stellar evolution of binaries

Stable mass transfer: Roche lobe overflow

* Direct impact: If the secondary star is large, then the mass stream that en-

ters from the L1 point can fall directly onto the star. Higher transfer of angular
momentum.

06 T T T T T T 2 9




Stellar evolution of binaries

Stable mass transfer: Roche lobe overflow

* Accretion disc: If the secondary star is small, the mass stream will not hit
the star, but curve around it until it folds back onto itself, spread out due to
friction and forms an accretion disc. The disc will fill up until it reaches the
secondary star, and then mass will be accreted onto the secondary. Angular
momentum accretion is slower.

L = T 1T T 1 T T T 1 I |

0 b—1L 11 i I R T T L pade 5o
-0-2 nl) 0-2 04 o8 o8 |0



Stellar evolution of binaries

Stable mass transfer: Roche lobe overflow

secondary star can accrete all or part of the mass lost by the primary. This de-
pends on what type of star the secondary is, and how fast the mass loss is.

* Spin up: if the secondary accretes mass, it also accretes angular momen-
tum. This causes the star to spin up. When the star reaches breakup velocity
any more mass that lands on the star is thrown off again.

* Bloating: Adding extra mass onto a star can cause it to expand rapidly due
to the extra energy that is dumped in the atmosphere. The secondary will
start to resemble a red giant, and can even fill its Roche lobe leading to a
contact system

* Eddington luminosity: The maximum accretion rate that can be attained by
a star is determined by the Eddington luminosity. Intuition: This is the point
where the radiation pressure caused by the accreted matter equals the grav-
itational attraction. Any extra mass will be pushed away by radiation pressure.




Stellar evolution of binaries

Unstable mass transfer. common envelope evolution

Youtube/Thomas Reichardt




common_envelope_trim.mp4
Media File (video/mp4)


Stellar evolution of binaries

Binary merger

University of Warwick/Mark Garlick
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Binary merger

Youtube/Mike Zingale




wd_merger.mp4
Media File (video/mp4)


Barium stars, CH stars, G/K-giants

Stellar evolution of binaries

Dwarf carbon stars (dC) — M dwarfs

T T T I T T T

T I T

o (a) 1
b 08 ]
2 . ]
= I i
v 06 L HD 212320 6143.1804
> ’ | i
3 i
S i
é 0'4 [ ] T T L LI L T LK T T T T ¥ T TpnT 7 7 T 'U(}:S‘IC‘ T T T
7] SDSS‘ JOB:lBO’?.%5+22342?.6 | : : : :
| ] . ¥ :
0= - Ball B i 1 : :
6141.7274 . : " b
0 [ I I | 1 l | I 1 | I il ? 1 - : : : : : :
6120 6130 6140 6150 = R 1 :
Wavelength (&) 3 L | D
Fry | | | | | |
Yang et al. 2016, RAA, 16, 19 g L | B |
. | it 83 :
£ 1 Vi o e ¥ -5 | ]
Pollution from evolved AGB compan- 1 R e = A
. . . - : Iy i 1;;’: i \i“\ 7 -
lons in the past responsible for weird ce | o oN T
} H ic2 h b CN :g;r&*‘-l
enrichments of elements e el Jglae A
Oy i ./ Of NpD{ 7 Qg/HO T T
4000 5000 6000 7000 8000 9000_

Green 2013, ApJ, 765, 12

Wavelength (&)



Stellar evolution of binaries

Some star types are formed exclusively by binary interactions

Hot subdwarfs, low-mass He- R Coronae Borealis stars
WDs C-rich yellow supergiant
* Stripped cores of red giants * variable due to dust

RB - WWW.AAVSO.ORG

* He-WD mergers
- _|||||

* merger of CO- and He-WD

30F

2.5 F

\\\\\\\\\\\\\\\
aaaaaaaaaaaaa

log L/Lg

Blue stragglers
* MS-stars too
massive for host
clusters
|- mass transfer

50 45 40 35 30 25 20
Ten/ 1000 [K]
Heber 2016, PASP, 128, 966
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Interacting binaries with white dwarf stars — Cataclysmic variables
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Stellar evolution of binaries

Supernova type la (SN la)

ESA/Hubble, NASA, P. Ruiz-Lapuente, S. Geier ESO

— Single-degenerate scenario: white — Double-degenerate scenario: merger
dwarf accretes mass from main se- of two WD due to emission of gravi-
quence star, red giant, or He star until tational waves, combined mass near
Chandrasekhar mass is reached Chandrasekhar limit

Mass-transfer to a CO-WD can lead to a C-flash in the degenerate core
— Thermonuclear Supernova type la (SN la)




sn1a_sd.mp4
Media File (video/mp4)


sn1a_dd.mp4
Media File (video/mp4)


Stellar evolution of binaries

Hypervelocity stars:

James Josephides (Swinburne Astronomy Productions)

CAST group, YouTube

Interaction of close binaries with the super-
massive black hole in the Galactic center
— Ejection of hypervelocity stars
encounters in star clusters can disrupt
binaries

— runaway stars

NASA



cast.mp4
Media File (video/mp4)


hills.mp4
Media File (video/mp4)


star_cluster.mp4
Media File (video/mp4)


Stellar evolution of binaries

NASA/CXC/M. Weiss

Mark Garlick

Interaction stars with supermassive
black holes can lead to the disruption of
the star

= Tidal-disruption event

DESY, Science Communication Lab



tde.mp4
Media File (video/mp4)
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