A&A manuscript no.

(will be inserted by hand later) Your thesaurus codes are: 08.01.1, 08.05.1, 08.05.3, 08.18.1

ASTRONOMY AND ASTROPHYSICS 30.7.1997

Coupled mass and angular momentum loss of massive main sequence stars

N. Langer Institut fĺur Theoretische Physik und Astrophysik, Universitĺat Potsdam, DŰ14415 Potsdam, Germany

Received ; accepted

Abstract. We investigate the interaction of mass loss and rotaŋ tion during core hydrogen burning in massive stars. We comŋ pute their main sequence evolution assuming rigid rotation, and carry angular momentum as a passive quantity in the stellar inŋ terior but incorporate its effect on the stellar mass loss rate. We consider the example of a 60Mfi star assuming various initial rotation rates.

We show that rotation may substantially enhance the total main sequence mass loss of massive stars. Furthermore, we argue that the surface layers of rotating massive main sequence stars may reach the limit of hydrostatic stability (ŞΩŋlimitŤ) by achieving a considerable fraction of their Eddington luminosity. We show that this process is not catastrophic for the star, but rather that the coupling of mass and angular momentum loss limits the mass loss rate Ḿ� of main sequence stars at the Ωŋ limit. Ḿ� is determined through the angular momentum loss imposed by the Ωŋlimit rather than by atomic physics. For our

60Mfi sequences, it is^´M� ≃ 10�^5Mfi yr�^1.

We ^nd a convergence of the rotational velocities of main sequence stars of a given initial mass at the Ωŋlimit, but a strong dependance of their mass at core hydrogen exhaustion from the initial rotation rate. Since then also the postŋmain sequence evolution depends on the initial amount of angular momentum, we argue that this is a third independent initial parameter for the evolution of massive stars, as important as initial mass and metallicity.

We brie~y discuss observable consequences of the coupling of mass and angular momentum loss, e.g. a signi^cant decline of the projected rotational velocity v sin i towards the cool end of the main sequence, a period of strongly enhanced and aspherical mass loss, disks or rings in the equatorial plane of the star reminiscent of B[e]ŋstars, and highly bipolar circumstellar structures.

Key words: stars: rotation Ű stars: interiors stars: earlyŋtype Ű stars: evolution

1. Introduction

Although we have a solid knowledge of the evolution of the deep interior of massive stars since a long time (Weaver et al. 1978, Kippenhahn & Weigert, 1990) it has become more and more clear during the last decades that our understanding of the evolution of their observable features is still rather incomplete. Among others, open problems concern the effective temperature evolution of moderately massive (M_{ZAMS} ≃ 10...30Mfi) post main sequence stars (Langer & Maeder 1995) and the evoluŋ tionary connections between O stars, Luminous Blue Variables (LBVs) and WolfŋRayet (WR) stars for higher masses (Schaller et al. 1992, Langer et al. 1994, Stothers & Chin 1996, Pasquali et al. 1997). Two major physical dif^culties in the theoretical models of the observable evolutionary stages of massive stars have been identi^ed and made responsible for the persisting lack of reliable models: mass loss and internal mixing proŋ cesses (Meynet et al. 1994, Langer 1994, Deng et al. 1996). E.g., it has been found that the mass loss of massive main seŋ quence stars should be roughly twice as high as what appears to be observed in order to understand many features of masŋ sive post main sequence stars (Meynet et al. 1994, Langer et al. 1994). Additionally, there is growing evidence that stellar rotation may considerably affect the evolution of massive stars (Maeder 1987, Langer 1991a, Fliegner et al. 1996, Maeder & Meynet 1996, Meynet & Maeder 1997, Langer 1997ab).

Clearly, massive main sequence stars are rapid rotators (cf. Fukuda 1982, Howarth et al. 1997). Massive stars are also very luminous, which brings about three major problems concernŋ ing their theoretical modeling. The ^rst two, which have already been mentioned above, are mass loss Ů which is driven by their enormous photon ~uxes (cf. Puls et al. 1996) Ů and internal mixing, which is much easier in massive stars due to the large contribution of the radiation pressure Ů which is independent of the mean molecular weight Ů to the total pressure in the star (e.g., Maeder 1987). In the present paper, we shall be concerned with a third problem brought along by the high luminosity, i.e. the proximity of the stellar surface to hydrodynamic instability, i.e. to the Eddingtonŋlimit. We want to show in the following that in rotating luminous stars the mass loss may be considerŋ ably enhanced over the (usually considered) nonŋrotating case,

2 N. Langer: Coupled mass and angular momentum loss of massive main sequence stars

and that there is a maximum mass loss rate these stars may achieve which is actually controlled by the accompaniing anŋ gular momentum loss rate and not by the radiation force.

In the next Section, we will spell out and discuss the physical methods and assumptions used for our investigation. Section 3 contains the results of exemplary stellar evolution calculations for the case of a 60Mfi stars. In Section 4, we shall discuss problems, consequences and further applications of the concept of coupled mass and angular momentum loss. Conclusions are given in Section 5.

2. Methods and assumptions

The results presented below have been obtained with a hydroŋ dynamic stellar evolution code (cf. Langer et al. 1988, Langer 1991b), employing the OPAL opacities of Iglesias et al. (1992). We have used an outer boundary condition which takes the optiŋ cal depth of the stellar wind selfconsistently into account within a grey approximation (Langer et al. 1994, Heger & Langer 1996).

We have computed the proximity of the star to the Eddingtonŋlimit, i.e. the Eddington factor Γ = L/L_{edd} = κL/(4πcGM) in the following way. It has been shown in Langer (1997a) that the occurrence of convection and of denŋ sity inversions makes the concept of the Eddington limit as a stability limit invalid in the stellar interior, i.e. the Eddington factor Γ has to be evaluated only at the stellar surface. Since the term ŞsurfaceŤ is not unambiguously de^ned in this context, we considered Γ in layers with an optical depth of τ < 100, where in fact neither a signi^cant convective energy ~ux nor density inversions have been found in the investigated models. Thus, to estimate the distance to the Eddington limit, we used the maximum value of Γ occurring in the subsonic layers with τ < 100. Furthermore, we used the OPAL opacity coef^cient to compute the Eddington factor. Mass and luminosity are pracŋ tically constant for τ < 100 and equal to the total stellar mass and luminosity.

The choice of a maximum optical depth for the evaluation of Γ introduces some arbitrariness into our method. However, as we shall point out repeatedly, in the present state we can only draw qualitative conclusions. It turns out that the Eddington limit is only important in the equatorial surface layers of stars rotating close to their critical rotation rate (see below). The strati^cation of these layers can not yet be reliably computed by any existing stellar structure code, and it is ultimately our ignorance of the thermodynamical properties of these layers which introduce the major quantitative uncertainties into our results, not the choice of the maximum optical depth.

We have carried angular momentum in the stellar models only as a passive quantity, i.e. we ignore the centrifugal force in the stellar interior as well as the effect of mixing of chemical species due to rotationally induced instabilities (cf. Fliegner et al. 1996, Meynet & Maeder 1997). However, we do consider the centrifugal force at the stellar surface to evaluate the distance of the star from the Ωŋlimit (Langer 1997a), i.e. from critical rotation, with

Ω = v_{rot}/v_{crit}, (1) and v^2_{crit} = GM(1 − Γ)/R. (2)

This is not unreasonable since for hot massive stars close to the Ωŋlimit, only the outer skin (M_r/M >∼ 0.99999) rotates close to critical while in the bulk of the star Ω is not close to one at all, due to the strong peak of the opacity in the outer layers.

Furthermore, we assume our models to be always rigidly roŋ tating. Stellar models including differential rotation (e.g. Fliegŋ ner et al. 1996) show that this is a good approximation on the main sequence, since the time scale for angular momenŋ tum transport is of the order of the thermal time scale and also shorter than the time scale of rotationally induced chemical mixing (Chaboyer & Zahn 1992, Zahn 1992, Talon & Zahn 1997). According to Zahn (1994), the expected amount of difŋ ferential rotation in a massive main sequence star is roughly Δω/ω ≃ ω^2R^3/(GM), with ω being the mean angular velocŋ ity and Δω its difference between stellar core and surface. In the models presented below, this estimate gives Δω/ω <∼ 0.01. The approximation of rigid rotation may become invalid when the mass loss time scale becomes shorter than that of angular momentum transport, but this is not the case in our models.

To compute the mass loss rate for our stellar models, we have applied the empirical rate found by Lamers & Leitherer (1993) with the metallicity dependence obtained by Leitherer & Langer (1991). However, we have applied the correction factor derived by Bjorkman & Cassinelli (1993) as a ^t to the results of Friend & Abbott (1986) to take the effect of rotation on the mass loss rate of hot star winds into account, i.e.

Ḿ/Ḿ(v_{rot} = 0) =

`_1

1 − Ω

´_{ξ , (3)}

with ξ = 0.43. Note that this increases the mass loss rate by less than one third for Ω <∼ 0.5, and to obtain an enhancement by a factor of two a value of Ω ≃ 0.8 is required. Although the validity of Eq. (3) has been questioned by Owocki et al. (1996), its important consequence used below Ů i.e. the increase of the mass loss rate for increased Ω Ů may still remain valid.

Angular momentum loss is only considered through the effect of mass loss, i.e. the lost mass carries away its speci^c angular momentum. The effective coupling between mass and angular momentum loss will be described in Sect. 3 and Fig. 2 below. Effects of magnetic ^elds are not considered.

We thus have treated rotation in our models in the simplest possible way. This has the advantage that our results do not depend on the various physical effects which rotation introduces in the stellar interior but instead we concentrate on and single out those processes which are relevant for the coupling of mass and angular momentum loss, and the effect they have on the main sequence evolution of massive stars.

N. Langer: Coupled mass and angular momentum loss of massive main sequence stars 3

Table 1. Computed 60Mfi sequences. Given are: sequence number, initial equatorial rotation velocity vrot,i, initial ratio of rotation rate to critical rotation rate �i, core hydrogen burning life time τH, ^nal mass Mf, average mass loss rate ŕ́M, minimum rotational velocity vrot,min, and ^nal values of luminosity log Lf /Lfi, effective temperature Teff,f and radius Rf. ŞFinalŤ here means core hydrogen exhaustion.

Seq.# vrot,i �i τH Mf ŕ́M vrot,min log Lf/Lfi Teff,f Rf

[km s�^1] [10^6 yr] [Mfi] [Mfi yr�^1] [km s�^1] [1000 K] [Rfi]

1 (200) (0.46) 3.37 55.72 1.27Eŋ6 173 5.92 30.7 32.6 2 100 0.23 3.37 53.23 2.01Eŋ6 54.7 5.90 28.8 36.7 3 200 0.46 3.43 46.04 4.07Eŋ6 41.5 5.87 25.0 46.5 4 300 0.68 3.49 43.27 4.80Eŋ6 44.7 5.85 24.9 45.5 5 400 0.91 3.57 41.02 5.32Eŋ6 51.5 5.82 27.3 36.6

3. Evolutionary calculations

We have computed evolutionary models for stars with an initial mass of 60Mfi and a metallicity of Z = 0.01. The comŋ putations are started on the zero age main sequence (ZAMS) and terminated shortly after core hydrogen exhaustion. We have computed four sequences with initial equatorial rotation velocŋ ities of v_{rot,i} = 100, 200, 300, and 400 km s�^1 (sequence # 2 to 5, cf. Table 1). For comparison, we have also computed one sequence (#1) with an initial rotational velocity of 200 km s�^1 without applying the mass loss enhancement due to rotation (cf. Sect. 2). All sequences start from the same initial model which is characterized by a surface temperature of T_{eff} = 50 000 K, a radius of 9.9Rfi, and a luminosity of log L/Lfi = 5.69.

Fig. 1 shows the time evolution of the critical rotational veŋ locity (Eq. 2) and the actual rotational velocity for sequence #3. The critical rotational velocity has a pronounced minimum at roughly t = 2.6 10^6 yr, which corresponds to a stellar effective temperature of T_{eff} ≃ 36 500 K, around which the iron opacity peak has its maximum effect. We see in Fig. 1 that, as v_{rot} apŋ proaches v_{crit} (i.e. Ω → 1) the rotation rate of the star declines such that the Ωŋlimit Ω = 1 is never exceeded. This behavior is explained by the coupling of angular momentum and mass loss, which works as follows.

For illustration, let us divide the process of mass and anguŋ lar momentum loss into three discrete steps (cf. Fig. 2). First, consider a rigidly rotating star, rotating with an angular velocity ω_0. Since the speci^c angular momentum is j = ωr^2, the layers with the largest speci^c angular momentum are those closest to the surface, where, initially, we have j = j_0 = ω_0R^2_0. In step one, let us take off a small amount of mass ΔM from the stellar surface (a) → b) in Fig. 2). Before the star can react to this, its new surface speci^c angular momentum j_1 is smaller than j_0, since j is monotonically decreasing inwards for the case of rigid rotation. In this state, however, it is still ω_1 = ω_0. In the next step (b) → c)), we allow the star to mechanically readjust, i.e. in particular its layers close to the surface will expand. In fact, if ΔM is not too large, the new stellar radius will be almost the same as the old one. Due to local angular momentum conŋ servation, the expanding layers will spin down, i.e. the angular velocity in the outer layers will decrease. However, deep in the core we still have ω = ω_0. Finally, in the last step (c) → d)) we

Fig. 1. Equatorial rotational velocity vrot and the critical rotational velocity vcrit (cf. Eq. 2) as function of time during the main sequence evolution of the 60Mfi sequence #3 (cf. Table 1).

allow angular momentum transport to reestablish rigid rotation, which will slow down the rotation of the core. It will again increase the surface angular velocity somewhat, but since the layers with the highest speci^c angular momentum have been lost it will be smaller than ω_0. In total, we have again a rigidly rotating star, but with a smaller mass and a smaller angular veŋ locity. Note that this mechanism of coupled mass and angular momentum loss works in the same way for differentially rotatŋ ing stars, as long as the time scale for the readujustment of the rotation pro^le is shorter than the mass loss time scale.

When the 60Mfi sequence in Fig. 1 approaches Ω = 1, the mass loss rate is increased according to Eq. 3. As a conŋ sequence, according to the coupling described above, the spinŋ down rate of the star increases as well. In this situation, i.e. at the Ωŋlimit, an equilibrium value Ω_{eq} < 1 will establish. It is deŋ

4 N. Langer: Coupled mass and angular momentum loss of massive main sequence stars

Fig. 2. Schematic diagram of coupled mass and angular momentum loss in a rigidly rotating star, broken up into three discrete processes: mass loss without readjustment (a) ! b)); reexpansion of the star ((b) ! c)); and reestablishment of rigid rotation ((c) ! d)). ω is the angular velocity, j = ωr^2 the speci^c angular momentum, and R the stellar radius. Subscript 0 refers to the initial state. See text for more details.

Fig. 3. Mass loss rate of the models of the 60Mfi sequence #3 (cf. Table 1; dots) compared to the mass loss rate as function of time for the 60Mfi without rotational mass loss enhancement (sequence #1, continuous line).

^ned such that if Ω is smaller than this value, mass and angular momentum loss are too small to prevent the star’s continuous evolution towards the Ωŋlimit. If Ω > Ω_{eq}, the corresponding angular momentum loss is so large that the star evolves away from the Ωŋlimit, i.e. Ω becomes smaller. In the case of the

60Mfi sequence displayed in Fig. 1, it is Ωeq ≃ 0.991.

Fig. 3 displays the mass loss rate of all models of seŋ quence #3 as a function of time, in comparison to sequence #1. The big scatter during the period at the Ωŋlimit is purely numerŋ ical and results from the character of Eq. 3, i.e. it is Ḿ → ∞ for Ω → 1. In fact Fig. 4, which presents the time evolution of the stellar mass for all sequences, shows that the average mass loss rate during this phase is a well de^ned quantity. The average mass loss rate at the Ωŋlimit, which is represented by the slope of the curves in Fig. 4, is about 10�^5Mfi yr�^1.

Note that for t >∼ 2.6 10^6 yr, the star evolves off the Ωŋlimit since the critical rotation rate increases again as a consequence of its further decreasing surface temperature during core hyŋ drogen burning. At core hydrogen exhaustion, it has reached T_{eff} ≃ 25 000 K (cf. Table 1).

Figs. 4 and 5, which display stellar mass and rotation rate as function of time for all computes sequences, show that the stars which rotate rapidly initially behave qualitatively similar to sequence #3. As soon as they reach the Ωŋlimit they increase their mass loss rate to values around 10�^5Mfi yr�^1 so that they spin down at the Ωŋlimit. Since the critical rotation velocity evolves almost equally for all considered sequences, this means that the stars leave the Ωŋlimit at almost the same time and with almost the same rotation rate. However, due to the fact that they

N. Langer: Coupled mass and angular momentum loss of massive main sequence stars 5

Fig. 4. Time dependence of the total stellar mass of the computed

60Mfi sequences with different initial rotation rates vrot,i (sequences

#2 to 5 in Table 1). For comparison, the time dependence of the mass of sequence #1 is also displayed and marked vrot,i = 0.

spend different amounts of time at the Ωŋlimit (cf. Fig. 6), their masses at core hydrogen exhaustion are different, i.e. lower for higher initial rotation velocities (cf. Table 1 and Fig. 4).

It is important to realize that the equilibrium mass loss rate at the Ωŋlimit Ḿ� is determined by the condition of a suf^cient angular momentum loss to not exceed the Ωŋlimit. Therefore, for a given critical rotational velocity, the mass loss rate of a rigidly rotating star at the Ωŋlimit is determined by its density distribution ρ(r) and by its expansion rate due to the internal evolution. Within these assumptions, the mass loss rate does not depend on microscopic properties of the matter as e.g. in the case of the normal hot star winds.

The sequence with v_{rot,i} = 100 km s�^1 does not quite reach the Ωŋlimit (cf. Fig. 6). However, it comes suf^ciently close to critical rotation that its mass loss rate is also considerably increased compared to the ŞnonŋrotatingŤ model.

4. Discussion

In Sect. 3, we have discussed the evolution of stars at the Ωŋlimit for the case of a 60Mfi main sequence star at Z = 0.01. We have to emphasize again that this can only be a qualitative example. The general properties of the model, e.g. the existence of an equilibrium mass loss rate, its determination through the angular momentum loss, or the convergence of the rotational velocities at the Ωŋlimit are expected to be independent of the quantitative details. However, we are at present unable to state for which initial mass, metallicity and initial rotation rate massive main sequence stars do actually reach the Ωŋlimit. All we can say is

Fig. 5. Time dependence of the equatorial rotational velocity of the computed 60Mfi sequences #2 to #5 (cf. Table 1) with different initial rotation rates vrot,i (see at t = 0). Since the time dependence of their critical rotational velocity is very similar, their tracks converge at the

�ŋlimit (cf. Fig. 1).

that we have made reasonable assumptions to compute Ω for our 60Mfi star and thus it is plausible that stars of this mass may reach the Ωŋlimit.

The reason for this uncertainty is that, as mentioned above, it is impossible with the existing methods to compute the stratiŋ ^cation of the surface layers of a mass losing star close to critical rotation (cf. Dupree 1995). Since Ω depends on the opacity coef^cient κ through the Eddington factor Γ, and κ is a very sensitive function of temperature and density, the quantities v_{crit} and Ω must remain rather uncertain. E.g., one may think of the graph of v_{crit} in Fig. 1 to be shiftable upŋ or downwards.

One might try to limit the uncertainty through observations. Fig. 5 makes a rather clear prediction, i.e. the rotation velocities of all tracks converge to rather slow values (40...80 km s�^1). Thus, suf^ciently luminous (log L/Lfi >∼ 5.5; cf. Table 1) and cool (T_{eff} <∼ 45 000 . . . 30 000 K) stars should be found to rotate with velocities in that range. This seems in fact to be at least not inconsistent with observations. Fukuda (1982) ^nds a reŋ markable decline in the rotation rate of supergiants (luminosity class I) at the transition from early to late spectral type O (cf. also Nieuwenhuijzen & de Jager 1988, Penny 1996, Howarth et al. 1997). Note that such a decline is not predicted by seŋ quence #1 where the rotational mass loss enhancement is not considered. Due to the standard mass loss, this sequence does also lose some angular momentum. It evolves, from initially 200 km s�^1 to a minimum value during core hydrogen burning of 173 km s�^1, which means it hardly spins down at all. It is

6 N. Langer: Coupled mass and angular momentum loss of massive main sequence stars

Fig. 6. � as function of the effective temperature during core hydrogen burning, for sequences #2 ... #5.

noteworthy that the radius increase of our stars on the main seŋ quence by a factor of 3...4 (cf. Table 1) does not by itself lead to a spinŋdown of the surface layers since it is counterbalanced by an increasing density of the stellar core, i.e. the central density is increased by more than a factor of two during core hydrogen burning. However, although the number and quality observed rotation rates of hot luminous stars has increased signi^cantly during the last decade, a solid conclusion appears dif^cult at present, also due to the fact that the interpretation of the spectral line widths is still a matter of debate (cf. Howarth et al. 1997).

We have neglected rotationally induced chemical mixing, for which some evidence exists (cf. Fliegner et al. 1996) and which may change the emerging picture as follows. The chemiŋ cal mixing is stronger for larger initial rotation rates, and conseŋ quently rapid rotators would develop to larger luminosities than slow ones (Langer 1992, Fliegner et al. 1996) and would thus have smaller critical rotation velocities. Since the minimum of the critical rotation velocity determines the ^nal rotational velocity (cf. Fig. 1), the surprising result is that stars which rotate faster initially end their core hydrogen burning rotating slower. However, all stars would evolve to rotational velocities lower than the minimum critical rotational velocity obtained for the nonŋrotating case (cf. Figs. 1 and 5), unless the chemiŋ cal mixing enhances the envelope helium content so much that they evolve towards hotter effective temperatures already on the main sequence (Maeder 1987, Langer 1992).

It is further worth noting that the 60Mfi tracks derived above are similar to those obtained by Langer et al. (1994) with completely different assumptions. In that paper, the mass loss rate in the effective temperature regime around T_{eff} ≃ 36 000 K has been assumed to be enhanced due to theoretically preŋ dicted strange mode pulsations. In fact, both, these pulsations and the Ωŋlimit depend on the iron opacity peak which has its maximum effect in the considered effective temperature range. Langer et al. (1994) have concluded that only the adŋ ditional main sequence mass loss allows agreement between postŋmain sequence models and observations, e.g. concerning LBV masses and abundances or WR luminosities. Meynet et al. (1994) have found further evidence for strong main sequence mass loss. Our models involving Eq. (3) and the Ωŋlimit proŋ vide an additional source of enhancement of the main sequence mass loss, i.e. angular momentum.

It is not clear what happens to the matter lost by an almost critically rotating star. The Ωŋlimit itself guarantees only that the material is easily lifted off the stellar surface. It will depend then on the evolution of temperature and density of that matter whether the stellar radiation ^eld will be able to push it to in^nity. In case the opacity in the uplifted matter drops it can not be pushed further by the radiation, but it can also not fall back to the stellar surface since it has too much angular momentum. If there is a stationary state at all, the matter may remain at a ^nite distance to the star. At the Ωŋlimit, most of the material leaving the star will do so at latitudes close to the equator, and since the escape velocity there will be close to zero the material will leave the star with a small velocity. Consequently, the star may develop a disk or ring in the equatorial plane. At the poles, the star does not feel the centrifugal force and thus the effective gravity will be high there. Consequently, the surface regions around the poles may emit a fast radiation driven wind like normal main sequence stars in that mass range.

It has been pointed out to the author by P. Conti that the emerging picture is reminiscent of the so called B[e] stars. Those are hot stars which show the signature of a fast wind Ů which is typical for hot stars Ů but also narrow emission lines with widths of only tens of km s�^1, and strong evidence for cirŋ cumstellar dust. Zwickgraf (1989) ^nds that a twoŋcomponent model of a hot star with a fast polar wind and a slow equatorial wind which forms a dense disk can explain these features best.

In fact, our models allow an order of magnitude estimate of the equatorŋtoŋpole ratio of mass loss rate and out~ow velocity at the Ωŋlimit. As the total mass loss rate is enhanced by a factor of the order of 10 over the normal radiation driven wind mass loss rate (cf. Figs. 3 and 4) a factor of that order may be expected for the mass ~ux density ratio between equator and pole. For the velocity at the poles we have to expect wind velocities found in normal hot stars (say ∼ 1000 km s�^1), while at the equator the escape velocity is reduced by about 99% (cf. Sect. 3), i.e. we may expect some 10 km s�^1. These numbers appear to be in the range which is found in B[e] stars (Zwickgraf 1989).

Finally, we want to mention that the applicability of the conŋ cept of the Ωŋlimit is not restricted to massive main sequence stars. On the basis of 2ŋdimensional hydrodynamic simulations of the evolution of circumstellar matter it has been argued by Garcť”aŋSegura (1997) and Langer et al. (1997) that the highly bipolar shape of LBV nebulae and the giant LBV outbursts which produce them are due to massive postŋmain sequence stars reaching the Ωŋlimit. As the internal rate of expansion

N. Langer: Coupled mass and angular momentum loss of massive main sequence stars 7

during the hydrogenŋshell burning evolution is at least two orŋ ders of magnitude smaller compared to core hydrogen burning, the mass loss rate at the Ωŋlimit in this case must be at least two orders of magnitude larger than those considered in Sect. 3. As the resulting mass loss time scale may then be smaller than the time scale of angular momentum transport, we can not treat this situation with the methods presented in Sect. 2.

Although in the case of LBVs again the proximity to the Eddington limit is thought of driving the stars to critical rotation (cf. Langer et al. 1997), the Ωŋlimit is not restricted to situations close to the Eddingtonŋlimit. In fact, whichever instability at a spherically symmetric stellar surface is envisaged in the sense that the surface becomes forceŋfree when the instability limit is reached, even small amounts of rotation will break the spherical symmetry, and instead of the envisaged instability to work all over the stellar surface critical rotation is achieved at the stellar equator even before the instability limit is reached. Two exŋ amples of this, which are discussed in the literature and where the Ωŋlimit may apply are an instability induced by turbulent convective pressure in hot luminous stars (Nieuwenhuijzen & de Jager, 1995) Ů which the authors also connect to LBVs and their outbursts Ů, and the recombination instability at the tip of the Asymptotic Giant Branch (Paczyťnski & Ziťoˇkowski 1968, Han et al. 1994, Wagenhuber & Weiss 1994), which may be reŋ lated to the ŞsuperwindŤ and planetary nebulae formation (Iben & Renzini 1983). For the latter, the Ωŋlimit has been suggested as explanation for the formation of highly bipolar planetary nebulae by Garcť”aŋSegura et al. (1997b).

5. Conclusions

In the previous Sections we have shown that rotation may affect the evolution of massive main sequence stars in two ways. It can enhance the mass loss rate of the star over that in the nonŋrotating case (Friend & Abbott 1986) without affecting the angular momentum evolution very much. An example of this case is sequence #2, which has an initial rotational velocity of the order of its minimum critical rotational velocity during core hydrogen burning (∼ 100 km s�^1). However, we showed that it may occur that the initial rotation rate of a massive star is larger than this. Then the star will reach the Ωŋlimit of critical rotation. In this stage, the mass loss rate may be much larger than if no rotation were present. It is determined by the requirement of angular momentum loss, which is directly coupled to the mass loss (cf. Fig. 2).

Due to this circumstance, the resulting mass loss rate at the Ωŋlimit Ḿ� can be quanti^ed rather reliably to Ḿ� ≃

10�5_Mfi_{for a 60M}fi_{star, while other interesting quantities, e.g.}

the function f(M_{ZAMS} , Ω_i, Z) which separates stars reaching the Ωŋlimit from those which do not in the relevant parameter space, must remain very uncertain at present (cf. Section 4). I.e., we can not be sure how many stars of a given population will reach their Ωŋlimit during core hydrogen burning, but we can deduce what happens to those which do.

Since it is also unclear which fraction of the mass lost at the Ωŋlimit can actually be pushed to in^nity by the radiation force, there are several alternatives for the appearance of stars at the Ωŋlimit. If all the matter is blown away, the star may not look peculiar at ^rst glance. It is important to note that it needs not even to be a rapid rotator (cf. Fig. 1). However, it’s mass loss should be strongly enhanced and distinctly nonŋspherical. The latter might be observable through line pro^le shapes (cf. Petrenz & Puls 1996, Howarth et al. 1997). In this context, the anomalously high mass loss of some massive O stars in the LMC found by de Koter et al. (1997) may be interesting. The asphericity of the mass loss at the Ωŋlimit together with its spherical symmetry before and after that phase may result in bipolar circumstellar structures, perhaps like those found around the O6.5 star HD 148937 (Leitherer & Chavarria 1987). As mentioned in Sect. 4, a similarity to B[e] stars may be present if not all the matter is pushed to in^nity.

The coupling of mass and angular momentum loss also opens the possibility to deduce average mass loss rates of main sequence stars from the dependence of the mean projected roŋ tational velocity from the effective temperature. However, the observational data, although not inconsistent with the 60Mfi models presented above, allows no ^rm conclusions at present.

Finally, we want to emphasize the extreme importance of the initial rotation rate for the post main sequence evolution of massive stars. Even for stars which do not reach the Ωŋ limit, the mass loss enhancement may be appreciable (cf. Fig. 4, sequences #1 and #2). It is drastic for stars which do reach the Ωŋlimit, and initially faster rotating stars stay there longer than initially slower rotators. This makes the stellar mass at core hydrogen exhaustion a sensitive function of the initial rotation rate (see Table 1 and Fig. 4), which is of key importance for the further evolution of the stars.

Acknowledgements. The author is very grateful to Peter Conti, Guillermo Garcť”aŋSegura, Alexander Heger, Andrťe Maeder, Hans Nieuwenhuijzen, and Stan Owocki for enlightening discussions. This work has been supported by the Deutsche Forschungsgemeinschaft through grant No. La 587/8ŋ2

References

Chaboyer B., Zahn J.ŋP., 1992, A& A 253, 173 de Koter A., Heap S.R., Hubeny I., 1997, ApJ 477, 792 Deng L., Bressan A., Chiosi C., 1996, A& A 313, 159 Dupree R.G., 1995, ApJ 439, 357 Fliegner J., Langer N. & Venn K., 1996, A& A 308, L13 Friend D.B., Abbott D.C., 1986, ApJ 311, 701 Fukuda I., 1982, PASP 94, 271 Garcť”aŋSegura G., Langer N., Mac Low M.ŋM., 1997, Kona in Luŋ minous Blue Variables: Massive Stars in Transition, A. Nota, H.J.G.L.M. Lamers, eds, ASP Conf. Ser., in press Garcť”aŋSegura G., Langer N., Rťo_zyczka M., Mac Low M.ŋM., Franco J., 1997, in prep.

Han Z., Podsiadlowski P., Eggleton P.P., 1994, MNRAS 270, 121 Heger A., Langer N., 1996, A& A 315, 421 Howarth I.D., Siebert K.W., Hussain G.A.J., Prinja R.K., 1997, M.N.R.A.S. 284, 265 Iben I., Jr., Renzini A., 1983, ARAA 21, 271 Iglesias C.A., Rogers F.J., Wilson B.G., 1992, ApJ 397, 717

8 N. Langer: Coupled mass and angular momentum loss of massive main sequence stars

Kippenhahn R., Weigert, A., 1990, Stellar Structure and Evolution,

Springer, Berlin Lamers H.J.G.L.M., Leitherer C., 1993, ApJ 412, 771 Langer N., 1991a, A&A 243, 155 Langer N., 1991b, A&A 252, 669 Langer N., 1992, A&A 265, L17 Langer N., 1994, in Proc. 34^{th} Herstmonceux Conference on Circumŋ

stellar Media in the Late Stages of Stellar Evolution, R. Clegg et al., ed., Cambridge University Press, p. 1 Langer N., 1997a, in Luminous Blue Variables: Massive Stars in Tranŋ

sition, A. Nota, H.J.G.L.M. Lamers, eds, ASP Conf. Ser., in press Langer N., Maeder A. 1995, A&A 295, 685 Langer N., Heger A., Fliegner J., 1997b, in proc. IAUŋSymp. 189 on

Fundamental Stellar Properties: The Interaction between Obserŋ vation and Theory, T. R. Bedding, A. J. Booth and J. Davis, eds., Kluwer, Dordrecht, p. 343 Langer N., Kiriakidis, M., El Eid, M.F., Fricke, K.J., Weiss, A., 1988,

A&A 192, 177 Langer N., Hamann W.ŋR., Lennon M., Najarro F., Pauldrach A.W.A.,

Puls J., 1994, A& A 290, 819 Langer N., Garcť”aŋSegura G., Mac Low M.ŋM., 1997, ApJ, submitted Leitherer C., ChavarriaŋK., C., 1987, A& A 175, 208 Leitherer C., Langer N., 1991, in: IAUŋSymp. 148 on The Magellanic

Clouds, R.F. Haynes, D.K. Milne, ed., Kluwer, p. 480 Maeder A. 1987, A&A, 178, 159 Maeder A., Meynet G., 1996, A& A 313, 140 Meynet G., Maeder A., 1997, A& A 321, 465 Nieuwenhuijzen H., de Jager C., 1988, A& A 203, 355 Nieuwenhuijzen H., de Jager C., 1995, A& A 302, 811 Owocki S.P., Cranmer S.R., Gayley K.G., 1996, ApJ 472, L11 Paczyťnski B., Ziťoˇkowski J., 1968, Acta Astron. 18, 255 Pasquali A., Langer N., Schmutz W., Leitherer C., Nota A., Hubeny

I., Moffat A.F.J., Drissen L., Robert C.: 1997, ApJ 478, 340 Penny L.R., 1996, ApJ 463, 737 Petrenz P., Puls J., 1996, A& A 312, 195 Puls J., Kudritzki R.P., Herrero A., Pauldrach A.W.A., Haser S.M.,

Lennon D.J., Gabler R., Voels S.A., Vilchez J.M., Wachter S., Feldmeier A., A& A 305, 171 Schaller G., Schaerer D., Meynet G., Maeder A. 1992, A&AS, 96, 269 Stothers R.B., Chin C.ŋW., 1996, ApJ 468, 842 Talon S., Zahn J.ŋP., 1997, A& A 317, 749 Wagenhuber J., Weiss A., 1994, A& A 290, 807 Weaver T.A., Zimmerman G.B., Woosley S.E., 1978, ApJ 225, 1021 Zahn J.P., 1992, A&A, 265, 115 Zahn J.P., 1994, in: Evolution of Massive Stars: A Confrontation beŋ

tween Theory and Observations, D. Vanbeveren et al., eds., Kluwer, Dordrecht, p. 285 Zwickgraf F.ŋJ., 1989, in: Physics of Luminous Blue Variables, proc.

IAUŋColloq. 113, eds. K. Davidson, A. Moffat, p. 117

This article was processed by the author using SpringerŋVerlag LaTEX A&A style ^le LŋAA version 3.